
Self-Interacting Neutrinos and their connection 
with 21-cm Radiation and GRB

Vikram Discussion on Neutrino Astrophysics  - 2025  
PRL Ahmedabad

Based on: M. Dhuria and B. Gupta Teli , Phys.Rev.D 110(2024)12,123033 (arXiv: 2406.19279 [hep-ph]),  
M. Dhuria, Phys.Rev.D109(2024)6,063007 (arXiv: 2309.12264[hep-ph]),  

   

Mansi Dhuria

Pandit Deendayal Energy University 

 Gandhinagar, Gujarat, India



PE

Brief overview of the self-interacting nature of SM neutrinos 
and their effect on cosmology. 

Various astrophysical and cosmological implications of self-
interacting neutrinos. 

Overview of 21-cm Radiation Physics . 

Connection of self-interacting neutrinos with 21-cm radiation 

Connection of self-interacting neutrinos with GRB bursts. 

Summary and open directions. 

Outline



In Standard model, we have three active neutrinos νa, a = e, μ, τ

General Understanding: Neutrinos interact “weakly” with the rest, as well as with themselves.

ℒ ⊃
1
2

gijν̄iνjϕ, gij = gδij

ℒ ⊃ Geffν̄νν̄ν, Geff =
g2

m2
ϕ

A new Phenomenological Model motivated by 
Cosmology 

Neutrinos play an important role in early Universe Cosmology. The results from CMB 
measurements put stringent constraints on the masses of neutrino                 eV. mν < 0.12

The mediator could be scalar or vector mediator. 

Typical mass of mediator : mϕ ≥ MeV

3

where cs(z) ⇡ 1/
p
3 is the speed of sound in the baryon-

photon plasma. We can see from eq. 3 that the de-
crease in the phase shift �⌫ due to self-interactions of
neutrinos will shift the position of CMB multiple to-
wards high l values. In order to compensate for the
shift to match with the observed power spectrum, we
have to increase ✓⇤. This can be achieved by increasing
the value of D⇤

A
, while keeping r⇤

s
unchanged. In flat

⇤CDM model, the Hubble constant evolves with redshift
z as H(z) = H0

p
⌦r(1 + z)4 + ⌦m(1 + z)3 + ⌦⇤, where

⌦m, ⌦r and ⌦⇤ corresponds to the fraction of the en-
ergy density acquired by matter, radiation and vacuum
in the universe. If we slightly increase the value of H0

such that there is increase in the value H(z) at low red-
shift while there is negligible change for H(z) at high
redshifts, we will be able to enhance ✓⇤ such that the
observed CMB multipole l would remain unchanged. In
this way, the presence of self-interacting neutrinos neces-
sitates a higher value of H0, thus alleviating the Hubble
tension.
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FIG. 1: Feynman diagrams representing the non-standard in-
teraction between neutrinos ⌫i for i = e, µ, ⌧ .

The self neutrino interactions are governed by the fol-
lowing non-renormalizable interaction term:

L � Gij

e↵(⌫̄i⌫i)(⌫̄i⌫i), (6)

where Ge↵ corresponds to e↵ective coupling and ⌫i =
⌫e, ⌫⌫ , ⌫⌧ . In the early universe, this interaction can be
mediated by heavy/light scalars as shown in Feynman
diagram given in fig. 1. It has been found in [12, 13]
that the strength of self-interacting neutrino required to
get the required value of Hubble constant can be cate-
gorized in two regimes, namely strongly-interacting neu-
trino (SI⌫) and moderately-interacting neutrino (MI⌫).
The values of Ge↵ in both regimes are given by :

Ge↵ =

(
(4.7+0.4

�0.6 MeV)�2, SI⌫

(89+171
�61 MeV)�2, MI⌫.

(7)

These values are subjected to severe constraints from dif-
ferent laboratory experiments as well as cosmological ob-
servations [19, 20]. However, we note that after taking
into account all the constraints, there is a small amount of
parameter space left for ⌧ -generation of neutrinos. Thus,
it is interesting to explore whether the viable regime of
Ge↵ is also consistent with the self-interaction strength
required to explain the right value of KeV-sterile neutrino
relic abundance via DW mechanism.

III. KEV-STERILE NEUTRINO DARK
MATTER

In this section, we review the role of self-interacting
neutrinos in generating the relic abundance of KeV-
sterile neutrino DM. The KeV-scale sterile neutrino has
been considered to be a popular warm DM candidate,
alleviating all issues related to small scale structure of
the universe. There exists numerous methods of pro-
ducing sterile neutrinos in the early universe such as
non-resonant Dodelson-Widrow mechanism [25], reso-
nant neutrino oscillations in the presence of lepton asym-
metry [43], inflaton decay [44], decay of heavier parti-
cles [45, 46] etc. Given that the standard DW mechanism
produces sterile neutrino DM without including a lot of
ingredients from the early universe and physics beyond
SM, it has been considered as one of the attractive mech-
anisms to generate the relic abundance of KeV-sterile
neutrino. In the following subsections, we briefly discuss
the calculation of relic abundance of sterile neutrino DM
obtained through standard DW mechanism and modified
DW mechanism in the presence of self-interacting neutri-
nos respectively.

A. Standard Dodelson-Widrow Mechanism

The standard Dodelson-Widrow (DW) mechanism
postulates the existence of an additional SM singlet neu-
trino as realistic WDM candidate [25]. In the flavor ba-
sis, it can be written as a linear combination of active
(SM) ⌫i and sterile neutrino ⌫4, with physical eigenstate
⌫s = ⌫i sin ✓ + ⌫4 cos ✓, with ⌫i = ⌫e, ⌫µ, ⌫⌧ . The angle ✓
measures the mixing between the SM and sterile neutri-
nos. For all practical purposes, we consider ✓ << 1.

In the early universe, the active neutrinos remain in
thermal equilibrium with all other particles while the
sterile neutrinos do not any have any interaction with
SM particles (except feeble interaction with active neu-
trinos). Therefore, it is assumed that the sterile neutrino
has negligible initial abundance. As sterile neutrinos gets
mixed with active neutrino at tree-level, the most e�-
cient production method of sterile neutrino remains due
to active to sterile (⌫i ! ⌫s) oscillations through a mech-
anism similar to the SM neutrino oscillations. Basically,
while neutrino eigenstates propagate freely in the plasma
for some time, they acquire a small component of sterile
neutrino eigenstate. Eventually, the quantum mechanical
“measurement” collapses the neutrino eigenstate into a
sterile state with a small probability. This process contin-
ues until the active neutrinos decouple from the thermal
plasma. After decoupling, the sterile neutrinos present
at that time “freezes in” and left with a non-negligible
relic abundance.

The production of KeV-sterile neutrino DM through
DW mechanism can be described with the help of the
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The thermal average scattering cross section of neutrino:

where gij is the coupling between � and the neutrino flavors i and j
1. When the temperature of

the neutrino bath (T⌫) cools down below the mass of �, i.e., T⌫ ⌧ M�, a four-Fermi interactions
among the neutrinos, similar to Eq.(1.1), is generated as follows

L � G
(ijkl)
e↵ ⌫̄i⌫j ⌫̄k⌫l, G

(ijkl)
e↵ ⌘

gijgkl

M
2
�

. (2.2)

Here we note that for a general interaction of � with any two flavors of neutrino, the four-Fermi

interaction strength G
(ijkl)
e↵ in Eq.(2.2) has four indices for a process like ⌫i + ⌫j ! ⌫k + ⌫l.

Therefore, the most general scenario would involve many di↵erent couplings for di↵erent flavor
combinations. In such a case, the energy and momentum of individual neutrino species will not
be conserved and one will need to incorporate energy and momentum transfer between di↵erent
species in the perturbation equations [17]. However, in this work we limit ourselves to a simpler
scenario as described below. We consider only diagonal interactions in the flavor space with
di↵erent coupling strengths:

L � G
(i)
e↵ ⌫̄i⌫i⌫̄i⌫i . (2.3)

This assumption introduces only three new SINU parameters: G(1)
e↵ , G

(2)
e↵ andG

(3)
e↵ . As mentioned

earlier, in this work we fix the number of neutrino flavors to three with all of them having a
same temperature T⌫ . However, because of the complete equivalence of the interacting states in
the context of CMB, we need to consider only one common coupling parameter Ge↵ for all the
interacting states for a given scenario.

We also assume M� > 1MeV to avoid BBN constraints on extra relativistic species around
plasma temperature T ⇠ 1MeV [68, 69]. The four-Fermi interaction picture is valid only below
T⌫ = M� when � cannot be produced from scattering of the neutrinos. However forM� > 1MeV,
its population is Boltzmann suppressed and hence does not a↵ect the evolution of the density
fluctuations during the period (T < 100 eV) relevant to the present analysis. The annihilation
and decay of � into neutrino increases the temperature of the neutrino bath, but this is model-
dependent and we do not take this extra heating into account in this work.2

Using dimensional analysis, the thermally averaged scattering cross section between the i-
th neutrino state goes as h�vi ⇠ (Ge↵)2T 2

⌫ . Therefore the interaction rate scales as �⌫ ⌘ n⌫h�vi

⇠ (Ge↵)2T 5
⌫ because of the T 3

⌫ -scaling of the neutrino number density. We absorb all other model-
dependent prefactors of the interaction rate into Ge↵ . The comoving neutrino self-interaction
opacity ⌧̇⌫ is defined as

⌧̇⌫ = �a(Ge↵)
2
T
5
⌫ , (2.4)

where a is the scale factor of the Universe. Note that the T
5
⌫ -scaling of the opacity is a char-

acteristic of the four-Fermi interaction. The neutrinos are self-interacting when the interaction
rate ⌧̇⌫ is greater than the comoving Hubble expansion rate aH, i.e., ⌧̇⌫ > aH. The interaction
freezes-out when ⌧̇⌫ drops below the Hubble expansion rate at a redshift zdec which is given by

1 + zdec ' 1.8⇥ 104
✓

Ge↵

10�2MeV�2

◆� 2
3

. (2.5)

1Note that the mediator could also be a vector particle which would change the details of the interaction, but
the phenomenological aspect of the model remains the same.

2Although, we note that in a concrete model, the heating due to � leads to a larger Ne↵ which could help
increase the Hubble parameter to some extent.

– 5 –

where gij is the coupling between � and the neutrino flavors i and j
1. When the temperature of

the neutrino bath (T⌫) cools down below the mass of �, i.e., T⌫ ⌧ M�, a four-Fermi interactions
among the neutrinos, similar to Eq.(1.1), is generated as follows

L � G
(ijkl)
e↵ ⌫̄i⌫j ⌫̄k⌫l, G

(ijkl)
e↵ ⌘

gijgkl

M
2
�

. (2.2)

Here we note that for a general interaction of � with any two flavors of neutrino, the four-Fermi

interaction strength G
(ijkl)
e↵ in Eq.(2.2) has four indices for a process like ⌫i + ⌫j ! ⌫k + ⌫l.

Therefore, the most general scenario would involve many di↵erent couplings for di↵erent flavor
combinations. In such a case, the energy and momentum of individual neutrino species will not
be conserved and one will need to incorporate energy and momentum transfer between di↵erent
species in the perturbation equations [17]. However, in this work we limit ourselves to a simpler
scenario as described below. We consider only diagonal interactions in the flavor space with
di↵erent coupling strengths:

L � G
(i)
e↵ ⌫̄i⌫i⌫̄i⌫i . (2.3)

This assumption introduces only three new SINU parameters: G(1)
e↵ , G

(2)
e↵ andG

(3)
e↵ . As mentioned

earlier, in this work we fix the number of neutrino flavors to three with all of them having a
same temperature T⌫ . However, because of the complete equivalence of the interacting states in
the context of CMB, we need to consider only one common coupling parameter Ge↵ for all the
interacting states for a given scenario.

We also assume M� > 1MeV to avoid BBN constraints on extra relativistic species around
plasma temperature T ⇠ 1MeV [68, 69]. The four-Fermi interaction picture is valid only below
T⌫ = M� when � cannot be produced from scattering of the neutrinos. However forM� > 1MeV,
its population is Boltzmann suppressed and hence does not a↵ect the evolution of the density
fluctuations during the period (T < 100 eV) relevant to the present analysis. The annihilation
and decay of � into neutrino increases the temperature of the neutrino bath, but this is model-
dependent and we do not take this extra heating into account in this work.2

Using dimensional analysis, the thermally averaged scattering cross section between the i-
th neutrino state goes as h�vi ⇠ (Ge↵)2T 2

⌫ . Therefore the interaction rate scales as �⌫ ⌘ n⌫h�vi

⇠ (Ge↵)2T 5
⌫ because of the T 3

⌫ -scaling of the neutrino number density. We absorb all other model-
dependent prefactors of the interaction rate into Ge↵ . The comoving neutrino self-interaction
opacity ⌧̇⌫ is defined as

⌧̇⌫ = �a(Ge↵)
2
T
5
⌫ , (2.4)

where a is the scale factor of the Universe. Note that the T
5
⌫ -scaling of the opacity is a char-

acteristic of the four-Fermi interaction. The neutrinos are self-interacting when the interaction
rate ⌧̇⌫ is greater than the comoving Hubble expansion rate aH, i.e., ⌧̇⌫ > aH. The interaction
freezes-out when ⌧̇⌫ drops below the Hubble expansion rate at a redshift zdec which is given by

1 + zdec ' 1.8⇥ 104
✓

Ge↵

10�2MeV�2

◆� 2
3

. (2.5)

1Note that the mediator could also be a vector particle which would change the details of the interaction, but
the phenomenological aspect of the model remains the same.

2Although, we note that in a concrete model, the heating due to � leads to a larger Ne↵ which could help
increase the Hubble parameter to some extent.

– 5 –

where gij is the coupling between � and the neutrino flavors i and j
1. When the temperature of

the neutrino bath (T⌫) cools down below the mass of �, i.e., T⌫ ⌧ M�, a four-Fermi interactions
among the neutrinos, similar to Eq.(1.1), is generated as follows

L � G
(ijkl)
e↵ ⌫̄i⌫j ⌫̄k⌫l, G

(ijkl)
e↵ ⌘

gijgkl

M
2
�

. (2.2)

Here we note that for a general interaction of � with any two flavors of neutrino, the four-Fermi

interaction strength G
(ijkl)
e↵ in Eq.(2.2) has four indices for a process like ⌫i + ⌫j ! ⌫k + ⌫l.

Therefore, the most general scenario would involve many di↵erent couplings for di↵erent flavor
combinations. In such a case, the energy and momentum of individual neutrino species will not
be conserved and one will need to incorporate energy and momentum transfer between di↵erent
species in the perturbation equations [17]. However, in this work we limit ourselves to a simpler
scenario as described below. We consider only diagonal interactions in the flavor space with
di↵erent coupling strengths:

L � G
(i)
e↵ ⌫̄i⌫i⌫̄i⌫i . (2.3)

This assumption introduces only three new SINU parameters: G(1)
e↵ , G

(2)
e↵ andG

(3)
e↵ . As mentioned

earlier, in this work we fix the number of neutrino flavors to three with all of them having a
same temperature T⌫ . However, because of the complete equivalence of the interacting states in
the context of CMB, we need to consider only one common coupling parameter Ge↵ for all the
interacting states for a given scenario.

We also assume M� > 1MeV to avoid BBN constraints on extra relativistic species around
plasma temperature T ⇠ 1MeV [68, 69]. The four-Fermi interaction picture is valid only below
T⌫ = M� when � cannot be produced from scattering of the neutrinos. However forM� > 1MeV,
its population is Boltzmann suppressed and hence does not a↵ect the evolution of the density
fluctuations during the period (T < 100 eV) relevant to the present analysis. The annihilation
and decay of � into neutrino increases the temperature of the neutrino bath, but this is model-
dependent and we do not take this extra heating into account in this work.2

Using dimensional analysis, the thermally averaged scattering cross section between the i-
th neutrino state goes as h�vi ⇠ (Ge↵)2T 2

⌫ . Therefore the interaction rate scales as �⌫ ⌘ n⌫h�vi

⇠ (Ge↵)2T 5
⌫ because of the T 3

⌫ -scaling of the neutrino number density. We absorb all other model-
dependent prefactors of the interaction rate into Ge↵ . The comoving neutrino self-interaction
opacity ⌧̇⌫ is defined as

⌧̇⌫ = �a(Ge↵)
2
T
5
⌫ , (2.4)

where a is the scale factor of the Universe. Note that the T
5
⌫ -scaling of the opacity is a char-

acteristic of the four-Fermi interaction. The neutrinos are self-interacting when the interaction
rate ⌧̇⌫ is greater than the comoving Hubble expansion rate aH, i.e., ⌧̇⌫ > aH. The interaction
freezes-out when ⌧̇⌫ drops below the Hubble expansion rate at a redshift zdec which is given by

1 + zdec ' 1.8⇥ 104
✓

Ge↵

10�2MeV�2

◆� 2
3

. (2.5)

1Note that the mediator could also be a vector particle which would change the details of the interaction, but
the phenomenological aspect of the model remains the same.

2Although, we note that in a concrete model, the heating due to � leads to a larger Ne↵ which could help
increase the Hubble parameter to some extent.

– 5 –

The neutrino interaction rate in the presence of new self-interaction of neutrinos: 
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Figure 2: Variation of the neutrino self-interaction opacity ⌧̇⌫ relative to the Hubble expansion
rate H with redshift for Ge↵ = 10�1.86MeV�2 (dark blue, solid), 10�4.79MeV�2 (light blue,
dashed), and GF (light brown, dot-dashed). The chosen values of Ge↵ are the best-fit values for
SI and MI mode in 3c+ 0f scenario with Planck temperature and polarization data. The top
axis shows the angular multipole `H corresponding to the modes that enter horizon at redshift
z. The epochs of neutrino decoupling in ⇤CDM and the matter-radiation equality are shown as
gray-shaded region.

In the above equation, we have set other background cosmological parameters to their ⇤CDM
best-fit values and assumed the decoupling to take place in radiation domination era. We show
the relative strength of the neutrino self-interaction to the Hubble expansion rate in figure 2.
From figure 2, we see that the neutrinos are interacting with each other until z ' 4000 for
Ge↵ = 10�1.86MeV�2 which is much later than SM neutrino decoupling (z ' 109). For the MI
modes the decoupling happens at z > a few ⇥ 105. The neutrino decoupling for the SI mode
happens very close to the matter-radiation equality which has interesting implications that will
be discussed later.

Note that, because of the massless approximation, the structure of the interaction matrix
does not change during propagation. However, this will not be true in case of massive neutrinos
because of mixing between di↵erent flavor eigenstates. In that case, interaction of a particular
flavor will generate interaction among di↵erent mass eigenstates depending on the structure of
the mixing matrix. However, in our case, there is no mass mixing and the flavor eigenstates are
the eigenstates of the Hamiltonian due to massless approximation.
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Neutrino decoupling redshift: 

Cosmology of Self-Interacting Neutrinos
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Figure 4: CMB TT and EE angular power spectra for 3c+ 0f (red, solid), 2c+ 1f (blue,
dotted), and 1c+ 2f (green, dashed) scenarios are shown in the top panels. The ⇤CDM power
spectra are also shown for comparison in solid black. The parameters for the ⇤CDM spectra
correspond to the best-fit points for the TT,TE,EE+lowE dataset. The bottom panels show the
relative changes from the ⇤CDM spectra. For SINU plots, we have set log10(Ge↵/MeV�2) = �1
and the rest of the parameters are fixed to their ⇤CDM best-fit values. We also show the binned
Planck 2018 data in both the plots as black circles with errorbar. The enhancement and the
phase shift of the CMB spectra are evident from the bottom panels. Both the e↵ects increase
with the number of self interacting neutrino species.

fractional energy density of free streaming neutrinos which, in radiation domination, is given by

R⌫ =
⇢⌫

⇢⌫ + ⇢�
. (2.8)

In the radiation domination era R⌫ ⇠ 0.41 in ⇤CDM. Therefore, the suppression of neutrino
anisotropic stress due to SINU during this period plays an important role in enhancing the
gravitational potentials � and  , as can be seen from figure 3. The gravitational potentials in
turn a↵ect the evolution of the photon perturbations as can be seen in the bottom-right panel
of figure 3.

The changes in the CMB power spectrum in figure. 4 can be understood as a result of
change in the propagation speed for perturbation of the neutrinos as explained below following
Refs. [73, 74]. In ⇤CDM cosmology, the neutrino perturbations travel at the speed of light
while the perturbations in the photon-baryon fluid propagates at the speed of sound cs ' 1/

p
3.

Therefore, the neutrinos tend to create perturbations ahead of the sound horizon. This creates a
phase shift �⌫ in the acoustic oscillations of the photon [73] , which in the radiation domination,
is given by

�⌫ ' 0.19⇡R⌫ . (2.9)

– 9 –

A. Das and S. Ghosh,  astro-ph/2011.12315

CMB TT and EE angular power spectra for 3 interacting neutrinos, 2 interacting neutrinos and 
one interacting neutrino. 
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Geff = (4.7+0.4
−0.6 MeV)−2(strongly interacting), Geff = (89+171

−61 MeV)−2(moderately interacting)

GF = (2.9 × 105 MeV)−2(Standard Model)

Racine and Sigurdson, astro-ph/1306.1536 
Lancaster et. al., astro-ph/1704.06657 
Kreisch et. al., astro-ph/1902.05534 
A. Das and S. Ghosh,  astro-ph/2011.12315 

ℒ ⊃
1
2

gijν̄iνjϕ, gij = gδij

ℒ ⊃ Geffν̄νν̄ν, Geff =
g2

m2
ϕ

3

where cs(z) ⇡ 1/
p
3 is the speed of sound in the baryon-

photon plasma. We can see from eq. 3 that the de-
crease in the phase shift �⌫ due to self-interactions of
neutrinos will shift the position of CMB multiple to-
wards high l values. In order to compensate for the
shift to match with the observed power spectrum, we
have to increase ✓⇤. This can be achieved by increasing
the value of D⇤

A
, while keeping r⇤

s
unchanged. In flat

⇤CDM model, the Hubble constant evolves with redshift
z as H(z) = H0

p
⌦r(1 + z)4 + ⌦m(1 + z)3 + ⌦⇤, where

⌦m, ⌦r and ⌦⇤ corresponds to the fraction of the en-
ergy density acquired by matter, radiation and vacuum
in the universe. If we slightly increase the value of H0

such that there is increase in the value H(z) at low red-
shift while there is negligible change for H(z) at high
redshifts, we will be able to enhance ✓⇤ such that the
observed CMB multipole l would remain unchanged. In
this way, the presence of self-interacting neutrinos neces-
sitates a higher value of H0, thus alleviating the Hubble
tension.

⌫i ⌫i

⌫i ⌫i

�

⌫i

⌫i

⌫i

⌫i

FIG. 1: Feynman diagrams representing the non-standard in-
teraction between neutrinos ⌫i for i = e, µ, ⌧ .

The self neutrino interactions are governed by the fol-
lowing non-renormalizable interaction term:

L � Gij

e↵(⌫̄i⌫i)(⌫̄i⌫i), (6)

where Ge↵ corresponds to e↵ective coupling and ⌫i =
⌫e, ⌫⌫ , ⌫⌧ . In the early universe, this interaction can be
mediated by heavy/light scalars as shown in Feynman
diagram given in fig. 1. It has been found in [12, 13]
that the strength of self-interacting neutrino required to
get the required value of Hubble constant can be cate-
gorized in two regimes, namely strongly-interacting neu-
trino (SI⌫) and moderately-interacting neutrino (MI⌫).
The values of Ge↵ in both regimes are given by :

Ge↵ =

(
(4.7+0.4

�0.6 MeV)�2, SI⌫

(89+171
�61 MeV)�2, MI⌫.

(7)

These values are subjected to severe constraints from dif-
ferent laboratory experiments as well as cosmological ob-
servations [19, 20]. However, we note that after taking
into account all the constraints, there is a small amount of
parameter space left for ⌧ -generation of neutrinos. Thus,
it is interesting to explore whether the viable regime of
Ge↵ is also consistent with the self-interaction strength
required to explain the right value of KeV-sterile neutrino
relic abundance via DW mechanism.

III. KEV-STERILE NEUTRINO DARK
MATTER

In this section, we review the role of self-interacting
neutrinos in generating the relic abundance of KeV-
sterile neutrino DM. The KeV-scale sterile neutrino has
been considered to be a popular warm DM candidate,
alleviating all issues related to small scale structure of
the universe. There exists numerous methods of pro-
ducing sterile neutrinos in the early universe such as
non-resonant Dodelson-Widrow mechanism [25], reso-
nant neutrino oscillations in the presence of lepton asym-
metry [43], inflaton decay [44], decay of heavier parti-
cles [45, 46] etc. Given that the standard DW mechanism
produces sterile neutrino DM without including a lot of
ingredients from the early universe and physics beyond
SM, it has been considered as one of the attractive mech-
anisms to generate the relic abundance of KeV-sterile
neutrino. In the following subsections, we briefly discuss
the calculation of relic abundance of sterile neutrino DM
obtained through standard DW mechanism and modified
DW mechanism in the presence of self-interacting neutri-
nos respectively.

A. Standard Dodelson-Widrow Mechanism

The standard Dodelson-Widrow (DW) mechanism
postulates the existence of an additional SM singlet neu-
trino as realistic WDM candidate [25]. In the flavor ba-
sis, it can be written as a linear combination of active
(SM) ⌫i and sterile neutrino ⌫4, with physical eigenstate
⌫s = ⌫i sin ✓ + ⌫4 cos ✓, with ⌫i = ⌫e, ⌫µ, ⌫⌧ . The angle ✓
measures the mixing between the SM and sterile neutri-
nos. For all practical purposes, we consider ✓ << 1.

In the early universe, the active neutrinos remain in
thermal equilibrium with all other particles while the
sterile neutrinos do not any have any interaction with
SM particles (except feeble interaction with active neu-
trinos). Therefore, it is assumed that the sterile neutrino
has negligible initial abundance. As sterile neutrinos gets
mixed with active neutrino at tree-level, the most e�-
cient production method of sterile neutrino remains due
to active to sterile (⌫i ! ⌫s) oscillations through a mech-
anism similar to the SM neutrino oscillations. Basically,
while neutrino eigenstates propagate freely in the plasma
for some time, they acquire a small component of sterile
neutrino eigenstate. Eventually, the quantum mechanical
“measurement” collapses the neutrino eigenstate into a
sterile state with a small probability. This process contin-
ues until the active neutrinos decouple from the thermal
plasma. After decoupling, the sterile neutrinos present
at that time “freezes in” and left with a non-negligible
relic abundance.

The production of KeV-sterile neutrino DM through
DW mechanism can be described with the help of the

2

• Dirac neutrinos disfavored: Mediator-neutrino
interactions thermalize the right-handed compo-
nents of Dirac neutrinos, significantly increasing
the number of neutrino species at BBN. This ex-
cludes nearly all scenarios except the MI⌫ regime
with couplings to ⌫⌧ .

• Minimal seesaw models disfavored: Achieving
the necessary interaction strength from a gauge-
invariant, UV-complete model, while simultane-
ously accounting for neutrino masses is challenging
in minimal seesaw models.

This work is organized as follows: Sec. II demonstrates
that a light new particle is required to generate the in-
teraction in Eq. (1) with appropriate strength; Sec. III
presents cosmological bounds on this scenario; Sec. IV
discusses corresponding laboratory constraints; Sec. V
shows how Eq. (1) can arise in UV complete models; fi-
nally, Sec. VI o↵ers some concluding remarks.

II. THE NECESSITY OF A LIGHT MEDIATOR

Refs. [20–22, 24] assume that all left-handed (LH)
neutrinos undergo 2 ! 2 flavor-universal scattering de-
scribed by the interaction in Eq. (1). The largest detected
CMB multipoles correspond to modes that entered the
horizon when the neutrino temperature was < 100 eV.
This sets the characteristic energy scale of scattering re-
actions during this epoch: it is important that the form
of the Lagrangian in Eq. (1) is valid at this tempera-
ture. At higher energies, however, this description breaks
down. As previously noted in [18, 20–22], the operator
in Eq. (1) is non-renormalizable, and thus is necessarily
replaced by a di↵erent interaction with new degree(s) of
freedom at a scale higher than the ⇠ O(100 eV) energies
probed by the CMB (see Ref. [25] for a review).

The interaction in Eq. (1) can be mediated by a par-
ticle � with mass m� and coupling to neutrinos g�:

L � �
1

2
m

2

��
2 +

1

2
(g↵�� ⌫↵⌫��+ h.c.), (3)

where ⌫↵ are two-component left-handed neutrinos, and
we allow for generic flavor structure g

↵�
� of the interac-

tion. In Eq. (3) we have assumed that � is a real scalar;
our conclusions are unchanged if � is CP-odd or complex.
Vector forces face stronger constraints than scalars, as
discussed below.

Using Eq. (3), we see that the ⌫⌫ ! ⌫⌫ scattering am-
plitude is M / g

2

�/(m
2

� � q
2). If the momentum transfer

q satisfies |q2| ⌧ m
2

�, then M / Ge↵

⇣
1 + q

2
/m

2

� + · · ·

⌘
,

where

Ge↵ ⌘
g
2

�

m
2

�

= (10 MeV)�2

⇣
g�

10�1

⌘2
✓
MeV

m�

◆2

. (4)

If m2

� ⌧ |q
2
|, M / g

2

�/q
2, leading to qualitatively di↵er-

ent energy dependence for neutrino self-interactions; this

regime was investigated in Refs. [26, 27], which found no
improvement in the H0 tension.2 Thus, we focus on mod-
els with a new particle � for which m

2

� � |q
2
| at energy

scales relevant to the CMB.
Throughout this epoch, neutrinos are relativistic, so

the typical momentum transfer is |q
2
| ⇠ T

2

⌫ . Eq. (4) is
valid if m� � T⌫ . Comparing the values in Eq. (2) to
Ge↵ in Eq. (4),

m� ' (4� 200)⇥ |g�|MeV . (5)

Since perturbativity requires g� . 4⇡, a new sub-GeV
state is required to realize this self-interacting-neutrino
solution. Since T⌫ < 100 eV at horizon entry of the high-
est observed CMB multipoles, the validity of Eq. (1) in
the analyses of [18, 20–22, 24] requires m� & keV (as
noted in [22]). From Eq. (5), this translates to

m� & keV =) |g�| & 10�4
. (6)

This bounds the allowed ranges of m� and g�. Note that
Eq. (5) precludes the new self-interactions from being
described within Standard Model e↵ective theory with
no light states below the weak scale [28].
Finally, we note that Eq. (3) is not gauge-invariant at

energies above the scale of electroweak symmetry break-
ing (EWSB). We explore UV completions in Sec. V.

III. COSMOLOGICAL BOUNDS

Successful predictions of BBN provide a powerful
probe of additional light species. New particles in ther-
mal equilibrium with neutrinos increase the expansion
rate during BBN as extra relativistic degrees of freedom
or by heating neutrinos relative to photons. Away from
mass thresholds, both e↵ects are captured by a constant
shift in Ne↵ , the e↵ective number of neutrinos. We find
that the observed light element abundances constrain
�Ne↵ < 0.5 (0.7) at 95% CL for the SI⌫- (MI⌫-) pre-
ferred values of the baryon density, as detailed in App. A.
We emphasize that large �Ne↵ ' 1 at CMB times

is crucial for the MI⌫ and SI⌫ results [22]. Since BBN
does not prefer large Ne↵ , the self-interacting neutrino
framework requires an injection of energy between nu-
cleosynthesis and recombination, e.g., via late equilibra-
tion of a dark sector [36]. Such scenarios may face ad-
ditional constraints. To remain model-independent, we
only consider the implications of BBN for the mediator
(and right-handed neutrinos if they are Dirac particles)
needed to implement strong neutrino self-interactions.

2
Unlike Ref. [22], Refs. [26, 27] fixed Ne↵ and

P
m⌫ , but we note

that a light mediator would a↵ect multipoles between the first

acoustic peak and the di↵usion scale. This should be contrasted

with the massive mediator case where the self-interaction e↵ects

are larger at higher multipoles, allowing for non-standard values

of Ne↵ and
P

m⌫ to compensate. A strongly-interacting mode

could exist here, but is unlikely to result in a larger value of H0

after accounting for Ne↵ and
P

m⌫ e↵ects, since these impact

higher-` modes of the CMB spectrum.

Resolving Hubble Tension: self-interacting neutrinos



Constraints from Cosmology

• The two-mode puzzle: Confronting self-interacting neutrinos with the full shape of 
the galaxy power spectrum D. Camarena et al, arXiv:astro-ph/2406.19279. 

• Self-Interacting Neutrinos in Light of Large-Scale Structure Data, Adam He et al., 
arXiv:astro-ph/2309.03956. 

• Strong constraints on a simple self-interacting neutrino cosmology, arXiv: astro-ph/
2403.05496. 

• Massive neutrino self-interactions with a light mediator in cosmology, J. Venzor et al, 
arXiv: astro-ph/2202.09310. 



Ruled out by X-ray observations

Guo et. al, astro-ph/2209.11045 

KeV- Sterile Neutrino Dark Matter via Dodelson-Widrow 
Mechanism

• The sterile neutrino do not have strong interactions with SM 
particles and neutrinos.  

• As SM neutrinos propagates through thermal plasma, they 
acquire the sterile neutrino component due to oscillations 
between active and sterile neutrinos. 



Constraints from keV sterile neutrino Dark Matter

MW,Z ≥ Tpeak

Mφ ≲ TpeakMφ > Tpeak

What changes in the DW mechanism?

S.M S.M + Self-Interactions 

M. Sen et. al., Phys.Rev.Lett. 124 (2020) 8, 081802,  e-Print: 1910.04901 [hep-ph] 
M.Sen et. al., Phys.Rev.D 101 (2020) 11, 115031 , e-print: 2005.03681  

Modified Dodelson Widrow Mechanism: production of KeV sterile neutrino through 
oscillations via self-interactions of neutrinos

Sterile Neutrino in SM

MW,Z ≥ Tpeak

Mφ ≲ TpeakMφ > Tpeak

What changes in the DW mechanism?

S.M S.M + Self-Interactions 

Sterile Neutrino through self-interactions

Production: the Dodelson-Widrow mechanism
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f⌫s(E, t) =


1

2
sin2 (2✓M (E, t))�(E, t)

�

⇥fa(E, t), (8)

where fa(E, t) and f⌫s(E, t) correspond to the time-
dependent momentum distribution function of the active
and sterile neutrino, respectively, ✓M (E, t) corresponds
to the mixing angle in the matter, �(E, t) = 7⇡

24G
2
F
ET 4

is the interaction rate of active neutrinos in the presence
of SM weak interactions, and H is the Hubble parameter.
The relic abundance is given by

⌦⌫s(0) =
n⌫s(0)

⇢DM
=

m⌫s⇢⌫s(0)

⇢DM(0)
, (9)

with n⌫s(0) =
R1
0

d
3
E

(2⇡)3 f⌫s(E). With an appropriate
choice of m⌫s and the mixing angle ✓M , the DW mech-
anism can produce enough sterile neutrinos to make up
for the DM relic abundance observed today. However,
this possibility has been ruled out by X-Ray observa-
tions and phase-space considerations. The analysis of
DM phase-space distribution in dwarf galaxies gives a
lower bound on mDM > 2 KeV [28–31]. The X-Ray ob-
servation has excluded almost the whole parameter space
of m⌫s�sin2 2✓ required to explain the relic abundance of
sterile neutrino DM using DW mechanism [32–37]. The
resulting parameter space of m⌫s�sin2 2✓ is shown as the
solid black line in fig 4. We can clearly see that the entire
parameter space is ruled out by X-Ray observations.

B. Dodelson-Widrow Mechanism with
Self-Interacting Neutrinos

Recently, the modified Dodelson-Widrow mechanism
has been proposed by considering self-interactions of ac-
tive neutrinos mediated by scalar/vector particles [22].
The interaction term of neutrinos with a new scalar me-
diator is given by

L �
��

2
⌫i⌫i�+ h.c. (10)

where i = ⌫e, ⌫µ, ⌫⌧ corresponds to the generation of ac-
tive neutrinos.

For active neutrino temperature T and fixed neutrino
energy E = xT , the distribution function of sterile neu-
trino as a function of temperature is given by

df⌫s

dz
=

� sin2 2✓eff
4Hz

f⌫i , (11)

where

sin2 2✓eff u �2 sin2 ✓

�2 sin2 ✓ + �2

4 + (� cos 2✓ � VT )2
. (12)

Here z = µ

T
is a dimensionless variable with µ = 1

MeV, � = m
2
4

2E is the oscillation frequency of neutrinos

in vacuum, � corresponds to the total interaction rate
for self-interacting active neutrinos, ✓eff is the e↵ective
mixing angle of sterile neutrino in the presence of self-
interactions of active neutrino, f⌫s and f⌫a corresponds
to the phase-space distribution function for sterile and ac-
tive neutrinos respectively, and VT is the thermal poten-
tial. The active-neutrino self-interaction rate � is given
by [22]:

�� =

Z
d3ptar
(2⇡)3

1

e(Etar/T )+ 1
�(⌫a⌫a $ ⌫a⌫a) vMøller.

(13)

Here vMøller =
q

(~vin � ~vtar)
2
� (~vin ⇥ ~vtar)

2 is the Møller
velocity between the incoming and the target particle and
� is the cross-section given by:

�(⌫a⌫a $ ⌫a⌫a) =
�4
�
s

32⇡
⇣
(s�m2

�
)
2
+m2

�
�2
�

⌘ . (14)

The value of s can be calculated by using s =
2Ein Etar(1 � cos ✓), where E is the energy of scattering
neutrinos and ✓ is the scattering angle.
In the limiting case, it would follow:

�� =

8
<

:

7⇡�4
E1T

4

864m4
�

, if m� >> T

�
2
m

2
�T

8⇡E2
1

(ln(1 + ey)� y) , if m� . T
(15)

where y =
m

2
�

4E1T
. The total interaction rate will be given

by � = �SM + �� + �c

�
, where �SM ⇡ G2

F
ET 4, with Gf

being the Fermi constant.
Similarly, the total thermal potential VT will have con-

tribution from the standard model weak interactions as
well as new self-interaction among neutrinos. The stan-
dard model thermal potential is given by

V SM

T
⇡

GFET 4

M2
W

. (16)

For a mediator mass m�, the thermal potential arising
from self-interaction of neutrinos is given by

V �

T
(E, T ) =

�2
�

16⇡2E2

Z 1

0
dp

" 
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�
p
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#
, (17)

where

L+
1 (E, p) = ln

4pE +m2
�

4pE �m2
�

,

L+
2 (E, p) = ln

⇣
2pE + 2E! +m2
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�
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⌘ ,

with w =
q
p2 +m2

�
. (18)

with
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is the interaction rate of active neutrinos in the presence
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anism can produce enough sterile neutrinos to make up
for the DM relic abundance observed today. However,
this possibility has been ruled out by X-Ray observa-
tions and phase-space considerations. The analysis of
DM phase-space distribution in dwarf galaxies gives a
lower bound on mDM > 2 KeV [28–31]. The X-Ray ob-
servation has excluded almost the whole parameter space
of m⌫s�sin2 2✓ required to explain the relic abundance of
sterile neutrino DM using DW mechanism [32–37]. The
resulting parameter space of m⌫s�sin2 2✓ is shown as the
solid black line in fig 4. We can clearly see that the entire
parameter space is ruled out by X-Ray observations.

B. Dodelson-Widrow Mechanism with
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Recently, the modified Dodelson-Widrow mechanism
has been proposed by considering self-interactions of ac-
tive neutrinos mediated by scalar/vector particles [22].
The interaction term of neutrinos with a new scalar me-
diator is given by
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The value of s can be calculated by using s =
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form Vϕ
T ¼ −7π2λ2ϕET4=ð90m4

ϕÞ for mϕ ≫ T, and Vϕ
T ¼

λ2ϕT
2=ð16EÞ for mϕ ≪ T [25,26].

We numerically integrate Eq. (3) up to z∼10. Note that,
at this temperature, the relativistic approximation is no
longer strictly valid for neutrinos heavier than 100 keV;
however these neutrinos are produced much earlier, and
hence our calculation still holds. The yield Yνs is given by
the rationνs=s, where s is the entropy density of the Universe
at z ¼ 10. The sterile neutrino relic density today can then be
written asΩ ¼ Yνss0m4=ρ0, where s0 ¼ 2891.2 cm−3 is the
entropy density today, and ρ0 ¼ 1.05 × 10−5 h−2GeV=cm3

is the critical density. We identify the points in the parameter
space where ν4 account for all of the DM. These are depicted
in Fig. 2, for fixed m4 ¼ 7.1 keV, θ ¼ 4 × 10−6, and a ¼
muon flavor. Figure 2 reveals that the DM-abundance
constraint is satisfied along the “S-shaped” orange curve.
To understand the shape of the orange curve in Fig. 2, we

enlarge three specific points, labeled by A (green), B (red),
and C (blue). It is possible to derive the dependence ofΩ on
the model parameters by exploiting the behavior of the
right-hand side of Eq. (3) in some limiting cases. We define
z0 as the time when Δ≃jVT j;Γa, after which the effective
mixing angle θeff for νs production is no longer suppressed
relative to the vacuum angle θ. We also define z1 ≡ μ=mϕ

as the time when ϕ becomes heavy relative to the temper-
ature of the Universe. For case A, sterile neutrinos are
mainly produced through the scattering of active neutrinos

[Fig. 1(left)]. In this case, dfνs=dz ∝z8 for z < z0, and
dfνs=dz ∝z−4 for z > z0, which implies that νs is mainly
produced around the time z∼z0. The resulting relic density
is Ω ∝λ3ϕθ

2m4=m2
ϕ. This behavior is depicted by the dotted

green line in Fig. 2(left). For cases B and C, where λϕ ≪ 1,
νs is mainly produced through the decay of on-shell ϕ
[Fig. 1(right)] while it is still light and well populated in the
thermal plasma (z < z1). One can estimate that
z0 ∼10−2ðλϕ=10−5ÞðkeV=m4Þ. For case C, z0 < z1 and
νs is dominantly produced during the epoch z0 < z < z1,
where dfνs=dz is approximately independent from z. The
resulting Ω ∝λ2ϕθ

2=mϕ corresponds to the blue dotted line
in Fig. 2(left). In this case, the effective mixing angle θeff is
close to the vacuum one, θ. In contrast, case B has a
relatively larger λϕ, thus z0 > z1, and νs is mostly produced
while the effective mixing angle is still suppressed due to
thermal effects (θeff ≪ θ), leading to dfνs=dz ∝z4 during
the epoch z < z1. As a result, Ω ∝m4

4θ
2=ðλ2ϕm5

ϕÞ corre-
sponds to the red dotted line in Fig. 2(left).
The z dependence of dfνs=dz for cases A, B, and C,

defined above, is depicted in Fig. 3. The values of θ andm4

are identical to the ones in Fig. 2 and we concentrate on
x ¼ 1 (E ¼ T). Fig. 3 allows one to identify the dominant
sterile-neutrino-production epoch for each case. The black
curve, labeled DW for the original Dodelson-Widrow
scenario, is the result obtained in the absence of new
neutrino interactions. In cases A and B, the effective Fermi
constant Geff ¼ λ2ϕ=m

2
ϕ is much larger than GF and the new

FIG. 2. Region in the λϕ vs mϕ plane where the new neutrino interaction allows for the sterile neutrino to make up all the DM (orange
curve). All other model parameters are fixed: sin2 2θ ¼ 7 × 10−11 and m4 ¼ 7.1 keV. In the left panel, the dotted lines represent the
expected qualitative behavior of constant Ω contours when different approximations, discussed in the text, apply. In the right panel, the
colored-shaded regions are excluded by imposing that the sterile neutrino DM candidate live longer than the age of our Universe
(brown), by constraints from searches for rare charged kaon decays (green), and by BBN (blue). DUNE is sensitive, via the
mononeutrino channel, to the region above the green curve. The purple dashed curve indicates points where Geff ≡ λ2ϕ=m

2
ϕ ¼ GF.
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self-interaction at high temperatures enhances—relative
to the SM—the thermal potential VT , suppressing the
effective mixing angle θeff . As a result, the onset of
sterile-neutrino production in cases A and B is delayed
relative to that in the to the SM. Meanwhile, the new
interaction is able to keep the active neutrino in thermal
equilibrium for a longer period of time, relative to the SM
case. [The extra peak around z ∼ 0.007 on the red curve
(case B) is due to an accidental resonant effect when
Δ cos 2θ ¼ VT in the denominator of Eq. (3).]
Some of the new-physics parameter space can be

explored in the laboratory. For example, Fig. 2(right)
depicts (green shaded region) the region of parameter
space ruled out by searches for Kþ → μþν̄μ þ ðϕ → ννÞ
[27], assuming a is the muon flavor. If mϕ is below a few
MeV [blue shade region in Fig. 2(right)], ϕ production will
significantly modify the expansion rate of the Universe and
affect the success of big bang nucleosynthesis (BBN) [28].
Cosmological observations sensitive to the neutrino free-
streaming length can be inferred from the CMB and
translate into weaker bounds ðλϕ ≳mϕ=30 MeVÞ on the
parameter space [17]. A light mediator ϕ, as discussed

in [17,18], will be radiated during neutrino-matter inter-
actions and will manifest itself as missing transverse
momentum in fixed-target neutrino-scattering experiments.
DUNE is expected to be sensitive to the parameter space
above the thick green curve in Fig. 2(right). Hence, for
this value of m4 and θ, DUNE will be able to directly test
some of the parameter space (λϕ ≳ 10−2) where the sterile
neutrinos account for all of the DM. Other neutrino beam
experiments sensitive to such ϕ emission have been
discussed at length in [17].
Another imprint of the new neutrino interaction lies in

the energy spectrum of the sterile-neutrino dark-matter,
depicted in Fig. 4 for cases A, B, and C. Case B yields the
hardest spectrum and hence the warmest DM, while in case
C the DM energy spectrum is the coolest. Different dark-
matter spectra correspond to different free-streaming
lengths in the early Universe and may lead to identifiable
features in small-scale structure observables such as the
Lyman-α forest [29,30].
Figure 5 depicts the region of the sin2 2θ vsm4 parameter

space where one can find values of ðλϕ; mϕÞ such that the
sterile neutrino, produced via the DWmechanism, accounts
for all the DM. The colored-shaded region has been
excluded by searches for an excess of x-rays from DM-
rich regions (blue) [8–12] and small-scale structure obser-
vations (green) [3,4]. The small-scale structure bounds
are also consistent with the bounds arising out of free-
streaming considerations of the sterile neutrinos [31]. The
reach of the KATRIN experiment [32] is shaded in purple.
The solid, black line labeled DW corresponds to the region

FIG. 3. Differential sterile neutrino production rate in the early
Universe, for the points A, B, and C, labeled in Fig. 2. DW is the
case of no neutrino interactions other than the ones in the SM.

FIG. 4. Energy spectra of the sterile-neutrino dark-matter for
cases A, B, and C, labeled in Fig. 2. DW is the case of no neutrino
interactions other than the ones in the SM.

FIG. 5. Region of the m4 vs sin2 2θ-parameter space where
one can find values of ðλϕ; mϕÞ such that the sterile neutrino,
produced via the DW mechanism, accounts for all the DM. In the
absence of new neutrino interactions, one is confined to the black
line. The solid, shaded regions of parameter space are excluded
by x-ray (blue) and small-scale scale (green) observations, while
the purple region indicates the expected sensitivity of KATRIN.
In the hatched regions (red) there are no allowed values of
ðλϕ; mϕÞ where the sterile neutrino makes up all the DM. The
point with error bars corresponds to assigning the unidentified
3.5 keV x-ray line to DM sterile-neutrino decay [13].
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is the critical density. We identify the points in the parameter
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dfνs=dz ∝z−4 for z > z0, which implies that νs is mainly
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νs is mainly produced through the decay of on-shell ϕ
[Fig. 1(right)] while it is still light and well populated in the
thermal plasma (z < z1). One can estimate that
z0 ∼10−2ðλϕ=10−5ÞðkeV=m4Þ. For case C, z0 < z1 and
νs is dominantly produced during the epoch z0 < z < z1,
where dfνs=dz is approximately independent from z. The
resulting Ω ∝λ2ϕθ

2=mϕ corresponds to the blue dotted line
in Fig. 2(left). In this case, the effective mixing angle θeff is
close to the vacuum one, θ. In contrast, case B has a
relatively larger λϕ, thus z0 > z1, and νs is mostly produced
while the effective mixing angle is still suppressed due to
thermal effects (θeff ≪ θ), leading to dfνs=dz ∝z4 during
the epoch z < z1. As a result, Ω ∝m4
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ϕÞ corre-
sponds to the red dotted line in Fig. 2(left).
The z dependence of dfνs=dz for cases A, B, and C,

defined above, is depicted in Fig. 3. The values of θ andm4

are identical to the ones in Fig. 2 and we concentrate on
x ¼ 1 (E ¼ T). Fig. 3 allows one to identify the dominant
sterile-neutrino-production epoch for each case. The black
curve, labeled DW for the original Dodelson-Widrow
scenario, is the result obtained in the absence of new
neutrino interactions. In cases A and B, the effective Fermi
constant Geff ¼ λ2ϕ=m

2
ϕ is much larger than GF and the new

FIG. 2. Region in the λϕ vs mϕ plane where the new neutrino interaction allows for the sterile neutrino to make up all the DM (orange
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mononeutrino channel, to the region above the green curve. The purple dashed curve indicates points where Geff ≡ λ2ϕ=m

2
ϕ ¼ GF.
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self-interaction at high temperatures enhances—relative
to the SM—the thermal potential VT , suppressing the
effective mixing angle θeff . As a result, the onset of
sterile-neutrino production in cases A and B is delayed
relative to that in the to the SM. Meanwhile, the new
interaction is able to keep the active neutrino in thermal
equilibrium for a longer period of time, relative to the SM
case. [The extra peak around z ∼ 0.007 on the red curve
(case B) is due to an accidental resonant effect when
Δ cos 2θ ¼ VT in the denominator of Eq. (3).]
Some of the new-physics parameter space can be

explored in the laboratory. For example, Fig. 2(right)
depicts (green shaded region) the region of parameter
space ruled out by searches for Kþ → μþν̄μ þ ðϕ → ννÞ
[27], assuming a is the muon flavor. If mϕ is below a few
MeV [blue shade region in Fig. 2(right)], ϕ production will
significantly modify the expansion rate of the Universe and
affect the success of big bang nucleosynthesis (BBN) [28].
Cosmological observations sensitive to the neutrino free-
streaming length can be inferred from the CMB and
translate into weaker bounds ðλϕ ≳mϕ=30 MeVÞ on the
parameter space [17]. A light mediator ϕ, as discussed

in [17,18], will be radiated during neutrino-matter inter-
actions and will manifest itself as missing transverse
momentum in fixed-target neutrino-scattering experiments.
DUNE is expected to be sensitive to the parameter space
above the thick green curve in Fig. 2(right). Hence, for
this value of m4 and θ, DUNE will be able to directly test
some of the parameter space (λϕ ≳ 10−2) where the sterile
neutrinos account for all of the DM. Other neutrino beam
experiments sensitive to such ϕ emission have been
discussed at length in [17].
Another imprint of the new neutrino interaction lies in

the energy spectrum of the sterile-neutrino dark-matter,
depicted in Fig. 4 for cases A, B, and C. Case B yields the
hardest spectrum and hence the warmest DM, while in case
C the DM energy spectrum is the coolest. Different dark-
matter spectra correspond to different free-streaming
lengths in the early Universe and may lead to identifiable
features in small-scale structure observables such as the
Lyman-α forest [29,30].
Figure 5 depicts the region of the sin2 2θ vsm4 parameter

space where one can find values of ðλϕ; mϕÞ such that the
sterile neutrino, produced via the DWmechanism, accounts
for all the DM. The colored-shaded region has been
excluded by searches for an excess of x-rays from DM-
rich regions (blue) [8–12] and small-scale structure obser-
vations (green) [3,4]. The small-scale structure bounds
are also consistent with the bounds arising out of free-
streaming considerations of the sterile neutrinos [31]. The
reach of the KATRIN experiment [32] is shaded in purple.
The solid, black line labeled DW corresponds to the region

FIG. 3. Differential sterile neutrino production rate in the early
Universe, for the points A, B, and C, labeled in Fig. 2. DW is the
case of no neutrino interactions other than the ones in the SM.

FIG. 4. Energy spectra of the sterile-neutrino dark-matter for
cases A, B, and C, labeled in Fig. 2. DW is the case of no neutrino
interactions other than the ones in the SM.

FIG. 5. Region of the m4 vs sin2 2θ-parameter space where
one can find values of ðλϕ; mϕÞ such that the sterile neutrino,
produced via the DW mechanism, accounts for all the DM. In the
absence of new neutrino interactions, one is confined to the black
line. The solid, shaded regions of parameter space are excluded
by x-ray (blue) and small-scale scale (green) observations, while
the purple region indicates the expected sensitivity of KATRIN.
In the hatched regions (red) there are no allowed values of
ðλϕ; mϕÞ where the sterile neutrino makes up all the DM. The
point with error bars corresponds to assigning the unidentified
3.5 keV x-ray line to DM sterile-neutrino decay [13].

PHYSICAL REVIEW LETTERS 124, 081802 (2020)

081802-4

M. Sen et. al., Phys.Rev.Lett. 124 (2020) 8, 081802,  e-Print: 1910.04901 [hep-ph] 
   

Relic density ~ Interacting rate x mixing angle; Increasing interaction rate can reduce the 
mixing angle and allows to shift DW region below X-ray constraints  

Constraints from keV sterile neutrino Dark Matter
Dodelson-Widrow with self-interacting neutrinos

https://arxiv.org/abs/1910.04901


Geff = (4.7+0.4
−0.6 MeV)−2(strongly interacting), Geff = (89+171

−61 MeV)−2(moderately interacting)

The Hubble tension solution prefers specific value of the effective coupling 
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Our aim: Can we have the parameter space of keV-sterile neutrino DM by 
specifically considering the coupling Geff  allowed by Hubble Tension 
solution?

2

• Dirac neutrinos disfavored: Mediator-neutrino
interactions thermalize the right-handed compo-
nents of Dirac neutrinos, significantly increasing
the number of neutrino species at BBN. This ex-
cludes nearly all scenarios except the MI⌫ regime
with couplings to ⌫⌧ .

• Minimal seesaw models disfavored: Achieving
the necessary interaction strength from a gauge-
invariant, UV-complete model, while simultane-
ously accounting for neutrino masses is challenging
in minimal seesaw models.

This work is organized as follows: Sec. II demonstrates
that a light new particle is required to generate the in-
teraction in Eq. (1) with appropriate strength; Sec. III
presents cosmological bounds on this scenario; Sec. IV
discusses corresponding laboratory constraints; Sec. V
shows how Eq. (1) can arise in UV complete models; fi-
nally, Sec. VI o↵ers some concluding remarks.

II. THE NECESSITY OF A LIGHT MEDIATOR

Refs. [20–22, 24] assume that all left-handed (LH)
neutrinos undergo 2 ! 2 flavor-universal scattering de-
scribed by the interaction in Eq. (1). The largest detected
CMB multipoles correspond to modes that entered the
horizon when the neutrino temperature was < 100 eV.
This sets the characteristic energy scale of scattering re-
actions during this epoch: it is important that the form
of the Lagrangian in Eq. (1) is valid at this tempera-
ture. At higher energies, however, this description breaks
down. As previously noted in [18, 20–22], the operator
in Eq. (1) is non-renormalizable, and thus is necessarily
replaced by a di↵erent interaction with new degree(s) of
freedom at a scale higher than the ⇠ O(100 eV) energies
probed by the CMB (see Ref. [25] for a review).

The interaction in Eq. (1) can be mediated by a par-
ticle � with mass m� and coupling to neutrinos g�:

L � �
1

2
m

2

��
2 +

1

2
(g↵�� ⌫↵⌫��+ h.c.), (3)

where ⌫↵ are two-component left-handed neutrinos, and
we allow for generic flavor structure g

↵�
� of the interac-

tion. In Eq. (3) we have assumed that � is a real scalar;
our conclusions are unchanged if � is CP-odd or complex.
Vector forces face stronger constraints than scalars, as
discussed below.

Using Eq. (3), we see that the ⌫⌫ ! ⌫⌫ scattering am-
plitude is M / g

2

�/(m
2

� � q
2). If the momentum transfer

q satisfies |q2| ⌧ m
2

�, then M / Ge↵

⇣
1 + q

2
/m

2

� + · · ·

⌘
,

where

Ge↵ ⌘
g
2

�

m
2

�

= (10 MeV)�2

⇣
g�

10�1

⌘2
✓
MeV

m�

◆2

. (4)

If m2

� ⌧ |q
2
|, M / g

2

�/q
2, leading to qualitatively di↵er-

ent energy dependence for neutrino self-interactions; this

regime was investigated in Refs. [26, 27], which found no
improvement in the H0 tension.2 Thus, we focus on mod-
els with a new particle � for which m

2

� � |q
2
| at energy

scales relevant to the CMB.
Throughout this epoch, neutrinos are relativistic, so

the typical momentum transfer is |q
2
| ⇠ T

2

⌫ . Eq. (4) is
valid if m� � T⌫ . Comparing the values in Eq. (2) to
Ge↵ in Eq. (4),

m� ' (4� 200)⇥ |g�|MeV . (5)

Since perturbativity requires g� . 4⇡, a new sub-GeV
state is required to realize this self-interacting-neutrino
solution. Since T⌫ < 100 eV at horizon entry of the high-
est observed CMB multipoles, the validity of Eq. (1) in
the analyses of [18, 20–22, 24] requires m� & keV (as
noted in [22]). From Eq. (5), this translates to

m� & keV =) |g�| & 10�4
. (6)

This bounds the allowed ranges of m� and g�. Note that
Eq. (5) precludes the new self-interactions from being
described within Standard Model e↵ective theory with
no light states below the weak scale [28].
Finally, we note that Eq. (3) is not gauge-invariant at

energies above the scale of electroweak symmetry break-
ing (EWSB). We explore UV completions in Sec. V.

III. COSMOLOGICAL BOUNDS

Successful predictions of BBN provide a powerful
probe of additional light species. New particles in ther-
mal equilibrium with neutrinos increase the expansion
rate during BBN as extra relativistic degrees of freedom
or by heating neutrinos relative to photons. Away from
mass thresholds, both e↵ects are captured by a constant
shift in Ne↵ , the e↵ective number of neutrinos. We find
that the observed light element abundances constrain
�Ne↵ < 0.5 (0.7) at 95% CL for the SI⌫- (MI⌫-) pre-
ferred values of the baryon density, as detailed in App. A.
We emphasize that large �Ne↵ ' 1 at CMB times

is crucial for the MI⌫ and SI⌫ results [22]. Since BBN
does not prefer large Ne↵ , the self-interacting neutrino
framework requires an injection of energy between nu-
cleosynthesis and recombination, e.g., via late equilibra-
tion of a dark sector [36]. Such scenarios may face ad-
ditional constraints. To remain model-independent, we
only consider the implications of BBN for the mediator
(and right-handed neutrinos if they are Dirac particles)
needed to implement strong neutrino self-interactions.

2
Unlike Ref. [22], Refs. [26, 27] fixed Ne↵ and

P
m⌫ , but we note

that a light mediator would a↵ect multipoles between the first

acoustic peak and the di↵usion scale. This should be contrasted

with the massive mediator case where the self-interaction e↵ects

are larger at higher multipoles, allowing for non-standard values

of Ne↵ and
P

m⌫ to compensate. A strongly-interacting mode

could exist here, but is unlikely to result in a larger value of H0

after accounting for Ne↵ and
P

m⌫ e↵ects, since these impact

higher-` modes of the CMB spectrum.

Allowed parameter space with restricted couplings 
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FIG. 5: For direct comparison, we have shown the over-abundant and under-abundant region of m⌫s � sin2 2✓ parameter space
obtained by [22] as brown shaded region. Our results are shown as pink shaded regions as in fig. 4. The green shaded region
corresponds to X-Ray constraints from 16 years of INTEGRAL data [53]. We can clearly see that both over-abundant and
under-abundant region of sterile neutrino DM in our case get shifted towards more suppressed value of mixing angle. As a
result of this, our entire available parameter space becomes almost safe from X-Ray constraints obtained using INTEGRAL
data [53].

V. CONSISTENT PHENOMENOLOGICAL
MODEL

In this section, we present a phenomenological model
which can give the required mass of SM neutrino and
KeV-scale mass of the right-handed (sterile) neutrino DM
along with tiny mixing angle as considered in this work.
In standard scenario such as type-I see-saw mechanism,
the required mass of SM neutrino is obtained by consid-
ering additional heavy Majorana right-handed neutrino
with mass around 109 GeV [54]. However, in our work,
we need to consider KeV-scale mass of right-handed neu-
trino and a very tiny Yukawa coupling so that the mixing
angle between SM neutrino and right-handed neutrino
turns out to be very small. Thus, the standard scenar-
ios would not be able to produce the required mass of
the SM neutrino. Additionally, the Dirac nature of SM
(left-handed) neutrino has been disfavoured from the re-
quirement of getting �Ne↵  1 [19]. Hence, one needs
to consider the Majorana nature of the SM neutrino.
Overall, it seems challenging to obtain this kind of spec-
trum of masses and coupling in typical models involving
right-handed neutrinos. In this section, we have tried
to explain this spectrum in the context of a very gen-
eral N = 1 supergravity framework with supersymme-
try breaking scale around O(10) TeV. Below, we have

sketched out a toy supergravity model which would nat-
urally explain the existence of light SM neutrino along
with KeV scale right-handed neutrino and tiny mixing
angle.1

In supergravity models, all the interaction terms
are obtained from the renormalizable as well as non-
renormalizable operators present in the Kähler potential
and superpotential. The model generally also includes
a set of hidden-sector superfields which are singlets un-
der the gauge group of the SM and play an important
role in breaking supersymmetry. The terms involving the
fermion mass and Yukawa interactions of right-handed
neutrinos are given in the superpotential:

W � yN N̂L̂Ĥu +mN N̂N̂ . (25)

The mass of supersymmetric counterparts such as right-
handed sneutrino is determined by non-renormalizable
operators involving the interaction between visible and

1 We have not worked out the full details of the model. We have
only mentioned various terms relevant to neutrinos. A specific
class of detailed supergravity model is presented in [55–57].
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Figure 4. Left panel : 95% confidence exclusion for sterile neutrino DM from our analysis of the MW satellite galaxy population

combined with particle collider bounds (colored shaded regions) is compared with X-ray annihilation bounds (light gray; Watson

et al. 2012; Horiuchi et al. 2014; Bulbul et al. 2014; Boyarsky et al. 2014; Perez et al. 2017; Ng et al. 2019; Dessert et al. 2020)

and the bounds from dwarf galaxy phase-space densities (dark gray; Alvey et al. 2021). Galaxy–halo connection and neutrino

self-interaction parameters (m� and ��) are marginalized over. The blue–green region with solid edges corresponds to the case

where we only consider the limits from invisible Z-decays on ��. The dashed, dash-dot or dotted lines correspond to bounds

on specific mediator flavor-coupling scenarios. DW production mechanism corresponds to the solid black line. Middle and right

panels: Our sterile neutrino DM constraints divided according to the production scenario. Case A (red) is the heavy-mediator

scenario ruled out by our analysis. Case B (yellow) and Case C (blue) correspond to light-mediator scenarios.

only incorporate the experimental bounds on the invis-
ible Z width, which is flavor-independent and thus con-
servative. We find that the parameter space for Case
A—sterile-neutrino DM production in the presence of a
heavy mediator with m� &GeV and a large coupling,
�� & O(0.1)—is entirely ruled out. In contrast, Cases
B and C allow for smaller ��, where the corresponding
Z-decay constraints are much weaker. A small portion
of this parameter space (i.e., the white triangle-shaped
region in the right panel of Figure 4) remains uncon-
strained for DM masses from 37 keV up to several MeV,
depending on the other interaction parameters.

5. DISCUSSION AND CONCLUSIONS.

Our analysis conservatively marginalizes over astro-
physical uncertainties that govern the connection be-
tween MW satellite galaxies and DM halos, observa-
tional uncertainties related to the known population of
MW satellite galaxies, and the properties of the MW
system, and accounts for the specific phase-space distri-
bution of sterile-neutrino DM produced by active neu-
trino self-interactions. The fact that we consider active
neutrino self-interactions is crucial because the physics
we probe is also directly tested by particle collider exper-
iments, unlike many other sterile neutrino DM scenarios
(Hansen & Vogl 2017; Bringmann et al. 2023; Johns &
Fuller 2019). Our results rule out sterile-neutrino DM
produced through neutrino interactions mediated by a
heavy scalar particle, at � 95% confidence, and con-
strains sterile-neutrino DM masses between 37 keV to
several MeV, regardless of the other production param-
eters. These are the first bounds derived from a com-
bined analysis of structure formation and collider data
and represent the most stringent sterile-neutrino DM
constraints to date.

Importantly, unlike previous small-scale structure
constraints on other sterile neutrino production mecha-
nisms (e.g., Zelko et al. 2022; Schneider 2016), we do not
simply construct a one-dimensional mapping to thermal-
relic WDM limits; rather, we cast our self-interacting
sterile neutrino DM model into the full posterior distri-
bution from the MW satellite analysis in Nadler et al.
(2021), which allows us to carefully examine degenera-
cies among sterile neutrino DM parameters and with as-
trophysical parameters governing the galaxy–halo con-
nection. Furthermore, we extract information for spe-
cific physical scenarios from the posterior distribution
and thus di↵erentiate the mediator flavor-coupling and
production regimes shown in the panels of Figure 4.
Our study informs the interpretation of astrophysi-

cal and particle accelerator searches for neutrino self-
interactions and sterile neutrino DM. For example, if a
heavy, neutrinophilic scalar is discovered in future ac-
celerator neutrino experiments, following recent propos-
als (e.g., Kelly & Zhang 2019; Kelly et al. 2022), our
results imply that such a scalar cannot produce sterile
neutrinos that saturate the DM relic abundance. Mean-
while, if future astrophysical searches discover an indi-
rect detection signal consistent with sterile neutrino DM
that possesses a small mixing angle, then light neutrino
self-interaction mediators should be targeted by terres-
trial experiments as a potential “smoking gun” of the
DM production mechanism.
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FIG. 1: Feynmann diagram showing (a) tree-level scattering of UHE neutrinos with C⌫B neutrinos, and (b) one-loop level
scattering of UHE neutrinos with C⌫B neutrinos into UHE photons and CMB background photons.

In the minimal model of neutrino self-interaction, we
consider a model in which the real singlet scalar at low en-
ergies couples both to neutrinos as well as leptonic part-
ners. The interaction couplings are given as:

L � g⌫i�⌫i⌫i + gli�l̄ili

where i = e, µ, ⌧ represent three di↵erent flavors of neu-
trinos. In this formulation, we assume the Majorana
neutrinos and use Weyl notation to denote the neutrino
coupling to scalar bosons and Dirac notation to denote
leptons coupling to the scalar boson. Similarly, the inter-
action can also be mediated through the new Z boson. In
the context of a scalar boson, the coupling parameters gli
and g⌫i may either be identical or distinct for a particu-
lar generation, depending on the specific particle physics
model. In most general scenarios, the coupling g⌫i is
determined by the mechanism responsible for neutrino
mass generation, while gli arises from nonrenormalizable
interactions involving the Higgs field and a new scalar
field. Since the leptonic coupling depends on the mass
of the leptons, we cannot expect the coupling gli to be
same for all generations of leptons. Thus, for the sake of
simplicity in our toy model, we assume gli = g⌫i = gi for
a particular generation.

In the presence of aforementioned interactions, the
tree-level s-channel scattering of neutrinos can induce
self-scattering of neutrinos, while the one-loop scattering
mediated through leptons and a new scalar can produce
photons. The tree-level and one-loop level Feynman dia-
gram for this process is given in Fig. 1, respectively. The
emission of gamma rays produced by radiative scattering
can heat the IGM, which, in turn, can a↵ect the 21-cm
global signal during the cosmic dawn and the dark ages.
The cross section for the one-loop process, shown in the
Feynman diagram is given by [66]
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where C
�

0 is known as the scalar Passarino-Veltaman
function and is given by,

C
�

0 (s,mi) =
1

2s
ln2
 p

1� 4m2
i
/s� 1p

1� 4m2
i
/s+ 1

!
(8)

In the above Eqs. (7) and (8), gi stands for the self-
interacting coupling for a particular flavor of neutrinos,
mi and Qi represent the mass and electromagnetic charge
of the corresponding leptonic partner, respectively, s =
2m⌫iE⌫h stands for the center of mass Mandelstam vari-
able, m� is the mass of the new scalar mediator and
�� = g

2
i
m�/4⇡ is the neutrino decay width. Here, m⌫i is

the mass of the active neutrino of a particular flavor. De-
pending on the values of E⌫h and m�, this cross section
can reach a resonance when E⌫h ⇡ m

2
�
/2m⌫i .

Using the expression for the cross section given in
Eq. (7), we will now study the e↵ect of self-interactions
of UHE neutrinos on the evolution of 21-cm brightness
temperature.

IV. EFFECT OF HEATING ON THE 21-CM
SIGNAL

In this section, we will first discuss the general e↵ect of
heating induced by new physics and its consequent im-
pact on the cosmic 21-cm absorption signal. The energy
injection from such heating can alter the temperature of
hydrogen gas during the cosmic dark ages and cosmic
dawn, a↵ecting the absorption of a 21-cm signal. Before
quantifying the energy injection resulting from the scat-
tering of UHE neutrinos with the cosmic neutrino back-
ground, we will outline the steps involved in calculating
the evolution of the gas temperature (Tk) and ionization
fraction (xe) due to standard cosmological e↵ects, as well
as the additional e↵ects due to heating.
To calculate the brightness temperature given by

Eq. (1), one needs to calculate the evolution of the
fractional neutral hydrogen (xHI), CMB temperature
(TCMB) and spin temperature (Ts) as a function of red-
shift. The parameter xHI is related to the fraction of
ionized hydrogen (xe) as xHI = 1 � xe. The CMB tem-
perature can be calculated as TCMB = TCMB,0(1 + z),
where TCMB,0 = 2.7K is the CMB temperature today.
From Eq. (2), we can see that in addition to TCMB, the
spin temperature also depends on xc, x↵, Tk and Tc. Ex-
planation to calculate xc, x↵ and Tc is given in Sec. $II.
Thus, the evolution of brightness temperature essentially
depends on the history of gas temperature (Tk) and ion-



Two main implications:

•Effect on the 21-cm Radiation  

•Cosmic Gamma-ray burst (GRB221009A) 
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  Global 21-cm signal in standard cosmology
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- n1 - number of fermions 
in the singlet state 

- n0: Number of fermions 
in the triplet state

Ts - parameter 
describing the 

relative population 
of singlet and 
triplet states  

21-cm neutral hydrogen



Measuring 21-cm hydrogen



:	net	emission	if	Ts	>	TCMB,	i.e.	more	excited	than	needed	to	be	in	equilibrium	
with	CMB	

:	net	absorp+on	if	Ts	<	TCMB,

ICMB
ν = 2KBT

ν2

c2Black Body expectation

Differential Brightness Temperature
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•CMB	excita?ons	and	de-excita?ons:	A10	(spontaneous	de-excita+on),	
B01(simulated	excita+on),	B10	(simulated	de-excita+on)	

•Collisional	coupling	H0	+	(H,e,p):	C01,	C10	

•Lyman-α	photons	from	the	first	stars	(Wouthuysen-Field	effect):	P01,	P10	

Processes altering the spin temperature



rature

Processes altering the spin temperature



Evolution of the Spin temperature, gas temperature  and 
brightness temperature

Tgas(z) ∝
1

(1 + z)2

TCMB(z) ∝
1

(1 + z)

Ts

Pritchard and Loeb 2012



σχ−H ∼ 8 × 10−20 cm2, mχ ∼ 0 . 3 GeV
σχ−H ∼ 3 × 10−19 cm2, mχ ∼ 2 GeV
σχ−H ∼ 3 × 10−18 cm2, mχ ∼ 0 . 01 GeV

R. Barkana 2018 
Standard Cosmology/Excess Cooling Models



• The metastable decaying Dark Matter particle can be a steady source of Standard Model 
particles. 

• The energy injection from the decay of particles can increase the ionization fraction or 
increase the hydrogen gas temperature. 

• The energy deposition: 

• The evolution of ionisation fraction and gas temperature:   

• The resulting evolution in brightness temperature:

Heating due to decay of Dark Matter

3

II. ENERGY INJECTION EFFECTS

Decaying dark matter particles with a lifetime much longer than the age of the Universe can be a steady source of
the Standard Model (SM) particles. The stable particles from such injection, the photons, electron/positron and to
a generally low fraction of (anti)protons can collide with and deposit energy to the intergalactic medium. The main
e↵ects from such energy deposition include enhanced ionization of the hydrogen, leading to corrections in xe, xHI ,
and higher gas temperature TG, especially at low redshift as the energy injection can build up over time. A higher
ionization fraction xe leads to earlier reionization and more damping in the CMB’s temperature and polarization
correlation spectra, see Ref. [20–23] for recent studies with the Planck data. For 21cm measurements, both the
corrections to xe and TG can a↵ect T21, especially at a time when TS re-coupled to TG. A reasonable choice is at
the central redshift z ' 17 where EDGES detected absorption signals. By requiring the heating from new physics
raises the radiation temperature by �T21 no more than 100 or 150 mK, this limit corresponds to a less than half
or 3/4 suppression of the standard astrophysical T21 = �200 mK absorption strength. In standard astrophysics this
temperature rise can wipe out or greatly suppress the 21cm absorption signal. It is also larger than EDGES’s T21 1�
up-fluctuation uncertainty (+200 mK by 99% credence level [1]).

A. Decaying dark matter

The decay of dark matter is insensitive to the small-scale matter density distribution and gives a steady energy
injection rate,

dE

dV dt
= �DM · ⇢c,0⌦DM(1 + z)3, (2)

where � is the dark matter decay width, ⇢c,0 is the current critical density of the Universe. In comparison to the
(1 + z)6 redshift dependence in the DM annihilation case, the injection rate from DM decay drops much slower than
that in annihilation, and can be more significant at lower z.

The photons and electrons are injected at high energy that can typically reach up to O(10�1)MDM. They gradually
lose energy by interacting [24–26] with the intergalactic medium via ionization, Lyman-↵ excitations, gas temperature
heating, as well as scattering o↵ the background continuum photons that is studied in Ref. [27] as another explanation
of the EDGES data with a heated photon radiation background. Being relativistic, these particles may take a long time
to deposit all their energy into the environment. Each energy deposition channel’s rate will accumulate contribution
from all injection from earlier times.

The energy deposition introduces additional terms in the evolution of ionization fraction and the Hydrogen tem-
perature:

dxe

dz
=

dxe

dz

����
orig

�
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(1 + z)H(z)
[IXi(z) + IX↵(z)], (3)

dTG

dz
=

dTG
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����
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�
2

3kB(1 + z)H(z)

Kh

1 + fHe + xe

. (4)

In the additional terms, fHe is the Helium fraction in the intergalactic medium, kB and H(z) are the usual Boltzmann
constant and the Hubble parameter. The IXi (IX↵) factors correspond to the energy deposition into ionization from
the Hydrogen ground (excited) states. Kh takes account of the heating of intergalactic gas. These factors relate to
energy injection rate by

IXi(z) =
fi(E, z)

HH(z)Ei

dE

dV dt
, (5)

IX↵(z) = (1� C)
f↵(E, z)

nH(z)E↵

dE

dV dt
, (6)

Kh(z) =
fh(E, z)

nH(z)

dE

dV dt
(7)

C =
1 +K⇤2s,1snH(1 + xe)

1 +K⇤2s,1snH(1� xe) +K�BnH(1� xe)
. (8)

nH is the Hydrogen number density, and Ei, E↵ are the electron energy levels at the ground and excited states of
the Hydrogen atom. ⇤2s,1s is the decay rate from the 2s to 1s energy level. �B is the e↵ective photoionization rate,
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FIG. 2. Dark matter decay (left) and primordial black hole evaporation (right) e↵ects lead to higher T21 in the reionization
epoch. Here dark matter mass has 100 GeV mass and decays into an e+e� final state. The black mass is assumed to 1016 g.

overcome the radiation pressure and makes over-density growth possible, leading to a characteristic PBH size. In
matter dominated phases, however, PBH formation can be a lot more complicated. The lack of radiation pressure
allows for black hole formation over a wide range of mass, and the mass profile can depend on the geometric symmetry
of density fluctuations [36, 37]. For a review of PBH formation and relevant constraints, see Ref. [38, 39]. Also see
Ref. [40–42] for recent studies of PBH formation under nonthermal conditions.

Relevant PBHs for post-recombination energy injection need to be long-lived such that its evaporation time scale
is longer than the age of Universe. PBHs with MBH > 1015g can survive to today, and the PBH in the mass range
1015 � 1017g are subject to indirect searches of extragalactic cosmic rays [43] and CMB damping constraint [23].

A black hole of mass MBH gives away its mass at the Hawking radiation rate [12],

ṀBH = �5.34⇥ 1025
 
X

i

�i

!
M�2

BH
g3s�1, (15)

where the coe�cients �i is the fraction of evaporation power and sums over all particle degrees of freedom that
are lighter in mass than the BH’s temperature TBH = (8⇡GMBH)�1. Here we use the Greek letter � to avoid
confusion with the e↵ective absorption coe�cient fi. The relevant emission are photons and electrons as they can
interact with the intergalactic medium. Other emission species, like neutrinos, do not deposit their energy into the
intergalactic medium in an e�cient manner. For each particle degree of freedom in photons and electrons, ��

1
= 0.06

and �e
±

1/2
= 0.142 [44]. Note these � values are normalized to the emission of a 1017g black hole. The PBH injection

also scales as (1 + z)3 and depends on the abundance of black holes,

dE

dV dt
=

X

i=�,e±

�i ·
ṀBH

MBH

⇢c,0⌦BH(1 + z)3, (16)

where ṀBH/MBH / M�3

BH
is a mass loss rate. For MBH � 1015g, MBH can be consider within the age of the

Universe. Comparing with Eq. 2, PBH’s injection rate has the same redshift dependence as that in the dark matter
decay scenario. The treatment of interaction of photon and electrons with the intergalactic medium follows the same
procedure as discussed in the previous subsection. The impact on T21 is shown in the right panel of Fig. 2 for a 1016g
mass PBH with a few sample abundance between 10�5 and 10�4 of the Universe’s matter density.

III. CONSTRAINTS FROM 21CM

By requiring the T21 correction to its standard astrophysical value at z ' 17 to be less than 100 and 150 mK,
namely T21(z = 17) < �100 and �50 mK respectively, we obtain strong constraints on the lifetime of decaying dark
matter, and the maximally allowed abundance of primordial black holes.

Fig. 3 illustrates the constraint on the decay lifetime ⌧DM for DM mass from MeV up to 100 TeV. The constraint
assumes generic two-body decay channels. The DM! e+e� channel is the most stringently constrained due to its
highest fraction of electrons in the final state. µ+µ� and bb̄ final states are also plotted, which have lower f(E, z)
in comparison. µ+µ�, bb̄ are also much smoother than e+e� due to the wide spectra of stable final particles which

Steven Clark et al., arXiv: 
1803. 09390 [hep-ph]
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temperature is generally influenced by three factors [80]:
(i) absorption/emission resulting from Compton scatter-
ing with the surrounding CMB photons, (ii) collisional
coupling between hydrogen molecules, which is more sig-
nificant at high redshifts, and (iii) resonant scattering
with the Lyman-↵ (Ly↵) photons, generally known as
the Wouthusysen-field e↵ect [81]. The evolution of the
spin temperature is given as [82]

T
�1
s

=
T

�1
�

+ xcT
�1
k

+ x↵T
�1
c

1 + xc + x↵

(2)

where Tk is the kinetic gas temperature and Tc is the color
temperature of the Ly↵ photons at the Ly↵ frequency.
In most relevant scenarios, Tc ⇡ TK because the opti-
cal depth to Ly↵ scattering is usually quite high. This
results in numerous scatterings of Ly↵ photons, which
align the radiation field and the gas near the line center
frequency, achieving local equilibrium [3, 83]. The pa-
rameters xc and x↵ are the coupling coe�cients due to
atomic collisions and scattering of Ly↵ photons, respec-
tively.

As the collisional coupling is mainly induced by col-
lisions between hydrogen atoms with other hydrogen
atoms, free electrons, and free protons, the total coupling
coe�cient will be given by

xc = x
HH

c
+ x

eH

c
+ x

pH

c
, (3)

The collision coupling coe�cient [84] for a particular
channel is

x
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where 
i

10 denotes the rate coe�cient for spin deexcita-
tion in collisions in that particular channel (with units of
m

3
s
�1). With this, the coupling coe�cient xc turns out

to be
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h
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where 
HH

10 is the scattering rate between hydrogen
atoms [84] , eH

10 is the scattering rate between electrons
and hydrogen atoms [85], and 

pH

10 is the scattering rate
between protons and hydrogen atoms [86].

In the beginning, at high redshifts, the collisional cou-
pling is dominating. But at the lower redshifts, the colli-
sion coupling becomes subdominant as the number den-
sity of hydrogen gas decreases. However, after the forma-
tion of the first star, resonant scattering of Ly↵ photons
provides a new way of coupling. This is famously called
the Woulthuysen-field mechanism [87]. The physics of
this mechanism is much more subtle than this descrip-
tion. For convenience, we will use the seminumerical
model to calculate the coupling constant (x↵). We con-
sider tanh parametrization model given in Refs. [3, 88, 89]

in order to calculate coe�cient x↵ given by1

x↵(z) ⌘ 2A↵(z)/(1 + z) (6)

where

A↵(z) = A↵

✓
1 + tanh

✓
z↵0 � z

�z↵

◆◆

As suggested in [88], we use following set of fiducial values
to calculate x↵:

{A↵, z↵0,�z} = {100, 17, 2}

Using the expressions of the coupling coe�cients x↵

and xc, the spin temperature Ts can be calculated by us-
ing Eq. (2) and consequently brightness temperature T21

can be calculated by using Eq. (1) in the relevant range
of redshift. In standard cosmology, one expects two ab-
sorption signals with the first shallow absorption minima
near 20 MHz (with z ⇠ 70) and the other deeper min-
ima at higher frequencies between 50�110 MHz (with
z ⇠ 12�27) in the global cosmological 21-cm signal,
which are signatures of collisional gas dynamics in the
cosmic dark ages and Ly↵ photons from the first stars at
cosmic dawn, respectively.

III. SELF-INTERACTING UHE NEUTRINOS
FROM DECAY OF DARK MATTER

We consider a scenario in which a superheavy DM par-
ticle with a mass mDM � PeV predominantly decays into
UHE neutrinos. The number of neutrinos produced de-
pends on the specific decay channels of the DM particle.
If the heavy DM primarily undergoes two-body decay
into a pair of neutrinos, i.e., DM ! ⌫⌫̄, this will lead
to a neutrino flux with E⌫h ⇡ mDMc

2. As mentioned
in Sec. I, the UHE neutrino flux from DM as well as as-
trophysical sources is being probed by numerous current-
generation neutrino experiments [75]. These experiments
consider the scattering of high-energy neutrinos with the
C⌫B en route to Earth, which redistributes their energies.
We will consider the UHE neutrinos emitted specifically
from the decay of DM and study the impact of the scat-
tering of the same with the C⌫B on the 21-cm signal
during the period from dark ages to cosmic dawn.

1 The tanh method for modeling the global 21-cm signal has
been widely adopted as one of the computationally e�cient
parametrization model. While there are other intermediate ap-
proaches—such as the “turning points” parametrization (out-
lined in [3, 89]) or the Gaussian-based absorption feature (dis-
cussed in [90]), it has been discussed in [91] that these approaches
fail to accurately capture the detailed shape of physically moti-
vated models. Moreover, Ref. [89] explicitly demonstrates that
the tanh parameterization fits well with 21-cm signals computed
using the accelerated reionization era simulations code.

In the minimal model of neutrino self-
interactions, consider a model in which the real 
singlet scalar interacts with neutrino and their 
leptonic partner 
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FIG. 1: Feynmann diagram showing (a) tree-level scattering of UHE neutrinos with C⌫B neutrinos, and (b) one-loop level
scattering of UHE neutrinos with C⌫B neutrinos into UHE photons and CMB background photons.

In the minimal model of neutrino self-interaction, we
consider a model in which the real singlet scalar at low en-
ergies couples both to neutrinos as well as leptonic part-
ners. The interaction couplings are given as:

L � g⌫i�⌫i⌫i + gli�l̄ili

where i = e, µ, ⌧ represent three di↵erent flavors of neu-
trinos. In this formulation, we assume the Majorana
neutrinos and use Weyl notation to denote the neutrino
coupling to scalar bosons and Dirac notation to denote
leptons coupling to the scalar boson. Similarly, the inter-
action can also be mediated through the new Z boson. In
the context of a scalar boson, the coupling parameters gli
and g⌫i may either be identical or distinct for a particu-
lar generation, depending on the specific particle physics
model. In most general scenarios, the coupling g⌫i is
determined by the mechanism responsible for neutrino
mass generation, while gli arises from nonrenormalizable
interactions involving the Higgs field and a new scalar
field. Since the leptonic coupling depends on the mass
of the leptons, we cannot expect the coupling gli to be
same for all generations of leptons. Thus, for the sake of
simplicity in our toy model, we assume gli = g⌫i = gi for
a particular generation.

In the presence of aforementioned interactions, the
tree-level s-channel scattering of neutrinos can induce
self-scattering of neutrinos, while the one-loop scattering
mediated through leptons and a new scalar can produce
photons. The tree-level and one-loop level Feynman dia-
gram for this process is given in Fig. 1, respectively. The
emission of gamma rays produced by radiative scattering
can heat the IGM, which, in turn, can a↵ect the 21-cm
global signal during the cosmic dawn and the dark ages.
The cross section for the one-loop process, shown in the
Feynman diagram is given by [66]
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In the above Eqs. (7) and (8), gi stands for the self-
interacting coupling for a particular flavor of neutrinos,
mi and Qi represent the mass and electromagnetic charge
of the corresponding leptonic partner, respectively, s =
2m⌫iE⌫h stands for the center of mass Mandelstam vari-
able, m� is the mass of the new scalar mediator and
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m�/4⇡ is the neutrino decay width. Here, m⌫i is

the mass of the active neutrino of a particular flavor. De-
pending on the values of E⌫h and m�, this cross section
can reach a resonance when E⌫h ⇡ m
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Using the expression for the cross section given in
Eq. (7), we will now study the e↵ect of self-interactions
of UHE neutrinos on the evolution of 21-cm brightness
temperature.

IV. EFFECT OF HEATING ON THE 21-CM
SIGNAL

In this section, we will first discuss the general e↵ect of
heating induced by new physics and its consequent im-
pact on the cosmic 21-cm absorption signal. The energy
injection from such heating can alter the temperature of
hydrogen gas during the cosmic dark ages and cosmic
dawn, a↵ecting the absorption of a 21-cm signal. Before
quantifying the energy injection resulting from the scat-
tering of UHE neutrinos with the cosmic neutrino back-
ground, we will outline the steps involved in calculating
the evolution of the gas temperature (Tk) and ionization
fraction (xe) due to standard cosmological e↵ects, as well
as the additional e↵ects due to heating.
To calculate the brightness temperature given by

Eq. (1), one needs to calculate the evolution of the
fractional neutral hydrogen (xHI), CMB temperature
(TCMB) and spin temperature (Ts) as a function of red-
shift. The parameter xHI is related to the fraction of
ionized hydrogen (xe) as xHI = 1 � xe. The CMB tem-
perature can be calculated as TCMB = TCMB,0(1 + z),
where TCMB,0 = 2.7K is the CMB temperature today.
From Eq. (2), we can see that in addition to TCMB, the
spin temperature also depends on xc, x↵, Tk and Tc. Ex-
planation to calculate xc, x↵ and Tc is given in Sec. $II.
Thus, the evolution of brightness temperature essentially
depends on the history of gas temperature (Tk) and ion-
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In the minimal model of neutrino self-interaction, we
consider a model in which the real singlet scalar at low en-
ergies couples both to neutrinos as well as leptonic part-
ners. The interaction couplings are given as:

L � g⌫i�⌫i⌫i + gli�l̄ili

where i = e, µ, ⌧ represent three di↵erent flavors of neu-
trinos. In this formulation, we assume the Majorana
neutrinos and use Weyl notation to denote the neutrino
coupling to scalar bosons and Dirac notation to denote
leptons coupling to the scalar boson. Similarly, the inter-
action can also be mediated through the new Z boson. In
the context of a scalar boson, the coupling parameters gli
and g⌫i may either be identical or distinct for a particu-
lar generation, depending on the specific particle physics
model. In most general scenarios, the coupling g⌫i is
determined by the mechanism responsible for neutrino
mass generation, while gli arises from nonrenormalizable
interactions involving the Higgs field and a new scalar
field. Since the leptonic coupling depends on the mass
of the leptons, we cannot expect the coupling gli to be
same for all generations of leptons. Thus, for the sake of
simplicity in our toy model, we assume gli = g⌫i = gi for
a particular generation.

In the presence of aforementioned interactions, the
tree-level s-channel scattering of neutrinos can induce
self-scattering of neutrinos, while the one-loop scattering
mediated through leptons and a new scalar can produce
photons. The tree-level and one-loop level Feynman dia-
gram for this process is given in Fig. 1, respectively. The
emission of gamma rays produced by radiative scattering
can heat the IGM, which, in turn, can a↵ect the 21-cm
global signal during the cosmic dawn and the dark ages.
The cross section for the one-loop process, shown in the
Feynman diagram is given by [66]
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In the above Eqs. (7) and (8), gi stands for the self-
interacting coupling for a particular flavor of neutrinos,
mi and Qi represent the mass and electromagnetic charge
of the corresponding leptonic partner, respectively, s =
2m⌫iE⌫h stands for the center of mass Mandelstam vari-
able, m� is the mass of the new scalar mediator and
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the mass of the active neutrino of a particular flavor. De-
pending on the values of E⌫h and m�, this cross section
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Using the expression for the cross section given in
Eq. (7), we will now study the e↵ect of self-interactions
of UHE neutrinos on the evolution of 21-cm brightness
temperature.

IV. EFFECT OF HEATING ON THE 21-CM
SIGNAL

In this section, we will first discuss the general e↵ect of
heating induced by new physics and its consequent im-
pact on the cosmic 21-cm absorption signal. The energy
injection from such heating can alter the temperature of
hydrogen gas during the cosmic dark ages and cosmic
dawn, a↵ecting the absorption of a 21-cm signal. Before
quantifying the energy injection resulting from the scat-
tering of UHE neutrinos with the cosmic neutrino back-
ground, we will outline the steps involved in calculating
the evolution of the gas temperature (Tk) and ionization
fraction (xe) due to standard cosmological e↵ects, as well
as the additional e↵ects due to heating.
To calculate the brightness temperature given by

Eq. (1), one needs to calculate the evolution of the
fractional neutral hydrogen (xHI), CMB temperature
(TCMB) and spin temperature (Ts) as a function of red-
shift. The parameter xHI is related to the fraction of
ionized hydrogen (xe) as xHI = 1 � xe. The CMB tem-
perature can be calculated as TCMB = TCMB,0(1 + z),
where TCMB,0 = 2.7K is the CMB temperature today.
From Eq. (2), we can see that in addition to TCMB, the
spin temperature also depends on xc, x↵, Tk and Tc. Ex-
planation to calculate xc, x↵ and Tc is given in Sec. $II.
Thus, the evolution of brightness temperature essentially
depends on the history of gas temperature (Tk) and ion-

The tree level s-channel scattering of neutrinos can induce self-interacting 
between neutrinos.
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where cs(z) ⇡ 1/
p
3 is the speed of sound in the baryon-

photon plasma. We can see from eq. 3 that the de-
crease in the phase shift �⌫ due to self-interactions of
neutrinos will shift the position of CMB multiple to-
wards high l values. In order to compensate for the
shift to match with the observed power spectrum, we
have to increase ✓⇤. This can be achieved by increasing
the value of D⇤

A
, while keeping r⇤

s
unchanged. In flat

⇤CDM model, the Hubble constant evolves with redshift
z as H(z) = H0

p
⌦r(1 + z)4 + ⌦m(1 + z)3 + ⌦⇤, where

⌦m, ⌦r and ⌦⇤ corresponds to the fraction of the en-
ergy density acquired by matter, radiation and vacuum
in the universe. If we slightly increase the value of H0

such that there is increase in the value H(z) at low red-
shift while there is negligible change for H(z) at high
redshifts, we will be able to enhance ✓⇤ such that the
observed CMB multipole l would remain unchanged. In
this way, the presence of self-interacting neutrinos neces-
sitates a higher value of H0, thus alleviating the Hubble
tension.
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FIG. 1: Feynman diagrams representing the non-standard in-
teraction between neutrinos ⌫i for i = e, µ, ⌧ .

The self neutrino interactions are governed by the fol-
lowing non-renormalizable interaction term:

L � Gij

e↵(⌫̄i⌫i)(⌫̄i⌫i), (6)

where Ge↵ corresponds to e↵ective coupling and ⌫i =
⌫e, ⌫⌫ , ⌫⌧ . In the early universe, this interaction can be
mediated by heavy/light scalars as shown in Feynman
diagram given in fig. 1. It has been found in [12, 13]
that the strength of self-interacting neutrino required to
get the required value of Hubble constant can be cate-
gorized in two regimes, namely strongly-interacting neu-
trino (SI⌫) and moderately-interacting neutrino (MI⌫).
The values of Ge↵ in both regimes are given by :

Ge↵ =

(
(4.7+0.4

�0.6 MeV)�2, SI⌫

(89+171
�61 MeV)�2, MI⌫.

(7)

These values are subjected to severe constraints from dif-
ferent laboratory experiments as well as cosmological ob-
servations [19, 20]. However, we note that after taking
into account all the constraints, there is a small amount of
parameter space left for ⌧ -generation of neutrinos. Thus,
it is interesting to explore whether the viable regime of
Ge↵ is also consistent with the self-interaction strength
required to explain the right value of KeV-sterile neutrino
relic abundance via DW mechanism.

III. KEV-STERILE NEUTRINO DARK
MATTER

In this section, we review the role of self-interacting
neutrinos in generating the relic abundance of KeV-
sterile neutrino DM. The KeV-scale sterile neutrino has
been considered to be a popular warm DM candidate,
alleviating all issues related to small scale structure of
the universe. There exists numerous methods of pro-
ducing sterile neutrinos in the early universe such as
non-resonant Dodelson-Widrow mechanism [25], reso-
nant neutrino oscillations in the presence of lepton asym-
metry [43], inflaton decay [44], decay of heavier parti-
cles [45, 46] etc. Given that the standard DW mechanism
produces sterile neutrino DM without including a lot of
ingredients from the early universe and physics beyond
SM, it has been considered as one of the attractive mech-
anisms to generate the relic abundance of KeV-sterile
neutrino. In the following subsections, we briefly discuss
the calculation of relic abundance of sterile neutrino DM
obtained through standard DW mechanism and modified
DW mechanism in the presence of self-interacting neutri-
nos respectively.

A. Standard Dodelson-Widrow Mechanism

The standard Dodelson-Widrow (DW) mechanism
postulates the existence of an additional SM singlet neu-
trino as realistic WDM candidate [25]. In the flavor ba-
sis, it can be written as a linear combination of active
(SM) ⌫i and sterile neutrino ⌫4, with physical eigenstate
⌫s = ⌫i sin ✓ + ⌫4 cos ✓, with ⌫i = ⌫e, ⌫µ, ⌫⌧ . The angle ✓
measures the mixing between the SM and sterile neutri-
nos. For all practical purposes, we consider ✓ << 1.

In the early universe, the active neutrinos remain in
thermal equilibrium with all other particles while the
sterile neutrinos do not any have any interaction with
SM particles (except feeble interaction with active neu-
trinos). Therefore, it is assumed that the sterile neutrino
has negligible initial abundance. As sterile neutrinos gets
mixed with active neutrino at tree-level, the most e�-
cient production method of sterile neutrino remains due
to active to sterile (⌫i ! ⌫s) oscillations through a mech-
anism similar to the SM neutrino oscillations. Basically,
while neutrino eigenstates propagate freely in the plasma
for some time, they acquire a small component of sterile
neutrino eigenstate. Eventually, the quantum mechanical
“measurement” collapses the neutrino eigenstate into a
sterile state with a small probability. This process contin-
ues until the active neutrinos decouple from the thermal
plasma. After decoupling, the sterile neutrinos present
at that time “freezes in” and left with a non-negligible
relic abundance.

The production of KeV-sterile neutrino DM through
DW mechanism can be described with the help of the

High energy Photons from scattering of self-interacting neutrinos 
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FIG. 1: Feynmann diagram showing (a) tree-level scattering of UHE neutrinos with C⌫B neutrinos, and (b) one-loop level
scattering of UHE neutrinos with C⌫B neutrinos into UHE photons and CMB background photons.

In the minimal model of neutrino self-interaction, we
consider a model in which the real singlet scalar at low en-
ergies couples both to neutrinos as well as leptonic part-
ners. The interaction couplings are given as:

L � g⌫i�⌫i⌫i + gli�l̄ili

where i = e, µ, ⌧ represent three di↵erent flavors of neu-
trinos. In this formulation, we assume the Majorana
neutrinos and use Weyl notation to denote the neutrino
coupling to scalar bosons and Dirac notation to denote
leptons coupling to the scalar boson. Similarly, the inter-
action can also be mediated through the new Z boson. In
the context of a scalar boson, the coupling parameters gli
and g⌫i may either be identical or distinct for a particu-
lar generation, depending on the specific particle physics
model. In most general scenarios, the coupling g⌫i is
determined by the mechanism responsible for neutrino
mass generation, while gli arises from nonrenormalizable
interactions involving the Higgs field and a new scalar
field. Since the leptonic coupling depends on the mass
of the leptons, we cannot expect the coupling gli to be
same for all generations of leptons. Thus, for the sake of
simplicity in our toy model, we assume gli = g⌫i = gi for
a particular generation.

In the presence of aforementioned interactions, the
tree-level s-channel scattering of neutrinos can induce
self-scattering of neutrinos, while the one-loop scattering
mediated through leptons and a new scalar can produce
photons. The tree-level and one-loop level Feynman dia-
gram for this process is given in Fig. 1, respectively. The
emission of gamma rays produced by radiative scattering
can heat the IGM, which, in turn, can a↵ect the 21-cm
global signal during the cosmic dawn and the dark ages.
The cross section for the one-loop process, shown in the
Feynman diagram is given by [66]
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In the above Eqs. (7) and (8), gi stands for the self-
interacting coupling for a particular flavor of neutrinos,
mi and Qi represent the mass and electromagnetic charge
of the corresponding leptonic partner, respectively, s =
2m⌫iE⌫h stands for the center of mass Mandelstam vari-
able, m� is the mass of the new scalar mediator and
�� = g

2
i
m�/4⇡ is the neutrino decay width. Here, m⌫i is

the mass of the active neutrino of a particular flavor. De-
pending on the values of E⌫h and m�, this cross section
can reach a resonance when E⌫h ⇡ m

2
�
/2m⌫i .

Using the expression for the cross section given in
Eq. (7), we will now study the e↵ect of self-interactions
of UHE neutrinos on the evolution of 21-cm brightness
temperature.

IV. EFFECT OF HEATING ON THE 21-CM
SIGNAL

In this section, we will first discuss the general e↵ect of
heating induced by new physics and its consequent im-
pact on the cosmic 21-cm absorption signal. The energy
injection from such heating can alter the temperature of
hydrogen gas during the cosmic dark ages and cosmic
dawn, a↵ecting the absorption of a 21-cm signal. Before
quantifying the energy injection resulting from the scat-
tering of UHE neutrinos with the cosmic neutrino back-
ground, we will outline the steps involved in calculating
the evolution of the gas temperature (Tk) and ionization
fraction (xe) due to standard cosmological e↵ects, as well
as the additional e↵ects due to heating.
To calculate the brightness temperature given by

Eq. (1), one needs to calculate the evolution of the
fractional neutral hydrogen (xHI), CMB temperature
(TCMB) and spin temperature (Ts) as a function of red-
shift. The parameter xHI is related to the fraction of
ionized hydrogen (xe) as xHI = 1 � xe. The CMB tem-
perature can be calculated as TCMB = TCMB,0(1 + z),
where TCMB,0 = 2.7K is the CMB temperature today.
From Eq. (2), we can see that in addition to TCMB, the
spin temperature also depends on xc, x↵, Tk and Tc. Ex-
planation to calculate xc, x↵ and Tc is given in Sec. $II.
Thus, the evolution of brightness temperature essentially
depends on the history of gas temperature (Tk) and ion-

Emission of Gamma rays can heat the Intergalactic medium, which in 
turn can effect the global 21-cm signal. 
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FIG. 1: Feynmann diagram showing (a) tree-level scattering of UHE neutrinos with C⌫B neutrinos, and (b) one-loop level
scattering of UHE neutrinos with C⌫B neutrinos into UHE photons and CMB background photons.

In the minimal model of neutrino self-interaction, we
consider a model in which the real singlet scalar at low en-
ergies couples both to neutrinos as well as leptonic part-
ners. The interaction couplings are given as:

L � g⌫i�⌫i⌫i + gli�l̄ili

where i = e, µ, ⌧ represent three di↵erent flavors of neu-
trinos. In this formulation, we assume the Majorana
neutrinos and use Weyl notation to denote the neutrino
coupling to scalar bosons and Dirac notation to denote
leptons coupling to the scalar boson. Similarly, the inter-
action can also be mediated through the new Z boson. In
the context of a scalar boson, the coupling parameters gli
and g⌫i may either be identical or distinct for a particu-
lar generation, depending on the specific particle physics
model. In most general scenarios, the coupling g⌫i is
determined by the mechanism responsible for neutrino
mass generation, while gli arises from nonrenormalizable
interactions involving the Higgs field and a new scalar
field. Since the leptonic coupling depends on the mass
of the leptons, we cannot expect the coupling gli to be
same for all generations of leptons. Thus, for the sake of
simplicity in our toy model, we assume gli = g⌫i = gi for
a particular generation.

In the presence of aforementioned interactions, the
tree-level s-channel scattering of neutrinos can induce
self-scattering of neutrinos, while the one-loop scattering
mediated through leptons and a new scalar can produce
photons. The tree-level and one-loop level Feynman dia-
gram for this process is given in Fig. 1, respectively. The
emission of gamma rays produced by radiative scattering
can heat the IGM, which, in turn, can a↵ect the 21-cm
global signal during the cosmic dawn and the dark ages.
The cross section for the one-loop process, shown in the
Feynman diagram is given by [66]
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In the above Eqs. (7) and (8), gi stands for the self-
interacting coupling for a particular flavor of neutrinos,
mi and Qi represent the mass and electromagnetic charge
of the corresponding leptonic partner, respectively, s =
2m⌫iE⌫h stands for the center of mass Mandelstam vari-
able, m� is the mass of the new scalar mediator and
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m�/4⇡ is the neutrino decay width. Here, m⌫i is

the mass of the active neutrino of a particular flavor. De-
pending on the values of E⌫h and m�, this cross section
can reach a resonance when E⌫h ⇡ m
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Using the expression for the cross section given in
Eq. (7), we will now study the e↵ect of self-interactions
of UHE neutrinos on the evolution of 21-cm brightness
temperature.

IV. EFFECT OF HEATING ON THE 21-CM
SIGNAL

In this section, we will first discuss the general e↵ect of
heating induced by new physics and its consequent im-
pact on the cosmic 21-cm absorption signal. The energy
injection from such heating can alter the temperature of
hydrogen gas during the cosmic dark ages and cosmic
dawn, a↵ecting the absorption of a 21-cm signal. Before
quantifying the energy injection resulting from the scat-
tering of UHE neutrinos with the cosmic neutrino back-
ground, we will outline the steps involved in calculating
the evolution of the gas temperature (Tk) and ionization
fraction (xe) due to standard cosmological e↵ects, as well
as the additional e↵ects due to heating.
To calculate the brightness temperature given by

Eq. (1), one needs to calculate the evolution of the
fractional neutral hydrogen (xHI), CMB temperature
(TCMB) and spin temperature (Ts) as a function of red-
shift. The parameter xHI is related to the fraction of
ionized hydrogen (xe) as xHI = 1 � xe. The CMB tem-
perature can be calculated as TCMB = TCMB,0(1 + z),
where TCMB,0 = 2.7K is the CMB temperature today.
From Eq. (2), we can see that in addition to TCMB, the
spin temperature also depends on xc, x↵, Tk and Tc. Ex-
planation to calculate xc, x↵ and Tc is given in Sec. $II.
Thus, the evolution of brightness temperature essentially
depends on the history of gas temperature (Tk) and ion-
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FIG. 1: Feynmann diagram showing (a) tree-level scattering of UHE neutrinos with C⌫B neutrinos, and (b) one-loop level
scattering of UHE neutrinos with C⌫B neutrinos into UHE photons and CMB background photons.

In the minimal model of neutrino self-interaction, we
consider a model in which the real singlet scalar at low en-
ergies couples both to neutrinos as well as leptonic part-
ners. The interaction couplings are given as:

L � g⌫i�⌫i⌫i + gli�l̄ili

where i = e, µ, ⌧ represent three di↵erent flavors of neu-
trinos. In this formulation, we assume the Majorana
neutrinos and use Weyl notation to denote the neutrino
coupling to scalar bosons and Dirac notation to denote
leptons coupling to the scalar boson. Similarly, the inter-
action can also be mediated through the new Z boson. In
the context of a scalar boson, the coupling parameters gli
and g⌫i may either be identical or distinct for a particu-
lar generation, depending on the specific particle physics
model. In most general scenarios, the coupling g⌫i is
determined by the mechanism responsible for neutrino
mass generation, while gli arises from nonrenormalizable
interactions involving the Higgs field and a new scalar
field. Since the leptonic coupling depends on the mass
of the leptons, we cannot expect the coupling gli to be
same for all generations of leptons. Thus, for the sake of
simplicity in our toy model, we assume gli = g⌫i = gi for
a particular generation.

In the presence of aforementioned interactions, the
tree-level s-channel scattering of neutrinos can induce
self-scattering of neutrinos, while the one-loop scattering
mediated through leptons and a new scalar can produce
photons. The tree-level and one-loop level Feynman dia-
gram for this process is given in Fig. 1, respectively. The
emission of gamma rays produced by radiative scattering
can heat the IGM, which, in turn, can a↵ect the 21-cm
global signal during the cosmic dawn and the dark ages.
The cross section for the one-loop process, shown in the
Feynman diagram is given by [66]
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In the above Eqs. (7) and (8), gi stands for the self-
interacting coupling for a particular flavor of neutrinos,
mi and Qi represent the mass and electromagnetic charge
of the corresponding leptonic partner, respectively, s =
2m⌫iE⌫h stands for the center of mass Mandelstam vari-
able, m� is the mass of the new scalar mediator and
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pending on the values of E⌫h and m�, this cross section
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Using the expression for the cross section given in
Eq. (7), we will now study the e↵ect of self-interactions
of UHE neutrinos on the evolution of 21-cm brightness
temperature.

IV. EFFECT OF HEATING ON THE 21-CM
SIGNAL

In this section, we will first discuss the general e↵ect of
heating induced by new physics and its consequent im-
pact on the cosmic 21-cm absorption signal. The energy
injection from such heating can alter the temperature of
hydrogen gas during the cosmic dark ages and cosmic
dawn, a↵ecting the absorption of a 21-cm signal. Before
quantifying the energy injection resulting from the scat-
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Thus, the evolution of brightness temperature essentially
depends on the history of gas temperature (Tk) and ion-
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ization fraction (xe). To calculate the same, we follow a
standard Peebles recombination framework [92], further
refined in subsequent studies [93–95]. This framework
involves solving two coupled ordinary di↵erential equa-
tions for the evolution of gas temperature and ionization
fraction.

A. Evolution of gas temperature

The evolution of the kinetic gas temperature with red-
shift follows [96, 97]:

dTk
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+

�C

(1 + z)H
(Tk � TCMB) (9)

In Eq. (9), the first term shows the e↵ect of cosmologi-
cal expansion on the gas temperature. The second term
represents the heating due to the Compton scattering be-
tween hydrogen gas and CMB photons. Here, �c denotes
the Compton scattering rate, defined as

�C =
8�TarT

4
CMBxe

3(1 + fHe + xe)mec
(10)

where �T , ar and me are the Thomson scattering cross
section, Stephan-Boltzmann radiation constant and mass
of an electron, respectively and fHe = nHe/nH is the
helium fraction. It has also been shown in Ref. [98]
that Lyman-↵ photons facilitate energy transfer between
CMB photons and the thermal motions of hydrogen
atoms. In scenarios lacking x-ray heating, this newly
identified mechanism significantly modulates the temper-
ature of adiabatically cooling gas by approximately 10%
at z ⇡ 17. To include this e↵ect, Eq. (9) gets modified
as,
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where �R is the heating rate due to the transfer of energy
from CMB photons to the thermal motion of hydrogen
gas and is given by

�R =
xHIxCMB

2(1 + fHe + xe)
A10 (12)

where A10 = 2.86⇥ 10�15
s
�1 is the Einstein coe�cient
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Finally to include additional injection of energetic par-
ticles due to certain BSM processes such as DM de-
cay/annihilation, decay of primordial black holes, or the

scattering of energetic particles, etc., Eq. (11) can be
modified as follows:

dTk

dz
=

dTk

dz

����
eq.(11)

(15)

�
2

H(z)(1 + z)3kBnH(z)(1 + fHe + xe)

dE

dV dt

����
dep,h

where kB is the Boltzmann constant. The last term in
Eq. (15) corresponds to the energy deposition into the
IGM. Each channel of energy deposition is represented
by the subscripts c = i,↵, h, corresponding to ioniza-
tion, excitation, and heating, respectively. It should be
noted that not all of the energy injected from DM inter-
action is fully deposited in the medium. The quantity of
energy deposited in the medium heavily depends upon
various DM interaction channels. The energy deposition
rate [99–101], in general form is given in terms of energy
injection rate as,

dE

dV dt
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dep,c

= fc(z)
dE

dV dt

����
inj

(16)

where fc(z) is a dimensionless factor representing e�-
ciency, the amount of deposited energy in the medium in
the three di↵erent channels. In this work, we assume that
a fraction fe↵ of the energy produced by various processes
such as DM and heavy particle decay/annihilation, scat-
tering, etc. at certain redshift is instantaneously trans-
ferred to the plasma, using a simplified approach called
the “SSCK” approximation [96, 102].

fi = f↵ ⇡ feff
1� xe

3
, fh = feff

1 + 2xe

3

For all our analysis, we will be using fe↵ ⇡ 0.1, as dis-
cussed in [103].

B. Evolution of free electron fraction

The evolution of the ionization fraction/free electron
fraction (xe) with redshift (z) is given by [102],

dxe

dz
=

1

(1 + z)H(z)
[Rs(z)� Is(z)� IX(z)] (17)

where Rs and Is are the standard recombination rate
(from ionized gas to neutral gas) and standard ionization
rate (from neutral gas to ionized gas). The details of
these parameters are given in the Appendix.
The last term in Eq. (17), IX , can be written as

IX = IXi + IX↵ . It represents an ionization rate due to
the additional injection of energetic particles. IXi repre-
sents the direct ionization rate while IX↵ represents the
excitation plus ionization rate [104]. Furthermore, the
ionization rate IX can be written in terms of the energy
deposition rate from the additional injection of energetic
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where kB is the Boltzmann constant. The last term in
Eq. (15) corresponds to the energy deposition into the
IGM. Each channel of energy deposition is represented
by the subscripts c = i,↵, h, corresponding to ioniza-
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where fc(z) is a dimensionless factor representing e�-
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For all our analysis, we will be using fe↵ ⇡ 0.1, as dis-
cussed in [103].
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The evolution of the ionization fraction/free electron
fraction (xe) with redshift (z) is given by [102],
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where Rs and Is are the standard recombination rate
(from ionized gas to neutral gas) and standard ionization
rate (from neutral gas to ionized gas). The details of
these parameters are given in the Appendix.
The last term in Eq. (17), IX , can be written as
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sents the direct ionization rate while IX↵ represents the
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 standard recombination rate from ionised gas to neutral gasRs(z)−

Is(z)−  standard recombination rate from neutral gas to ionised gas

IX(z)− ionization rate due to the additional injection of energetic particles

IX(z) = IXi
(z) + IXα

(z) (direct ionization rate + excitation plus ionization)

EFFECT OF HEATING ON 21-CM SIGNAL

M. Dhuria and B. Gupta Teli, e-Print: 2406.19279 [hep-ph]



6

particles due to the aforementioned exotic processes.

IXi =
1

nH(z)E0

dE

dV dt

����
dep,i

(18)

IX↵ =
(1� P)

nH(z)E↵

dE

dV dt

����
dep,↵

, (19)

where P is the Peebles coe�cient given in the Appendix,
nH(z) is the number density of hydrogen nuclei (proton
density), E0 is the ionization energy of a hydrogen atom
and E↵ is the Lyman-↵ energy of a hydrogen atom. Here,
we neglect the e↵ect of the extra energy injection on he-
lium ionization, which has been demonstrated to be sub-
dominant and thus should not significantly impact our
results.

Using this formalism, we will numerically calculate the
evolution of the gas temperature and ionization frac-
tion by incorporating the heating e↵ect induced by the
radiative scattering of UHE neutrinos with the cosmic
neutrino background. For solving the di↵erential equa-
tions, we assume the initial conditions Tk(z = 10000) =
TCMB(z = 10000) and xe(z = 10000) = 1. The assump-
tion is justified because, at high redshift, the gas temper-
ature is strongly coupled to CMB temperature, and the
gas is fully ionized.

V. ENERGY INJECTION RATE DUE TO
SELF-SCATTERING OF UHE NEUTRINOS

As stated in Sec. III, the UHE neutrinos formed
from the decay of superheavy DM can interact with the
relic cosmic neutrino background present in the Universe.
This scattering can also lead to the production of photons
at the one-loop level, which can heat the intergalactic gas
and alter both the gas temperature Tk and the brightness
temperature T21. In this section, we will calculate the en-
ergy injection rate resulting from the emission of photons
during the scattering of UHE neutrinos with C⌫B neu-
trinos.

The C⌫B neutrinos are thermally distributed in the
Universe with present-day neutrino background temper-
ature of T⌫,0 = 1.9 K and number density per flavor of
n⌫i,0 = 112 cm�3 [105]. The velocity-averaged cross sec-
tion of the incident UHE neutrino having energy E⌫h

with C⌫B neutrinos can be expressed in the form [106],

h�vi =
1

n⌫i

Z
d
3
p

(2⇡)3
f(~p)vMøl�(s(E⌫h , ~p)) (20)

where, f(~p) is the C⌫B neutrino momentum distribution
and vMøl is called Møller velocity. As C⌫B neutrinos
will have m⌫i � T⌫ in the relevant range of redshift, the
center of mass energy would be independent of momen-
tum ~p of C⌫B neutrinos. Hence, we can approximate
s ⇡ 2E⌫hm⌫ and vMøl = 1. Using this, the integral be-
comes

h�vi = �(2E⌫hm⌫i), (21)

where m⌫i ⇠ 0.1 eV is the mass of active neutrino. Fol-
lowing the procedure from [107], we find the evolution
of the number density of the UHE neutrinos (n⌫h) while
scattering with C⌫B neutrinos as

dn⌫h

dt
= n⌫hn⌫ih�vi, (22)

where n⌫i is the number density of a particular flavor of
C⌫B neutrinos. Considering that a fraction of DM (fDM)
in the Universe consists of UHE neutrinos resulting from
the decay of superheavy DM, the present-day number
density of UHE neutrinos can be calculated from

n⌫h,0 =
fDM⌦DM⇢c

mDM
, (23)

where ⌦DM is the present day relic abundance of DM,
⇢c is the critical density of the Universe and mDM is
the mass of DM. Since the neutrinos are nonrelativistic,
their number density varies as n⌫h = n⌫h,0(1 + z)3 and
n⌫i = n⌫i,0(1+ z)3, where n⌫h,0 and n⌫i,0 are present-day
neutrino density of UHE neutrinos emitted from decay
of DM and present-day neutrino density of single gener-
ation of C⌫B background, respectively. Using this and
Eqs. (22) and (23), we obtain

dn⌫h

dt
=

(1 + z)6fDM⌦DM⇢ch�vin⌫i,0

mDM
(24)

As almost the entire rest mass of DM is available as part
of the energy of neutrinos, the energy injection rate into
the IGM will be then given by multiplying Eq. (24) with
mDMc

2 for a simple case of DM two-body decay into a
pair of UHE neutrinos. With this, the energy injection
rate due to the given process is finally given by

dE

dV dt

����
inj

= (1 + z)6fDM⌦DMn⌫i,0⇢cc
2
h�vi (25)

Utilizing the expression above for the energy injection
rate, we can assess the impact of heating induced by the
radiative scattering of UHE neutrinos into photons on the
21-cm brightness temperature by following the general
procedure outlined in the previous section. We assume
fDM ⇡ 1 throughout the text, unless explicitly stated
otherwise.

VI. RESULTS

In this section, we present our numerical findings on
the evolution of the 21-cm brightness temperature in the
context of radiative scattering of UHE self-interacting
neutrinos into photons. Given that the brightness tem-
perature is influenced by the evolution of gas temperature
and the free electron fraction, we begin by discussing the
evolution of these parameters in the presence of energy
injection resulting from the radiative scattering.

𝒫− Peeble coefficient, nH(z)−number density of hydrogen atoms

Eα− Lyman alpha energy
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particles due to the aforementioned exotic processes.

IXi =
1

nH(z)E0

dE

dV dt

����
dep,i

(18)

IX↵ =
(1� P)

nH(z)E↵

dE
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where P is the Peebles coe�cient given in the Appendix,
nH(z) is the number density of hydrogen nuclei (proton
density), E0 is the ionization energy of a hydrogen atom
and E↵ is the Lyman-↵ energy of a hydrogen atom. Here,
we neglect the e↵ect of the extra energy injection on he-
lium ionization, which has been demonstrated to be sub-
dominant and thus should not significantly impact our
results.

Using this formalism, we will numerically calculate the
evolution of the gas temperature and ionization frac-
tion by incorporating the heating e↵ect induced by the
radiative scattering of UHE neutrinos with the cosmic
neutrino background. For solving the di↵erential equa-
tions, we assume the initial conditions Tk(z = 10000) =
TCMB(z = 10000) and xe(z = 10000) = 1. The assump-
tion is justified because, at high redshift, the gas temper-
ature is strongly coupled to CMB temperature, and the
gas is fully ionized.

V. ENERGY INJECTION RATE DUE TO
SELF-SCATTERING OF UHE NEUTRINOS

As stated in Sec. III, the UHE neutrinos formed
from the decay of superheavy DM can interact with the
relic cosmic neutrino background present in the Universe.
This scattering can also lead to the production of photons
at the one-loop level, which can heat the intergalactic gas
and alter both the gas temperature Tk and the brightness
temperature T21. In this section, we will calculate the en-
ergy injection rate resulting from the emission of photons
during the scattering of UHE neutrinos with C⌫B neu-
trinos.

The C⌫B neutrinos are thermally distributed in the
Universe with present-day neutrino background temper-
ature of T⌫,0 = 1.9 K and number density per flavor of
n⌫i,0 = 112 cm�3 [105]. The velocity-averaged cross sec-
tion of the incident UHE neutrino having energy E⌫h

with C⌫B neutrinos can be expressed in the form [106],

h�vi =
1

n⌫i

Z
d
3
p

(2⇡)3
f(~p)vMøl�(s(E⌫h , ~p)) (20)

where, f(~p) is the C⌫B neutrino momentum distribution
and vMøl is called Møller velocity. As C⌫B neutrinos
will have m⌫i � T⌫ in the relevant range of redshift, the
center of mass energy would be independent of momen-
tum ~p of C⌫B neutrinos. Hence, we can approximate
s ⇡ 2E⌫hm⌫ and vMøl = 1. Using this, the integral be-
comes

h�vi = �(2E⌫hm⌫i), (21)

where m⌫i ⇠ 0.1 eV is the mass of active neutrino. Fol-
lowing the procedure from [107], we find the evolution
of the number density of the UHE neutrinos (n⌫h) while
scattering with C⌫B neutrinos as

dn⌫h

dt
= n⌫hn⌫ih�vi, (22)

where n⌫i is the number density of a particular flavor of
C⌫B neutrinos. Considering that a fraction of DM (fDM)
in the Universe consists of UHE neutrinos resulting from
the decay of superheavy DM, the present-day number
density of UHE neutrinos can be calculated from

n⌫h,0 =
fDM⌦DM⇢c

mDM
, (23)

where ⌦DM is the present day relic abundance of DM,
⇢c is the critical density of the Universe and mDM is
the mass of DM. Since the neutrinos are nonrelativistic,
their number density varies as n⌫h = n⌫h,0(1 + z)3 and
n⌫i = n⌫i,0(1+ z)3, where n⌫h,0 and n⌫i,0 are present-day
neutrino density of UHE neutrinos emitted from decay
of DM and present-day neutrino density of single gener-
ation of C⌫B background, respectively. Using this and
Eqs. (22) and (23), we obtain

dn⌫h

dt
=

(1 + z)6fDM⌦DM⇢ch�vin⌫i,0

mDM
(24)

As almost the entire rest mass of DM is available as part
of the energy of neutrinos, the energy injection rate into
the IGM will be then given by multiplying Eq. (24) with
mDMc

2 for a simple case of DM two-body decay into a
pair of UHE neutrinos. With this, the energy injection
rate due to the given process is finally given by

dE

dV dt

����
inj

= (1 + z)6fDM⌦DMn⌫i,0⇢cc
2
h�vi (25)

Utilizing the expression above for the energy injection
rate, we can assess the impact of heating induced by the
radiative scattering of UHE neutrinos into photons on the
21-cm brightness temperature by following the general
procedure outlined in the previous section. We assume
fDM ⇡ 1 throughout the text, unless explicitly stated
otherwise.

VI. RESULTS

In this section, we present our numerical findings on
the evolution of the 21-cm brightness temperature in the
context of radiative scattering of UHE self-interacting
neutrinos into photons. Given that the brightness tem-
perature is influenced by the evolution of gas temperature
and the free electron fraction, we begin by discussing the
evolution of these parameters in the presence of energy
injection resulting from the radiative scattering.
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particles due to the aforementioned exotic processes.

IXi =
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dep,i
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IX↵ =
(1� P)

nH(z)E↵

dE
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dep,↵
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where P is the Peebles coe�cient given in the Appendix,
nH(z) is the number density of hydrogen nuclei (proton
density), E0 is the ionization energy of a hydrogen atom
and E↵ is the Lyman-↵ energy of a hydrogen atom. Here,
we neglect the e↵ect of the extra energy injection on he-
lium ionization, which has been demonstrated to be sub-
dominant and thus should not significantly impact our
results.

Using this formalism, we will numerically calculate the
evolution of the gas temperature and ionization frac-
tion by incorporating the heating e↵ect induced by the
radiative scattering of UHE neutrinos with the cosmic
neutrino background. For solving the di↵erential equa-
tions, we assume the initial conditions Tk(z = 10000) =
TCMB(z = 10000) and xe(z = 10000) = 1. The assump-
tion is justified because, at high redshift, the gas temper-
ature is strongly coupled to CMB temperature, and the
gas is fully ionized.

V. ENERGY INJECTION RATE DUE TO
SELF-SCATTERING OF UHE NEUTRINOS

As stated in Sec. III, the UHE neutrinos formed
from the decay of superheavy DM can interact with the
relic cosmic neutrino background present in the Universe.
This scattering can also lead to the production of photons
at the one-loop level, which can heat the intergalactic gas
and alter both the gas temperature Tk and the brightness
temperature T21. In this section, we will calculate the en-
ergy injection rate resulting from the emission of photons
during the scattering of UHE neutrinos with C⌫B neu-
trinos.

The C⌫B neutrinos are thermally distributed in the
Universe with present-day neutrino background temper-
ature of T⌫,0 = 1.9 K and number density per flavor of
n⌫i,0 = 112 cm�3 [105]. The velocity-averaged cross sec-
tion of the incident UHE neutrino having energy E⌫h

with C⌫B neutrinos can be expressed in the form [106],

h�vi =
1

n⌫i

Z
d
3
p

(2⇡)3
f(~p)vMøl�(s(E⌫h , ~p)) (20)

where, f(~p) is the C⌫B neutrino momentum distribution
and vMøl is called Møller velocity. As C⌫B neutrinos
will have m⌫i � T⌫ in the relevant range of redshift, the
center of mass energy would be independent of momen-
tum ~p of C⌫B neutrinos. Hence, we can approximate
s ⇡ 2E⌫hm⌫ and vMøl = 1. Using this, the integral be-
comes

h�vi = �(2E⌫hm⌫i), (21)

where m⌫i ⇠ 0.1 eV is the mass of active neutrino. Fol-
lowing the procedure from [107], we find the evolution
of the number density of the UHE neutrinos (n⌫h) while
scattering with C⌫B neutrinos as

dn⌫h

dt
= n⌫hn⌫ih�vi, (22)

where n⌫i is the number density of a particular flavor of
C⌫B neutrinos. Considering that a fraction of DM (fDM)
in the Universe consists of UHE neutrinos resulting from
the decay of superheavy DM, the present-day number
density of UHE neutrinos can be calculated from

n⌫h,0 =
fDM⌦DM⇢c

mDM
, (23)

where ⌦DM is the present day relic abundance of DM,
⇢c is the critical density of the Universe and mDM is
the mass of DM. Since the neutrinos are nonrelativistic,
their number density varies as n⌫h = n⌫h,0(1 + z)3 and
n⌫i = n⌫i,0(1+ z)3, where n⌫h,0 and n⌫i,0 are present-day
neutrino density of UHE neutrinos emitted from decay
of DM and present-day neutrino density of single gener-
ation of C⌫B background, respectively. Using this and
Eqs. (22) and (23), we obtain

dn⌫h

dt
=

(1 + z)6fDM⌦DM⇢ch�vin⌫i,0

mDM
(24)

As almost the entire rest mass of DM is available as part
of the energy of neutrinos, the energy injection rate into
the IGM will be then given by multiplying Eq. (24) with
mDMc

2 for a simple case of DM two-body decay into a
pair of UHE neutrinos. With this, the energy injection
rate due to the given process is finally given by

dE

dV dt

����
inj

= (1 + z)6fDM⌦DMn⌫i,0⇢cc
2
h�vi (25)

Utilizing the expression above for the energy injection
rate, we can assess the impact of heating induced by the
radiative scattering of UHE neutrinos into photons on the
21-cm brightness temperature by following the general
procedure outlined in the previous section. We assume
fDM ⇡ 1 throughout the text, unless explicitly stated
otherwise.

VI. RESULTS

In this section, we present our numerical findings on
the evolution of the 21-cm brightness temperature in the
context of radiative scattering of UHE self-interacting
neutrinos into photons. Given that the brightness tem-
perature is influenced by the evolution of gas temperature
and the free electron fraction, we begin by discussing the
evolution of these parameters in the presence of energy
injection resulting from the radiative scattering.

The differential equation can be solved by assuming initial condition:
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particles due to the aforementioned exotic processes.

IXi =
1

nH(z)E0

dE

dV dt

����
dep,i

(18)
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nH(z)E↵
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where P is the Peebles coe�cient given in the Appendix,
nH(z) is the number density of hydrogen nuclei (proton
density), E0 is the ionization energy of a hydrogen atom
and E↵ is the Lyman-↵ energy of a hydrogen atom. Here,
we neglect the e↵ect of the extra energy injection on he-
lium ionization, which has been demonstrated to be sub-
dominant and thus should not significantly impact our
results.

Using this formalism, we will numerically calculate the
evolution of the gas temperature and ionization frac-
tion by incorporating the heating e↵ect induced by the
radiative scattering of UHE neutrinos with the cosmic
neutrino background. For solving the di↵erential equa-
tions, we assume the initial conditions Tk(z = 10000) =
TCMB(z = 10000) and xe(z = 10000) = 1. The assump-
tion is justified because, at high redshift, the gas temper-
ature is strongly coupled to CMB temperature, and the
gas is fully ionized.

V. ENERGY INJECTION RATE DUE TO
SELF-SCATTERING OF UHE NEUTRINOS

As stated in Sec. III, the UHE neutrinos formed
from the decay of superheavy DM can interact with the
relic cosmic neutrino background present in the Universe.
This scattering can also lead to the production of photons
at the one-loop level, which can heat the intergalactic gas
and alter both the gas temperature Tk and the brightness
temperature T21. In this section, we will calculate the en-
ergy injection rate resulting from the emission of photons
during the scattering of UHE neutrinos with C⌫B neu-
trinos.

The C⌫B neutrinos are thermally distributed in the
Universe with present-day neutrino background temper-
ature of T⌫,0 = 1.9 K and number density per flavor of
n⌫i,0 = 112 cm�3 [105]. The velocity-averaged cross sec-
tion of the incident UHE neutrino having energy E⌫h

with C⌫B neutrinos can be expressed in the form [106],

h�vi =
1

n⌫i

Z
d
3
p

(2⇡)3
f(~p)vMøl�(s(E⌫h , ~p)) (20)

where, f(~p) is the C⌫B neutrino momentum distribution
and vMøl is called Møller velocity. As C⌫B neutrinos
will have m⌫i � T⌫ in the relevant range of redshift, the
center of mass energy would be independent of momen-
tum ~p of C⌫B neutrinos. Hence, we can approximate
s ⇡ 2E⌫hm⌫ and vMøl = 1. Using this, the integral be-
comes

h�vi = �(2E⌫hm⌫i), (21)

where m⌫i ⇠ 0.1 eV is the mass of active neutrino. Fol-
lowing the procedure from [107], we find the evolution
of the number density of the UHE neutrinos (n⌫h) while
scattering with C⌫B neutrinos as

dn⌫h

dt
= n⌫hn⌫ih�vi, (22)

where n⌫i is the number density of a particular flavor of
C⌫B neutrinos. Considering that a fraction of DM (fDM)
in the Universe consists of UHE neutrinos resulting from
the decay of superheavy DM, the present-day number
density of UHE neutrinos can be calculated from

n⌫h,0 =
fDM⌦DM⇢c

mDM
, (23)

where ⌦DM is the present day relic abundance of DM,
⇢c is the critical density of the Universe and mDM is
the mass of DM. Since the neutrinos are nonrelativistic,
their number density varies as n⌫h = n⌫h,0(1 + z)3 and
n⌫i = n⌫i,0(1+ z)3, where n⌫h,0 and n⌫i,0 are present-day
neutrino density of UHE neutrinos emitted from decay
of DM and present-day neutrino density of single gener-
ation of C⌫B background, respectively. Using this and
Eqs. (22) and (23), we obtain

dn⌫h

dt
=

(1 + z)6fDM⌦DM⇢ch�vin⌫i,0

mDM
(24)

As almost the entire rest mass of DM is available as part
of the energy of neutrinos, the energy injection rate into
the IGM will be then given by multiplying Eq. (24) with
mDMc

2 for a simple case of DM two-body decay into a
pair of UHE neutrinos. With this, the energy injection
rate due to the given process is finally given by

dE

dV dt

����
inj

= (1 + z)6fDM⌦DMn⌫i,0⇢cc
2
h�vi (25)

Utilizing the expression above for the energy injection
rate, we can assess the impact of heating induced by the
radiative scattering of UHE neutrinos into photons on the
21-cm brightness temperature by following the general
procedure outlined in the previous section. We assume
fDM ⇡ 1 throughout the text, unless explicitly stated
otherwise.

VI. RESULTS

In this section, we present our numerical findings on
the evolution of the 21-cm brightness temperature in the
context of radiative scattering of UHE self-interacting
neutrinos into photons. Given that the brightness tem-
perature is influenced by the evolution of gas temperature
and the free electron fraction, we begin by discussing the
evolution of these parameters in the presence of energy
injection resulting from the radiative scattering.

For present day neutrino temperature: Tν(z) = 1.9K

nνi
(0) = 112 cm−3

For CMB neutrinos with mass around 0.1 eV , neutrinos will be non- 
relativistic.
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particles due to the aforementioned exotic processes.
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where P is the Peebles coe�cient given in the Appendix,
nH(z) is the number density of hydrogen nuclei (proton
density), E0 is the ionization energy of a hydrogen atom
and E↵ is the Lyman-↵ energy of a hydrogen atom. Here,
we neglect the e↵ect of the extra energy injection on he-
lium ionization, which has been demonstrated to be sub-
dominant and thus should not significantly impact our
results.

Using this formalism, we will numerically calculate the
evolution of the gas temperature and ionization frac-
tion by incorporating the heating e↵ect induced by the
radiative scattering of UHE neutrinos with the cosmic
neutrino background. For solving the di↵erential equa-
tions, we assume the initial conditions Tk(z = 10000) =
TCMB(z = 10000) and xe(z = 10000) = 1. The assump-
tion is justified because, at high redshift, the gas temper-
ature is strongly coupled to CMB temperature, and the
gas is fully ionized.

V. ENERGY INJECTION RATE DUE TO
SELF-SCATTERING OF UHE NEUTRINOS

As stated in Sec. III, the UHE neutrinos formed
from the decay of superheavy DM can interact with the
relic cosmic neutrino background present in the Universe.
This scattering can also lead to the production of photons
at the one-loop level, which can heat the intergalactic gas
and alter both the gas temperature Tk and the brightness
temperature T21. In this section, we will calculate the en-
ergy injection rate resulting from the emission of photons
during the scattering of UHE neutrinos with C⌫B neu-
trinos.

The C⌫B neutrinos are thermally distributed in the
Universe with present-day neutrino background temper-
ature of T⌫,0 = 1.9 K and number density per flavor of
n⌫i,0 = 112 cm�3 [105]. The velocity-averaged cross sec-
tion of the incident UHE neutrino having energy E⌫h

with C⌫B neutrinos can be expressed in the form [106],

h�vi =
1

n⌫i

Z
d
3
p

(2⇡)3
f(~p)vMøl�(s(E⌫h , ~p)) (20)

where, f(~p) is the C⌫B neutrino momentum distribution
and vMøl is called Møller velocity. As C⌫B neutrinos
will have m⌫i � T⌫ in the relevant range of redshift, the
center of mass energy would be independent of momen-
tum ~p of C⌫B neutrinos. Hence, we can approximate
s ⇡ 2E⌫hm⌫ and vMøl = 1. Using this, the integral be-
comes

h�vi = �(2E⌫hm⌫i), (21)

where m⌫i ⇠ 0.1 eV is the mass of active neutrino. Fol-
lowing the procedure from [107], we find the evolution
of the number density of the UHE neutrinos (n⌫h) while
scattering with C⌫B neutrinos as

dn⌫h

dt
= n⌫hn⌫ih�vi, (22)

where n⌫i is the number density of a particular flavor of
C⌫B neutrinos. Considering that a fraction of DM (fDM)
in the Universe consists of UHE neutrinos resulting from
the decay of superheavy DM, the present-day number
density of UHE neutrinos can be calculated from

n⌫h,0 =
fDM⌦DM⇢c

mDM
, (23)

where ⌦DM is the present day relic abundance of DM,
⇢c is the critical density of the Universe and mDM is
the mass of DM. Since the neutrinos are nonrelativistic,
their number density varies as n⌫h = n⌫h,0(1 + z)3 and
n⌫i = n⌫i,0(1+ z)3, where n⌫h,0 and n⌫i,0 are present-day
neutrino density of UHE neutrinos emitted from decay
of DM and present-day neutrino density of single gener-
ation of C⌫B background, respectively. Using this and
Eqs. (22) and (23), we obtain

dn⌫h

dt
=

(1 + z)6fDM⌦DM⇢ch�vin⌫i,0

mDM
(24)

As almost the entire rest mass of DM is available as part
of the energy of neutrinos, the energy injection rate into
the IGM will be then given by multiplying Eq. (24) with
mDMc

2 for a simple case of DM two-body decay into a
pair of UHE neutrinos. With this, the energy injection
rate due to the given process is finally given by

dE

dV dt

����
inj

= (1 + z)6fDM⌦DMn⌫i,0⇢cc
2
h�vi (25)

Utilizing the expression above for the energy injection
rate, we can assess the impact of heating induced by the
radiative scattering of UHE neutrinos into photons on the
21-cm brightness temperature by following the general
procedure outlined in the previous section. We assume
fDM ⇡ 1 throughout the text, unless explicitly stated
otherwise.

VI. RESULTS

In this section, we present our numerical findings on
the evolution of the 21-cm brightness temperature in the
context of radiative scattering of UHE self-interacting
neutrinos into photons. Given that the brightness tem-
perature is influenced by the evolution of gas temperature
and the free electron fraction, we begin by discussing the
evolution of these parameters in the presence of energy
injection resulting from the radiative scattering.

Thus, we consider: 

With this, 
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where P is the Peebles coe�cient given in the Appendix,
nH(z) is the number density of hydrogen nuclei (proton
density), E0 is the ionization energy of a hydrogen atom
and E↵ is the Lyman-↵ energy of a hydrogen atom. Here,
we neglect the e↵ect of the extra energy injection on he-
lium ionization, which has been demonstrated to be sub-
dominant and thus should not significantly impact our
results.

Using this formalism, we will numerically calculate the
evolution of the gas temperature and ionization frac-
tion by incorporating the heating e↵ect induced by the
radiative scattering of UHE neutrinos with the cosmic
neutrino background. For solving the di↵erential equa-
tions, we assume the initial conditions Tk(z = 10000) =
TCMB(z = 10000) and xe(z = 10000) = 1. The assump-
tion is justified because, at high redshift, the gas temper-
ature is strongly coupled to CMB temperature, and the
gas is fully ionized.

V. ENERGY INJECTION RATE DUE TO
SELF-SCATTERING OF UHE NEUTRINOS

As stated in Sec. III, the UHE neutrinos formed
from the decay of superheavy DM can interact with the
relic cosmic neutrino background present in the Universe.
This scattering can also lead to the production of photons
at the one-loop level, which can heat the intergalactic gas
and alter both the gas temperature Tk and the brightness
temperature T21. In this section, we will calculate the en-
ergy injection rate resulting from the emission of photons
during the scattering of UHE neutrinos with C⌫B neu-
trinos.

The C⌫B neutrinos are thermally distributed in the
Universe with present-day neutrino background temper-
ature of T⌫,0 = 1.9 K and number density per flavor of
n⌫i,0 = 112 cm�3 [105]. The velocity-averaged cross sec-
tion of the incident UHE neutrino having energy E⌫h

with C⌫B neutrinos can be expressed in the form [106],

h�vi =
1

n⌫i

Z
d
3
p

(2⇡)3
f(~p)vMøl�(s(E⌫h , ~p)) (20)

where, f(~p) is the C⌫B neutrino momentum distribution
and vMøl is called Møller velocity. As C⌫B neutrinos
will have m⌫i � T⌫ in the relevant range of redshift, the
center of mass energy would be independent of momen-
tum ~p of C⌫B neutrinos. Hence, we can approximate
s ⇡ 2E⌫hm⌫ and vMøl = 1. Using this, the integral be-
comes

h�vi = �(2E⌫hm⌫i), (21)

where m⌫i ⇠ 0.1 eV is the mass of active neutrino. Fol-
lowing the procedure from [107], we find the evolution
of the number density of the UHE neutrinos (n⌫h) while
scattering with C⌫B neutrinos as

dn⌫h

dt
= n⌫hn⌫ih�vi, (22)

where n⌫i is the number density of a particular flavor of
C⌫B neutrinos. Considering that a fraction of DM (fDM)
in the Universe consists of UHE neutrinos resulting from
the decay of superheavy DM, the present-day number
density of UHE neutrinos can be calculated from

n⌫h,0 =
fDM⌦DM⇢c

mDM
, (23)

where ⌦DM is the present day relic abundance of DM,
⇢c is the critical density of the Universe and mDM is
the mass of DM. Since the neutrinos are nonrelativistic,
their number density varies as n⌫h = n⌫h,0(1 + z)3 and
n⌫i = n⌫i,0(1+ z)3, where n⌫h,0 and n⌫i,0 are present-day
neutrino density of UHE neutrinos emitted from decay
of DM and present-day neutrino density of single gener-
ation of C⌫B background, respectively. Using this and
Eqs. (22) and (23), we obtain

dn⌫h

dt
=

(1 + z)6fDM⌦DM⇢ch�vin⌫i,0

mDM
(24)

As almost the entire rest mass of DM is available as part
of the energy of neutrinos, the energy injection rate into
the IGM will be then given by multiplying Eq. (24) with
mDMc

2 for a simple case of DM two-body decay into a
pair of UHE neutrinos. With this, the energy injection
rate due to the given process is finally given by

dE

dV dt

����
inj

= (1 + z)6fDM⌦DMn⌫i,0⇢cc
2
h�vi (25)

Utilizing the expression above for the energy injection
rate, we can assess the impact of heating induced by the
radiative scattering of UHE neutrinos into photons on the
21-cm brightness temperature by following the general
procedure outlined in the previous section. We assume
fDM ⇡ 1 throughout the text, unless explicitly stated
otherwise.

VI. RESULTS

In this section, we present our numerical findings on
the evolution of the 21-cm brightness temperature in the
context of radiative scattering of UHE self-interacting
neutrinos into photons. Given that the brightness tem-
perature is influenced by the evolution of gas temperature
and the free electron fraction, we begin by discussing the
evolution of these parameters in the presence of energy
injection resulting from the radiative scattering.

EFFECT OF HEATING ON 21-CM SIGNAL

M. Dhuria and B. Gupta Teli, e-Print: 2406.19279 [hep-ph]



The evolution of number density of ultra high energy (UHE) neutrinos 
while scattering with CMB neutrinos:

6

particles due to the aforementioned exotic processes.

IXi =
1

nH(z)E0

dE

dV dt

����
dep,i

(18)

IX↵ =
(1� P)

nH(z)E↵

dE

dV dt

����
dep,↵

, (19)

where P is the Peebles coe�cient given in the Appendix,
nH(z) is the number density of hydrogen nuclei (proton
density), E0 is the ionization energy of a hydrogen atom
and E↵ is the Lyman-↵ energy of a hydrogen atom. Here,
we neglect the e↵ect of the extra energy injection on he-
lium ionization, which has been demonstrated to be sub-
dominant and thus should not significantly impact our
results.

Using this formalism, we will numerically calculate the
evolution of the gas temperature and ionization frac-
tion by incorporating the heating e↵ect induced by the
radiative scattering of UHE neutrinos with the cosmic
neutrino background. For solving the di↵erential equa-
tions, we assume the initial conditions Tk(z = 10000) =
TCMB(z = 10000) and xe(z = 10000) = 1. The assump-
tion is justified because, at high redshift, the gas temper-
ature is strongly coupled to CMB temperature, and the
gas is fully ionized.

V. ENERGY INJECTION RATE DUE TO
SELF-SCATTERING OF UHE NEUTRINOS

As stated in Sec. III, the UHE neutrinos formed
from the decay of superheavy DM can interact with the
relic cosmic neutrino background present in the Universe.
This scattering can also lead to the production of photons
at the one-loop level, which can heat the intergalactic gas
and alter both the gas temperature Tk and the brightness
temperature T21. In this section, we will calculate the en-
ergy injection rate resulting from the emission of photons
during the scattering of UHE neutrinos with C⌫B neu-
trinos.

The C⌫B neutrinos are thermally distributed in the
Universe with present-day neutrino background temper-
ature of T⌫,0 = 1.9 K and number density per flavor of
n⌫i,0 = 112 cm�3 [105]. The velocity-averaged cross sec-
tion of the incident UHE neutrino having energy E⌫h

with C⌫B neutrinos can be expressed in the form [106],

h�vi =
1

n⌫i

Z
d
3
p

(2⇡)3
f(~p)vMøl�(s(E⌫h , ~p)) (20)

where, f(~p) is the C⌫B neutrino momentum distribution
and vMøl is called Møller velocity. As C⌫B neutrinos
will have m⌫i � T⌫ in the relevant range of redshift, the
center of mass energy would be independent of momen-
tum ~p of C⌫B neutrinos. Hence, we can approximate
s ⇡ 2E⌫hm⌫ and vMøl = 1. Using this, the integral be-
comes

h�vi = �(2E⌫hm⌫i), (21)

where m⌫i ⇠ 0.1 eV is the mass of active neutrino. Fol-
lowing the procedure from [107], we find the evolution
of the number density of the UHE neutrinos (n⌫h) while
scattering with C⌫B neutrinos as

dn⌫h

dt
= n⌫hn⌫ih�vi, (22)

where n⌫i is the number density of a particular flavor of
C⌫B neutrinos. Considering that a fraction of DM (fDM)
in the Universe consists of UHE neutrinos resulting from
the decay of superheavy DM, the present-day number
density of UHE neutrinos can be calculated from

n⌫h,0 =
fDM⌦DM⇢c

mDM
, (23)

where ⌦DM is the present day relic abundance of DM,
⇢c is the critical density of the Universe and mDM is
the mass of DM. Since the neutrinos are nonrelativistic,
their number density varies as n⌫h = n⌫h,0(1 + z)3 and
n⌫i = n⌫i,0(1+ z)3, where n⌫h,0 and n⌫i,0 are present-day
neutrino density of UHE neutrinos emitted from decay
of DM and present-day neutrino density of single gener-
ation of C⌫B background, respectively. Using this and
Eqs. (22) and (23), we obtain

dn⌫h

dt
=

(1 + z)6fDM⌦DM⇢ch�vin⌫i,0

mDM
(24)

As almost the entire rest mass of DM is available as part
of the energy of neutrinos, the energy injection rate into
the IGM will be then given by multiplying Eq. (24) with
mDMc

2 for a simple case of DM two-body decay into a
pair of UHE neutrinos. With this, the energy injection
rate due to the given process is finally given by

dE

dV dt

����
inj

= (1 + z)6fDM⌦DMn⌫i,0⇢cc
2
h�vi (25)

Utilizing the expression above for the energy injection
rate, we can assess the impact of heating induced by the
radiative scattering of UHE neutrinos into photons on the
21-cm brightness temperature by following the general
procedure outlined in the previous section. We assume
fDM ⇡ 1 throughout the text, unless explicitly stated
otherwise.

VI. RESULTS

In this section, we present our numerical findings on
the evolution of the 21-cm brightness temperature in the
context of radiative scattering of UHE self-interacting
neutrinos into photons. Given that the brightness tem-
perature is influenced by the evolution of gas temperature
and the free electron fraction, we begin by discussing the
evolution of these parameters in the presence of energy
injection resulting from the radiative scattering.

Assuming UHE neutrinos are emitted from the decay of superheavy 
DM, the present day number density of UHE neutrino:

6

particles due to the aforementioned exotic processes.

IXi =
1

nH(z)E0

dE

dV dt

����
dep,i

(18)

IX↵ =
(1� P)

nH(z)E↵

dE

dV dt

����
dep,↵

, (19)

where P is the Peebles coe�cient given in the Appendix,
nH(z) is the number density of hydrogen nuclei (proton
density), E0 is the ionization energy of a hydrogen atom
and E↵ is the Lyman-↵ energy of a hydrogen atom. Here,
we neglect the e↵ect of the extra energy injection on he-
lium ionization, which has been demonstrated to be sub-
dominant and thus should not significantly impact our
results.

Using this formalism, we will numerically calculate the
evolution of the gas temperature and ionization frac-
tion by incorporating the heating e↵ect induced by the
radiative scattering of UHE neutrinos with the cosmic
neutrino background. For solving the di↵erential equa-
tions, we assume the initial conditions Tk(z = 10000) =
TCMB(z = 10000) and xe(z = 10000) = 1. The assump-
tion is justified because, at high redshift, the gas temper-
ature is strongly coupled to CMB temperature, and the
gas is fully ionized.

V. ENERGY INJECTION RATE DUE TO
SELF-SCATTERING OF UHE NEUTRINOS

As stated in Sec. III, the UHE neutrinos formed
from the decay of superheavy DM can interact with the
relic cosmic neutrino background present in the Universe.
This scattering can also lead to the production of photons
at the one-loop level, which can heat the intergalactic gas
and alter both the gas temperature Tk and the brightness
temperature T21. In this section, we will calculate the en-
ergy injection rate resulting from the emission of photons
during the scattering of UHE neutrinos with C⌫B neu-
trinos.

The C⌫B neutrinos are thermally distributed in the
Universe with present-day neutrino background temper-
ature of T⌫,0 = 1.9 K and number density per flavor of
n⌫i,0 = 112 cm�3 [105]. The velocity-averaged cross sec-
tion of the incident UHE neutrino having energy E⌫h

with C⌫B neutrinos can be expressed in the form [106],

h�vi =
1

n⌫i

Z
d
3
p

(2⇡)3
f(~p)vMøl�(s(E⌫h , ~p)) (20)

where, f(~p) is the C⌫B neutrino momentum distribution
and vMøl is called Møller velocity. As C⌫B neutrinos
will have m⌫i � T⌫ in the relevant range of redshift, the
center of mass energy would be independent of momen-
tum ~p of C⌫B neutrinos. Hence, we can approximate
s ⇡ 2E⌫hm⌫ and vMøl = 1. Using this, the integral be-
comes

h�vi = �(2E⌫hm⌫i), (21)

where m⌫i ⇠ 0.1 eV is the mass of active neutrino. Fol-
lowing the procedure from [107], we find the evolution
of the number density of the UHE neutrinos (n⌫h) while
scattering with C⌫B neutrinos as

dn⌫h

dt
= n⌫hn⌫ih�vi, (22)

where n⌫i is the number density of a particular flavor of
C⌫B neutrinos. Considering that a fraction of DM (fDM)
in the Universe consists of UHE neutrinos resulting from
the decay of superheavy DM, the present-day number
density of UHE neutrinos can be calculated from

n⌫h,0 =
fDM⌦DM⇢c

mDM
, (23)

where ⌦DM is the present day relic abundance of DM,
⇢c is the critical density of the Universe and mDM is
the mass of DM. Since the neutrinos are nonrelativistic,
their number density varies as n⌫h = n⌫h,0(1 + z)3 and
n⌫i = n⌫i,0(1+ z)3, where n⌫h,0 and n⌫i,0 are present-day
neutrino density of UHE neutrinos emitted from decay
of DM and present-day neutrino density of single gener-
ation of C⌫B background, respectively. Using this and
Eqs. (22) and (23), we obtain

dn⌫h

dt
=

(1 + z)6fDM⌦DM⇢ch�vin⌫i,0

mDM
(24)

As almost the entire rest mass of DM is available as part
of the energy of neutrinos, the energy injection rate into
the IGM will be then given by multiplying Eq. (24) with
mDMc

2 for a simple case of DM two-body decay into a
pair of UHE neutrinos. With this, the energy injection
rate due to the given process is finally given by

dE

dV dt

����
inj

= (1 + z)6fDM⌦DMn⌫i,0⇢cc
2
h�vi (25)

Utilizing the expression above for the energy injection
rate, we can assess the impact of heating induced by the
radiative scattering of UHE neutrinos into photons on the
21-cm brightness temperature by following the general
procedure outlined in the previous section. We assume
fDM ⇡ 1 throughout the text, unless explicitly stated
otherwise.

VI. RESULTS

In this section, we present our numerical findings on
the evolution of the 21-cm brightness temperature in the
context of radiative scattering of UHE self-interacting
neutrinos into photons. Given that the brightness tem-
perature is influenced by the evolution of gas temperature
and the free electron fraction, we begin by discussing the
evolution of these parameters in the presence of energy
injection resulting from the radiative scattering.

For non-relativistic neutrino:
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particles due to the aforementioned exotic processes.

IXi =
1

nH(z)E0

dE

dV dt

����
dep,i

(18)

IX↵ =
(1� P)

nH(z)E↵

dE

dV dt

����
dep,↵

, (19)

where P is the Peebles coe�cient given in the Appendix,
nH(z) is the number density of hydrogen nuclei (proton
density), E0 is the ionization energy of a hydrogen atom
and E↵ is the Lyman-↵ energy of a hydrogen atom. Here,
we neglect the e↵ect of the extra energy injection on he-
lium ionization, which has been demonstrated to be sub-
dominant and thus should not significantly impact our
results.

Using this formalism, we will numerically calculate the
evolution of the gas temperature and ionization frac-
tion by incorporating the heating e↵ect induced by the
radiative scattering of UHE neutrinos with the cosmic
neutrino background. For solving the di↵erential equa-
tions, we assume the initial conditions Tk(z = 10000) =
TCMB(z = 10000) and xe(z = 10000) = 1. The assump-
tion is justified because, at high redshift, the gas temper-
ature is strongly coupled to CMB temperature, and the
gas is fully ionized.

V. ENERGY INJECTION RATE DUE TO
SELF-SCATTERING OF UHE NEUTRINOS

As stated in Sec. III, the UHE neutrinos formed
from the decay of superheavy DM can interact with the
relic cosmic neutrino background present in the Universe.
This scattering can also lead to the production of photons
at the one-loop level, which can heat the intergalactic gas
and alter both the gas temperature Tk and the brightness
temperature T21. In this section, we will calculate the en-
ergy injection rate resulting from the emission of photons
during the scattering of UHE neutrinos with C⌫B neu-
trinos.

The C⌫B neutrinos are thermally distributed in the
Universe with present-day neutrino background temper-
ature of T⌫,0 = 1.9 K and number density per flavor of
n⌫i,0 = 112 cm�3 [105]. The velocity-averaged cross sec-
tion of the incident UHE neutrino having energy E⌫h

with C⌫B neutrinos can be expressed in the form [106],

h�vi =
1

n⌫i

Z
d
3
p

(2⇡)3
f(~p)vMøl�(s(E⌫h , ~p)) (20)

where, f(~p) is the C⌫B neutrino momentum distribution
and vMøl is called Møller velocity. As C⌫B neutrinos
will have m⌫i � T⌫ in the relevant range of redshift, the
center of mass energy would be independent of momen-
tum ~p of C⌫B neutrinos. Hence, we can approximate
s ⇡ 2E⌫hm⌫ and vMøl = 1. Using this, the integral be-
comes

h�vi = �(2E⌫hm⌫i), (21)

where m⌫i ⇠ 0.1 eV is the mass of active neutrino. Fol-
lowing the procedure from [107], we find the evolution
of the number density of the UHE neutrinos (n⌫h) while
scattering with C⌫B neutrinos as

dn⌫h

dt
= n⌫hn⌫ih�vi, (22)

where n⌫i is the number density of a particular flavor of
C⌫B neutrinos. Considering that a fraction of DM (fDM)
in the Universe consists of UHE neutrinos resulting from
the decay of superheavy DM, the present-day number
density of UHE neutrinos can be calculated from

n⌫h,0 =
fDM⌦DM⇢c

mDM
, (23)

where ⌦DM is the present day relic abundance of DM,
⇢c is the critical density of the Universe and mDM is
the mass of DM. Since the neutrinos are nonrelativistic,
their number density varies as n⌫h = n⌫h,0(1 + z)3 and
n⌫i = n⌫i,0(1+ z)3, where n⌫h,0 and n⌫i,0 are present-day
neutrino density of UHE neutrinos emitted from decay
of DM and present-day neutrino density of single gener-
ation of C⌫B background, respectively. Using this and
Eqs. (22) and (23), we obtain

dn⌫h

dt
=

(1 + z)6fDM⌦DM⇢ch�vin⌫i,0

mDM
(24)

As almost the entire rest mass of DM is available as part
of the energy of neutrinos, the energy injection rate into
the IGM will be then given by multiplying Eq. (24) with
mDMc

2 for a simple case of DM two-body decay into a
pair of UHE neutrinos. With this, the energy injection
rate due to the given process is finally given by

dE

dV dt

����
inj

= (1 + z)6fDM⌦DMn⌫i,0⇢cc
2
h�vi (25)

Utilizing the expression above for the energy injection
rate, we can assess the impact of heating induced by the
radiative scattering of UHE neutrinos into photons on the
21-cm brightness temperature by following the general
procedure outlined in the previous section. We assume
fDM ⇡ 1 throughout the text, unless explicitly stated
otherwise.

VI. RESULTS

In this section, we present our numerical findings on
the evolution of the 21-cm brightness temperature in the
context of radiative scattering of UHE self-interacting
neutrinos into photons. Given that the brightness tem-
perature is influenced by the evolution of gas temperature
and the free electron fraction, we begin by discussing the
evolution of these parameters in the presence of energy
injection resulting from the radiative scattering.
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particles due to the aforementioned exotic processes.

IXi =
1

nH(z)E0
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����
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nH(z)E↵
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����
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where P is the Peebles coe�cient given in the Appendix,
nH(z) is the number density of hydrogen nuclei (proton
density), E0 is the ionization energy of a hydrogen atom
and E↵ is the Lyman-↵ energy of a hydrogen atom. Here,
we neglect the e↵ect of the extra energy injection on he-
lium ionization, which has been demonstrated to be sub-
dominant and thus should not significantly impact our
results.

Using this formalism, we will numerically calculate the
evolution of the gas temperature and ionization frac-
tion by incorporating the heating e↵ect induced by the
radiative scattering of UHE neutrinos with the cosmic
neutrino background. For solving the di↵erential equa-
tions, we assume the initial conditions Tk(z = 10000) =
TCMB(z = 10000) and xe(z = 10000) = 1. The assump-
tion is justified because, at high redshift, the gas temper-
ature is strongly coupled to CMB temperature, and the
gas is fully ionized.

V. ENERGY INJECTION RATE DUE TO
SELF-SCATTERING OF UHE NEUTRINOS

As stated in Sec. III, the UHE neutrinos formed
from the decay of superheavy DM can interact with the
relic cosmic neutrino background present in the Universe.
This scattering can also lead to the production of photons
at the one-loop level, which can heat the intergalactic gas
and alter both the gas temperature Tk and the brightness
temperature T21. In this section, we will calculate the en-
ergy injection rate resulting from the emission of photons
during the scattering of UHE neutrinos with C⌫B neu-
trinos.

The C⌫B neutrinos are thermally distributed in the
Universe with present-day neutrino background temper-
ature of T⌫,0 = 1.9 K and number density per flavor of
n⌫i,0 = 112 cm�3 [105]. The velocity-averaged cross sec-
tion of the incident UHE neutrino having energy E⌫h

with C⌫B neutrinos can be expressed in the form [106],

h�vi =
1

n⌫i

Z
d
3
p

(2⇡)3
f(~p)vMøl�(s(E⌫h , ~p)) (20)

where, f(~p) is the C⌫B neutrino momentum distribution
and vMøl is called Møller velocity. As C⌫B neutrinos
will have m⌫i � T⌫ in the relevant range of redshift, the
center of mass energy would be independent of momen-
tum ~p of C⌫B neutrinos. Hence, we can approximate
s ⇡ 2E⌫hm⌫ and vMøl = 1. Using this, the integral be-
comes

h�vi = �(2E⌫hm⌫i), (21)

where m⌫i ⇠ 0.1 eV is the mass of active neutrino. Fol-
lowing the procedure from [107], we find the evolution
of the number density of the UHE neutrinos (n⌫h) while
scattering with C⌫B neutrinos as

dn⌫h

dt
= n⌫hn⌫ih�vi, (22)

where n⌫i is the number density of a particular flavor of
C⌫B neutrinos. Considering that a fraction of DM (fDM)
in the Universe consists of UHE neutrinos resulting from
the decay of superheavy DM, the present-day number
density of UHE neutrinos can be calculated from

n⌫h,0 =
fDM⌦DM⇢c

mDM
, (23)

where ⌦DM is the present day relic abundance of DM,
⇢c is the critical density of the Universe and mDM is
the mass of DM. Since the neutrinos are nonrelativistic,
their number density varies as n⌫h = n⌫h,0(1 + z)3 and
n⌫i = n⌫i,0(1+ z)3, where n⌫h,0 and n⌫i,0 are present-day
neutrino density of UHE neutrinos emitted from decay
of DM and present-day neutrino density of single gener-
ation of C⌫B background, respectively. Using this and
Eqs. (22) and (23), we obtain

dn⌫h

dt
=

(1 + z)6fDM⌦DM⇢ch�vin⌫i,0

mDM
(24)

As almost the entire rest mass of DM is available as part
of the energy of neutrinos, the energy injection rate into
the IGM will be then given by multiplying Eq. (24) with
mDMc

2 for a simple case of DM two-body decay into a
pair of UHE neutrinos. With this, the energy injection
rate due to the given process is finally given by

dE

dV dt

����
inj

= (1 + z)6fDM⌦DMn⌫i,0⇢cc
2
h�vi (25)

Utilizing the expression above for the energy injection
rate, we can assess the impact of heating induced by the
radiative scattering of UHE neutrinos into photons on the
21-cm brightness temperature by following the general
procedure outlined in the previous section. We assume
fDM ⇡ 1 throughout the text, unless explicitly stated
otherwise.

VI. RESULTS

In this section, we present our numerical findings on
the evolution of the 21-cm brightness temperature in the
context of radiative scattering of UHE self-interacting
neutrinos into photons. Given that the brightness tem-
perature is influenced by the evolution of gas temperature
and the free electron fraction, we begin by discussing the
evolution of these parameters in the presence of energy
injection resulting from the radiative scattering.

,

With this, the energy injection rate:
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particles due to the aforementioned exotic processes.

IXi =
1

nH(z)E0
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IX↵ =
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where P is the Peebles coe�cient given in the Appendix,
nH(z) is the number density of hydrogen nuclei (proton
density), E0 is the ionization energy of a hydrogen atom
and E↵ is the Lyman-↵ energy of a hydrogen atom. Here,
we neglect the e↵ect of the extra energy injection on he-
lium ionization, which has been demonstrated to be sub-
dominant and thus should not significantly impact our
results.

Using this formalism, we will numerically calculate the
evolution of the gas temperature and ionization frac-
tion by incorporating the heating e↵ect induced by the
radiative scattering of UHE neutrinos with the cosmic
neutrino background. For solving the di↵erential equa-
tions, we assume the initial conditions Tk(z = 10000) =
TCMB(z = 10000) and xe(z = 10000) = 1. The assump-
tion is justified because, at high redshift, the gas temper-
ature is strongly coupled to CMB temperature, and the
gas is fully ionized.

V. ENERGY INJECTION RATE DUE TO
SELF-SCATTERING OF UHE NEUTRINOS

As stated in Sec. III, the UHE neutrinos formed
from the decay of superheavy DM can interact with the
relic cosmic neutrino background present in the Universe.
This scattering can also lead to the production of photons
at the one-loop level, which can heat the intergalactic gas
and alter both the gas temperature Tk and the brightness
temperature T21. In this section, we will calculate the en-
ergy injection rate resulting from the emission of photons
during the scattering of UHE neutrinos with C⌫B neu-
trinos.

The C⌫B neutrinos are thermally distributed in the
Universe with present-day neutrino background temper-
ature of T⌫,0 = 1.9 K and number density per flavor of
n⌫i,0 = 112 cm�3 [105]. The velocity-averaged cross sec-
tion of the incident UHE neutrino having energy E⌫h

with C⌫B neutrinos can be expressed in the form [106],

h�vi =
1

n⌫i

Z
d
3
p

(2⇡)3
f(~p)vMøl�(s(E⌫h , ~p)) (20)

where, f(~p) is the C⌫B neutrino momentum distribution
and vMøl is called Møller velocity. As C⌫B neutrinos
will have m⌫i � T⌫ in the relevant range of redshift, the
center of mass energy would be independent of momen-
tum ~p of C⌫B neutrinos. Hence, we can approximate
s ⇡ 2E⌫hm⌫ and vMøl = 1. Using this, the integral be-
comes

h�vi = �(2E⌫hm⌫i), (21)

where m⌫i ⇠ 0.1 eV is the mass of active neutrino. Fol-
lowing the procedure from [107], we find the evolution
of the number density of the UHE neutrinos (n⌫h) while
scattering with C⌫B neutrinos as

dn⌫h

dt
= n⌫hn⌫ih�vi, (22)

where n⌫i is the number density of a particular flavor of
C⌫B neutrinos. Considering that a fraction of DM (fDM)
in the Universe consists of UHE neutrinos resulting from
the decay of superheavy DM, the present-day number
density of UHE neutrinos can be calculated from

n⌫h,0 =
fDM⌦DM⇢c

mDM
, (23)

where ⌦DM is the present day relic abundance of DM,
⇢c is the critical density of the Universe and mDM is
the mass of DM. Since the neutrinos are nonrelativistic,
their number density varies as n⌫h = n⌫h,0(1 + z)3 and
n⌫i = n⌫i,0(1+ z)3, where n⌫h,0 and n⌫i,0 are present-day
neutrino density of UHE neutrinos emitted from decay
of DM and present-day neutrino density of single gener-
ation of C⌫B background, respectively. Using this and
Eqs. (22) and (23), we obtain

dn⌫h

dt
=

(1 + z)6fDM⌦DM⇢ch�vin⌫i,0

mDM
(24)

As almost the entire rest mass of DM is available as part
of the energy of neutrinos, the energy injection rate into
the IGM will be then given by multiplying Eq. (24) with
mDMc

2 for a simple case of DM two-body decay into a
pair of UHE neutrinos. With this, the energy injection
rate due to the given process is finally given by

dE

dV dt

����
inj

= (1 + z)6fDM⌦DMn⌫i,0⇢cc
2
h�vi (25)

Utilizing the expression above for the energy injection
rate, we can assess the impact of heating induced by the
radiative scattering of UHE neutrinos into photons on the
21-cm brightness temperature by following the general
procedure outlined in the previous section. We assume
fDM ⇡ 1 throughout the text, unless explicitly stated
otherwise.

VI. RESULTS

In this section, we present our numerical findings on
the evolution of the 21-cm brightness temperature in the
context of radiative scattering of UHE self-interacting
neutrinos into photons. Given that the brightness tem-
perature is influenced by the evolution of gas temperature
and the free electron fraction, we begin by discussing the
evolution of these parameters in the presence of energy
injection resulting from the radiative scattering.

ENERGY INJECTION RATE DUE TO SELF-SCATTERING OF NEUTRINOS
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By inserting the expression of energy injection from
Eqs. (25) through (16) in Eqs. (15) and (17), we deter-
mine the evolution of gas temperature in standard cos-
mology (absence of additional heating) as well as in the
presence of heating e↵ect induced due to scattering of
UHE neutrinos by considering the certain specific value
of scattering cross section and fDM ⇡ 1. The solid black
curve in Fig. (2) represents the evolution of gas tem-
perature while the dashed red line shows the evolution
of CMB temperature with redshift in the standard cos-
mology. The behavior of gas temperature in standard
cosmology can be understood as follows: at higher red-
shift, the Universe was hot, the hydrogen gas was fully
ionized and there was no neutral hydrogen. The gas
was in equilibrium with the CMB. Thus, the black solid
curve coincides with the dashed red line. As the Uni-
verse expanded and cooled at redshift around z ⇡ 150,
the gas became nonrelativistic and started cooling adi-
abatically as Tk / (1 + z)2 while CMB photons cooled
as TCMB / (1 + z). Thus, the gas temperature starts
decreasing faster than the CMB temperature. At lower
redshift z ⇡ 17, the gas due to the new mechanism of
Lyman-↵ that is described by Eq. (11), is heated and is
depicted by the plateau region of the curve. Now, the
presence of energy injection due to radiative scattering,
described by Eq. (16) and subsequently Eq. (25), causes
the gas temperature to deviate from the standard cos-
mological behavior. Specifically, as the scattering cross
section h�vi exceeds 10�35 cm3 s�1, the gas tempera-
ture starts to rise at lower redshifts, as depicted in the
Fig. 2. The green, yellow, and blue curves represent
the rise in gas temperature in redshift roughly between
z ⇡ 150 and z ⇡ 6 due to an increase in the cross section
from 10�35

�10�33 cm3 s�1, respectively. We have veri-
fied that a further significant increase in the cross section
would completely eliminate the 21-cm absorption signal.

Further, by using Eqs. (15), (17), and (25) through
Eq. (16), we determine the evolution of the ionization
fraction for the given reference values of the scattering
cross section and fDM ⇡ 1. The solid black line in Fig. 3
represents the evolution of the ionization fraction under
standard cosmological conditions. In standard cosmol-
ogy, at higher redshifts, hydrogen remains ionized, re-
sulting in xe = 1. As the Universe expands and cools,
electrons gradually recombine with hydrogen nuclei to
form neutral hydrogen atoms. This process reduces the
number of ionized hydrogen atoms and free electrons in
the Universe. Consequently, the ionization fraction xe

begins to decrease at lower redshifts. In the presence of
an additional heating e↵ect due to energy injection from
the radiative scattering of UHE neutrinos, the ionization
fraction starts to increase at lower redshifts in compari-
son to the standard cosmology. The green, yellow, and
blue curves in Fig. 3 represent the rise in ionization frac-
tion at lower redshifts.

Finally, by using Eqs. (1) and (2), we numerically cal-
culate the 21-cm brightness temperature as a function of

FIG. 2: The red dashed line shows the evolution of CMB tem-
perature as a function of redshift (z). The black solid curve
shows the evolution of neutral hydrogen gas temperature (Tk)
as a function of z in standard cosmology. The green, orange,
and blue curves represent the evolution of Tk for specific ref-
erence values of the increasing scattering cross section h�vi,
respectively. The behavior of Tk indicates that increasing the
scattering cross section results in the heating of the gas at
lower redshifts.

redshift. The solid black curve in Fig. 4 shows the evolu-
tion of brightness temperature with redshift in standard
cosmology. It shows two absorption signals with the first
absorption minima near z ⇠ 70 and the other at higher
frequencies at z ⇠ 12�17 in the global cosmological 21-
cm signal. From Eqs. (1) and (2), we can see that the
evolution of T21 depends on the competition between the
spin temperature (Ts) and CMB temperature. At higher
redshifts, the absence of neutral hydrogen prevents spin-
flip interactions, thus no absorption or emission of the
21-cm line occurs. Around z ⇡ 200, during the early
dark ages, the spin temperature (Ts) couples with the
gas temperature. As the gas cools more rapidly than the
CMB temperature, Ts becomes less than TCMB, resulting
in a noticeable absorption dip in the 21-cm line at around
z ⇠ 70. As the Universe continues to expand and cool,
the interaction between the spin temperature and the
gas temperature weakens, leading Ts to approach TCMB,
and no discernible signal is observed. However, at a sig-
nificantly lower redshift of approximately z ⇡ 17, the
Wouthuysen-field mechanism becomes dominant. This
mechanism facilitates a strong coupling between the spin
temperature and the gas temperature once more. Given
the substantial cooling of the gas by this stage, this cou-
pling manifests as a much deeper second absorption sig-
nal. Finally, this absorption dip concludes as x-ray heat-
ing from the first star formation elevates the gas temper-
ature above that of the CMB (Ts � TCMB). This process
could potentially lead to an emission signal, depending
on the reionization history driven by the first sources of
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FIG. 3: The black solid curve shows the evolution of ioniza-
tion fraction (xe) as a function of redshift (z) in standard
cosmology. The green, orange, and blue curves represent the
evolution of xe for specific reference values of the increasing
scattering cross section h�vi, respectively. The behavior of xe

indicates that increasing the scattering cross section results
in higher values of xe at lower redshifts.

light in the Universe [3].

The green, orange, and blue curves in Fig. 4 illustrate
the e↵ect of external heating due to the radiative scat-
tering of UHE self-interacting neutrinos. When the ther-
mally averaged cross section surpasses a specific refer-
ence value, the resulting increase in gas temperature from
energy deposited through photon emission can lead to
weaker absorption dips in the 21-cm signal. As the scat-
tering cross-section continues to rise, the induced heating
can ultimately eliminate the absorption of the 21-cm hy-
drogen line. We also show the evolution of T21 for various
values of the dark matter fraction fDM in Fig. 5. Since
the energy injection rate in Eq. (25) is directly propor-
tional to both fDM and h�vi, reducing fDM has a similar
impact on the evolution of gas temperature Tk, ioniza-
tion fraction xe and the brightness temperature T21, as
decreasing the scattering cross-section by the same fac-
tor. In Fig. 5, we can see that decreasing fDM to 0.1 has
a comparable e↵ect on the T21 as changing cross section
h�vi from 10�33

�10�34 cm3
s
�1.

Overall, the analysis constrains the scattering cross
section value, a↵ecting the brightness temperature mag-
nitude. This suggests that future experiments measur-
ing the 21-cm brightness temperature could o↵er valu-
able insights into self-interacting neutrino coupling. By
examining the magnitude and characteristics of the 21-
cm absorption dips, these experiments can constrain the
scattering cross section of UHE self-interacting neutrinos.
This, in turn, can provide bounds on the self-interacting
coupling strength and the mass of the mediating particle.

FIG. 4: The black solid curve shows the evolution of 21-cm
brightness temperature (T21) as a function of redshift (z) in
standard cosmology. The green, orange, and blue curves rep-
resent the evolution of T21 for specific reference values of the
increasing scattering cross section h�vi, respectively, illustrat-
ing the e↵ect of external heating due to the radiative scatter-
ing of UHE self-interacting neutrinos.

FIG. 5: The solid blue, orange and green curves depict the
evolution of T21 for fDM = 1, 0.1, 0.01, with the scattering
cross section set to h�vi = 10�33 cm3/s.

VII. DISCUSSION

In standard cosmology, the stronger absorption dip at
redshift z = 17.2 measures approximately T21 ⇡ �200
mK. However, as noted earlier, the heating e↵ects from
neutrino interactions can diminish the strength of this
absorption dip. These interactions introduce additional
energy into the intergalactic medium, raising its temper-
ature. Consequently, the contrast between the gas tem-
perature and CMB temperature is reduced, leading to
a weaker 21-cm absorption signal. Here, we use bench-

The results indicate that increasing cross-section results in the heating of the 
gas and increase in free electron fraction at lower red-shifts. 
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(a) E⌫h = 1 PeV (b) E⌫h = 10 PeV

(c) E⌫h = 100 PeV (d) E⌫h = 1 EeV

FIG. 6: Allowed parameter space of self-interacting neutrino coupling (g) as a function of the mass of mediator (m�) is
shown for a fixed value of brightness temperature T21 for (a) E⌫h = 1 PeV, (b) E⌫h = 10 PeV, (c) E⌫h = 100 PeV, and (d)
E⌫h = 1 EeV , respectively. The red region bounded by a red dashed line corresponds to the sensitivity for self-interacting ⌧
neutrinos by using 7.5 years of the IceCube-HESE data. The green region bounded by a green dashed line is the predicted
sensitivity for ⌫⌧ self-interactions based on simulated data from 10 years of the IceCube-Gen2. The orange region shows the
parameter space excluded by constraints from big bang nucleosynthesis.

mark cross section values required to keep the brightness
temperature T21 ⇡ �200 mK and T21 ⇡ �50 mK at
z = 17.2, respectively. By utilizing these cross section
values, we constrain the self-interacting neutrino cou-
pling as a function of the mediator mass. Since there
are already quite stringent constraints on self-interacting
coupling for muon and electron neutrinos [76], in this
study, we specifically focus on the self-interacting cou-
pling for ⌧ -generation neutrinos and compare it with the
sensitivity of the couplings obtained from 10 years of Ice-
Cube data given in [75]. In case of gli , the experimental
constraints exist only on the value of gµ from the ob-
served (g � 2)µ measurements. However, these coupling
constants typically depend on lepton mass, so ge and g⌧

cannot be expected to be same as gµ. For simplicity, we

have assume g⌫⌧ = g.

According to Eq. (7), the scattering cross section also
depends on the energy of neutrinos emitted from the de-
cay of the DM candidate. Considering superheavy DM
with a mass range between PeV and EeV, the decay of
DM would produce neutrinos with energies on the order
of PeV to EeV. Consequently, we compute the cross sec-
tion for E⌫h ⇠ PeV�EeV and determine the parameter
space of self-interacting ⌧ -neutrino coupling as a func-
tion of the mediator mass for a specific value of the en-
ergy of UHE neutrinos. The results are shown in Fig. 6
for the specific value of the energy of UHE neutrinos.
The black solid and dashed curves in each subfigure of
Fig. 6 represent the parameter space of self-interacting
neutrino coupling (g) and mediator mass (m�) that sat-

ALLOWED PARAMETER SPACE OF SELF-INTERACTING NEUTRINO 
COUPLING
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(a) E⌫h = 1 PeV, g⌧ 6= g⌫⌧ , g⌧ = 0.1, fDM = 1 (b) E⌫h = 1 PeV, g⌧ = g⌫⌧ , fDM = 0.01

FIG. 7: Allowed parameter space of self-interacting neutrino coupling (g) as a function of the mass of mediator (m�) for the
case of (a) g⌧ 6= g⌫⌧ with g⌧ = 0.1 and fDM = 1, and (b) fDM = 0.01 with g⌧ = g⌫⌧ = g, for a fixed energy E⌫h = 1 PeV.

constrained by current models. In this work, we have
investigated the constraints on secret self-interactions of
neutrinos emitted through the decay of superheavy DM
by studying the impact of their interaction with the cos-
mic neutrino background on the hydrogen 21-cm signal
during the period from the cosmic dark ages to cosmic
dawn. Since this period is relatively free from astro-
physical uncertainties, it allows for a clearer signal when
studying UHE neutrino fluxes and nonstandard neutrino
interactions. This makes global brightness temperature
measurements a promising avenue for advancing our un-
derstanding of neutrino properties. By examining the
magnitude and characteristics of the 21-cm absorption
dips, these experiments can constrain the scattering cross
section of UHE self-interacting neutrinos, thus providing
bounds on the coupling strength and the mass of the
scalar mediator.

We have conducted a detailed investigation into the
allowed parameter space of self-interacting neutrino cou-
pling as a function of the mediator mass by considering
a toy model of a light scalar interacting with neutrinos
and the leptonic partners. Utilizing specific cross section
values to maintain benchmark brightness temperatures
of T21 ⇡ �200 mK and T21 ⇡ �50 mK at a redshift of
z = 17.2, we have constrained the self-interacting cou-
pling of ⌧ neutrinos for neutrino energies in the PeV to
EeV range, which is characteristic of decays from super-
heavy dark matter candidates. Our analysis indicates
that as E⌫ increases from PeV to EeV, the coupling con-
stant g is constrained roughly within the range of 10�4

to 10�3 for fDM ⇠ 1. If we assume that the superheavy
DM contributes only a small fraction of the total DM
such as fDM ⇠ 0.01 � 0.1, then the coupling constant
g will increase by a factor of O(1). Overall, these con-
straints are much stronger than the predicted sensitivity
for ⌫⌧ self-interactions based on simulated data from 10

years of the IceCube-Gen2. Interestingly, this approach
not only o↵ers a novel and competitive method for prob-
ing neutrino properties but also utilizes the relatively
simple astrophysical conditions during the cosmic dark
ages and cosmic dawn to o↵er a clearer signal for study-
ing nonstandard interactions of neutrinos. Consequently,
the potential detection of a robust 21-cm signal by up-
coming experiments such as LEDA [7], REACH [8, 9]
etc. can provide critical insights into the nature of dark
matter and neutrino physics in future. In this work, we
have focused primarily on analyzing the global bright-
ness temperature within the context of 21-cm cosmology.
In future work, we plan to extend our analysis to in-
clude power spectra and polarization signatures within
the 21-cm signal, as well as explore the potential origins
of UHE neutrinos from other exotic processes, such as the
decay of PBHs and similar phenomena. Additionally, a
comprehensive investigation of self-interacting neutrino
coupling will require exploring the origin of such inter-
actions within a consistent model of physics beyond the
Standard Model.2 Incorporating these additional aspects
will enable us to gain deeper insights into the nature of
self-interacting neutrinos and their impact on the cosmic
environment.
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• For UHE neutrino emitted from DM decay in PeV-EeV range, the coupling constant 
gets constrained gets constrained in the range from 10-4  to 10-3. 

• The constraints are much stronger than the predicted sensitivity for tau-neutrino self-
interactions from IceCube. 

• As the era of cosmic dawn utilises relatively simple astrophysical condition, this shall 
offers a clear signal for studying non-standard interactions of neutrinos.  

• The potential detection of 21-cm signal by future experiments can provide clear 
insights into the nature of neutrino. 
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• As Primordial Black holes evaporate, their temperature keeps on 
increasing. As a consequence, at the final stage of evaporation, they are 
capable of emitting high energy particles. 

• We consider the scattering of high energy neutrino emitted from the 
evaporation of PBH with CMB neutrinos. 

• The Hawking radiation rate:  

Work in Progress: neutrinos emitted from PBH decay

2 The hard spectrum

One of the most intriguing features of PBHs is that, as they evaporate, their temperatures
keep increasing, possibly up to the Planck scale. As a consequence, at the very final stage of
the evaporation, they are able to emit extremely energetic radiations or very heavy particles,
independent of their interactions with the SM.

The instantaneous energy spectrum of a generic particle species emitted by an evap-
orating PBH is close to the Fermi-Dirac or Bose-Einstein distributions with exponential
suppression at energies well above the PBH temperature. If the emitted particle is stable
or long-lived, the cumulative energy spectrum after evaporation possesses a hard tail which
follows a power law instead of exponential suppression.

More specifically, let us consider the Hawking radiation rate [50]2:

d
2
Ni

dtdE
⇡ gi

2⇡
· �gray

exp(E/TBH)� ⌘
, (2.1)

where Ni is the number of particle i being emitted, gi denotes its multiplicity, �gray is the
graybody factor, TBH is the temperature of the black hole, E is the particle energy, and ⌘

takes 1 or �1 for Bose-Einstein or Fermi-Dirac statistics, respectively.3

The PBH temperature is related to its mass mBH via

TBH =
m

2

pl

8⇡mBH

, (2.2)

with mpl = 1.22 ⇥ 1019 GeV the Planck mass. As the PBH keeps evaporating and losing
energy, its mass decreases as follows [23]:

mBH = mBH0

✓
1� t� tF

⌧BH

◆
1/3

, t 2 [tF , tev] . (2.3)

Here mBH0 is the initial mass of the PBH at t = tF with tF the PBH formation time,
⌧BH is the lifetime of the PBH, and tev ⌘ tF + ⌧BH is the evaporation time. We refer to
Appendix A for a brief review of these basic quantities of PBHs.

From Eqs. (2.3) and (2.2), one can see that when the PBH approaches the end of
its lifetime (i.e. t ! tev, mBH ! 0), its temperature TBH rises significantly, leading to the
emission of highly energetic radiation. However, the number of particles emitted during this
final stage is relatively small compared to the total number of particles produced throughout
the entire evaporation process. To quantitatively study this, one can integrate Eq. (2.1)
over the full lifetime of the PBH to obtain the cumulative energy spectrum,

dNi

dE
=

Z
tev

tF

d
2
Ni

dtdE
dt . (2.4)

2See also Refs. [23, 31] for more recent discussions on this rate.
3One may also take Maxwell-Boltzmann statistics, corresponding to ⌘ = 0, as a useful approximation

since it usually simplifies analytical calculations significantly.
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• The distribution function of the emitted particles in the expanding Universe:

For later convenience, we define

x ⌘ E

TBH0

, y ⌘ p

TBH0

, (2.5)

where TBH0 is the initial temperature of the PBH.
Assuming that the particle mass is negligible and using the Boltzmann approximation,

the integral in Eq. (2.4) can be computed analytically, yielding the following cumulative
energy spectrum [44]:
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is significantly harder than a generic thermal spectrum.

3 High-energy radiations in the early universe

The spectral shape discussed in Sec. 2 is only for PBH evaporation in static spacetime
without thermal backgrounds. For high-energy radiations emitted by PBHs in the early
universe, which undergoes Hubble expansion and contains a dense thermal plasma, we
should also consider the cosmological redshift effect and possible thermal wash-out of the
high-energy tail. These effects can be taken into account by solving the following Boltzmann
equation 

@

@t
�Hp

@

@p

�
fi (t, p) ⇡ �i, prod � �i, absfi , (3.1)

where fi(t, p) is the phase space distribution function of particle i, H = a
�1

da/dt is the
Hubble parameter with a the scale factor, �i, prod denotes the production rate of i including
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• The number density of massless particles:

refer to it as the infrared (IR) contribution. This part depends very significantly on the
quantum statistics of the emitted particles — see the left panel of Fig. 1 where we plot p2fi
according to Eq. (3.7), with fi,IR taking the Fermi-Dirac or Bose-Einstein form in Eq. (3.9)
(dashed lines), and compare it with the full numerical results (solid lines). In contrast to
the IR part, the ultraviolet (UV) part is insensitive to the difference between Fermi-Dirac
and Bose-Einstein statistics.

For comparison, we also plot the result for instant evaporation (blue dashed), assuming
that the PBHs evaporate instantly at t = tev. If the PBH could evaporate instantly without
a significant life span in the expanding universe, the cosmological redshift effect on fi

before tev could be neglected, leading to fi / x
�2 dNi

dE
with dNi

dE
the cumulative spectrum in

Eq. (2.6). Therefore, the instant evaporation curve corresponds to the 1� �(5, x)/24 term
in Eq. (3.7).

In the right panel of Fig. 1, we show that only a quite small fraction of the PBH mass
at the early phase of evaporation is responsible for the IR contribution. Here we introduce
a parameter ⌘m defined as

⌘m ⌘ mBH(t = tm)

mBH0

, (3.10)

where tm 2 [tF , tev] is an intermediate time point. The ⌘m parameter quantifies the fraction
of the remaining mass of the PBHs at the intermediate point. The curves with ⌘m < 1

only include the contribution of evaporation during [tm, tev]. For instance, the difference
between the red (⌘m = 99.9%) and the green (⌘m = 100%) curves can be interpreted as the
contribution of the first 0.1% of the PBH mass evaporating during [tF , tm].

From Fig. 1, we can draw the conclusion that the high-energy part (p/TBH0 � 1) is
very insensitive to the early phase of evaporation and also independent of the quantum
statistics of the particles emitted.

The number density of particles after evaporation can be computed by integrating
Eq. (3.7) over the momentum space:
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c±T
3

BH0
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, (t = tev) , (3.11)

where c± = 3⇣(3)

4
and ⇣(3) for Fermi-Dirac and Bose-Einstein statistics, respectively. The

Boltzmann approximation corresponds to c± ! 1. Eq. (3.11) can also be obtained via
ni = nBHNi where Ni is the total number of i particles emitted by each PBH—see Eq. (A.5)
in Appendix A. This approach leads to the same result as Eq. (3.11).

3.2 The energy spectrum of a stable massive species

For a massive species emitted by PBHs, if its mass mi is well below TBH0, then the emission
rate itself is not significantly affected by the mass. However, the IR part of the energy
spectrum at t = tev can be significantly altered by the mass when those particles emitted
at an early stage are red-shifted to non-relativistic.

The calculation of fi in this case is straightforward using Eq (3.2). However, we do
not find simple analytical results for nonzero mi . TBH0. Numerically, we find that the

– 6 –

where nBH is the PBH number density in the early universe, and d
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comes from that the number density is given by
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R
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dp.

The PBH number density in the expanding universe simply scales as

nBH = nBH0

a
3

F

a3
, a 2 [aF , aev] , (3.4)

where nBH0 denotes the initial PBH number density, and aF and aev are the scale factors
at t = tF and t = tev. The initial PBH abundance at formation is typically parametrized
by

� ⌘ ⇢BH0

⇢tot

����
t=tF

, (3.5)

where ⇢BH0 = nBH0mBH0 is the initial PBH energy density and ⇢tot is the total energy den-
sity of the universe. Throughout this work, we only consider PBHs with a monochromatic
mass function.

The initial number density nBH0 can be determined from mBH0 and � by

nBH0 =
3��2m6

pl

32⇡m3

BH0

, (3.6)

where � ⇡ 0.2 is a factor describing the efficiency of local overdensities collapsing into
PBHs [51].

3.1 The energy spectrum of a massless species

Substituting Eqs. (3.3) and (3.4) into Eq. (3.2), one can work out the integral analytically
by combining low- and high-energy limits together—see Appendix B for the detailed calcu-
lation. Assuming that the PBH lifespan is completely contained in a radiation dominated
(RD) era4, the result reads

fi|t!tev
⇡ fi0


1� �(5, x)/24

x5
+ fi,IR

�
, (3.7)

with
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e
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�x (Maxwell-Boltzmann)

, (3.9)
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4
� 3⇣(3)
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4
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4
,

1

2

⌘
⇡ (0.52, 0.45, 0.5).

In Eq. (3.8), gBH ⌘ m
3

BH0

3m
4

pl
⌧BH

is around 7.5 ⇥ 10�3 if all SM degrees of freedom are
taken into account. The fi,IR term in Eq. (3.7) becomes dominant when x ⌧ 1. Hence we

4This requires the PBH mass mBH0 to be below ⇠ 1013 gram.
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By considering the entire number density of neutrinos emitted from PBH evaporation,  
we will constrain the parameters of PBH from 21-cm brightness temperature  
measurements. 

Quan Feng Wu and Xun-Jie Xu, e-Print: 2409.09468
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• LHAASO reported the observation of very high energy photons with high energy up 
to 18 TeV in a 2000 sec window.    

• The High energy photons will inevitably be attenuated by the extragalactic 
background light (EBL) as 

• New physics beyond the Standard Model (SM) might explain the origin of high 
energy gamma rays. 

• BSM  proposals: axion-like particles, sterile neutrino decay, light scalar decay  

• GRB are the powerful source of neutrinos. The gamma rays might get produced from 
the decay, scattering or annihilation of neutrinos emitted in GRB.  

γ + γEBL → e+ + e−

High energy Gamma Rays from GRB221009A



A. Smirnov and A.Trautner,  e-Print: 2211.06374   

GRB 221009A Gamma Rays from Radiative Decay of Heavy Neutrinos?

Alexei Y. Smirnov∗ and Andreas Trautner†

Max-Planck-Institut für Kernphysik, Saupfercheckweg 1, 69117 Heidelberg, Germany

We consider a mechanism which allows to decrease attenuation of high energy gamma ray flux from
gamma ray burst GRB 221009A. The mechanism is based on the existence of a heavy mN ⇠ 0.1MeV
mostly sterile neutrino N which mixes with active neutrinos. N ’s are produced in GRB in ⇡ and
K decays via mixing with ⌫µ. They undergo the radiative decay N ! ⌫� on the way to the Earth.
The usual exponential attenuation of gamma rays is lifted to an attenuation inverse in the optical
depth. Various restrictions on this scenario are discussed. We find that the high energy � events at
18TeV and potentially 251TeV can be explained if (i) the GRB active neutrino fluence is close to
the observed limit, (ii) the branching ratio of N ! ⌫� is at least of the order 10%.

Introduction.— Recently GRB 221009A set a new
record for the brightest gamma ray burst ever detected.
The initial detection was by BAT, XRT, UVOT on Swift,
as well as GBM and LAT on Fermi satellite, see [1].
The redshift was determined by X-shooter of VLT (GCN
32648) as well as GTC (GCN 32686) to be z = 0.1505
corresponding to a distance of d ⇡ 645Mpc. LHAASO’s
WCDA as well as KM2A instrument detected O(5000)
photons with E� & 500GeV from GRB 221009A within
2000 s after the initial outburst (GCN 32677). The pho-
ton energies reconstructed by LHAASO extend up to
18TeV (the relative error of energy determination at
18TeV is roughly 40% [2]), and even an observation of
a single candidate � ray with an energy of 251TeV has
been reported by Carpet-2 at Baksan Neutrino Observa-
tory [3].

These observations are puzzling because the flux of
such high energy � rays should be severely attenuated in
the intergalactic medium by electron pair production on
background photons [4–6]. Standard propagation mod-
els [7–13] typically give optical depths of ⌧ ⇠ 5(15) for
photons of E� ⇠ 10(18)TeV, see [14] and references
therein. This attenuation could be overcome in beyond
the Standard Model scenarios with axion-photon mix-
ing [14–20] (see [21] for a review) or violation of Lorentz
invariance [14, 22, 23] (see [24] for a review). GRB
221009A observations have also triggered further inves-
tigations of GRBs as source of UHECR [25–27], Earth
ionospheric distortions [28], and the intergalactic mag-
netic field [29].

Here, we will consider an entirely di↵erent explanation
of the observed excess of high energy � rays based on the
existence of a heavy (O(0.1)MeV mass scale) mostly ster-
ile neutrino N which mixes with active neutrinos. Heavy
neutrinos are produced in GRB via mixing and then un-
dergo the radiative decay N ! ⌫� on the way to Earth.
This produces additional high energy flux of � rays that
would experience less attenuation.

∗smirnov@mpi-hd.mpg.de
†trautner@mpi-hd.mpg.de

Fluxes of ⌫ and N .— GRBs are powerful sources of
high energy neutrinos [30]. However, the predicted neu-
trino fluxes �⌫ are highly uncertain, see e.g. [31, 32]
and [33] for a review, with a conservative uncertainty
estimate of larger than two orders of magnitude. The
time integrated fluxes (fluences) could reach E2

⌫�
int
⌫ '

O(10�5) TeVcm�2 at energies of O(TeV) and the gen-
eral expectation is that E2

⌫�
int
⌫ is rising for energies up

to O(103) TeV.
An upper bound on the neutrino fluence of GRB

221009A has been set from the non-observation of track-
like neutrino events in the energy range 0.8TeV÷ 1PeV
by IceCube and is given by (GCN 32665 and [34, 35])

E2
⌫ �

int
⌫ < 3.9⇥ 10�5 TeVcm�2 . (1)

Let us introduce the ratio of the neutrino flux �⌫ to
the unattenuated � flux �0

� ,

r⌫� ⌘
�⌫

�0
�

. (2)

The unattenuated � flux of GRB 221009A can be ob-
tained by extrapolating the flux measured by Fermi -
LAT (GCN 32658) in the energy range (0.1 ÷ 1)GeV to
higher (TeV scale) energies [14]:

�0
�(E�) =

2.1⇥ 10�6

cm2s TeV

✓
E�

TeV

◆�1.87±0.04

. (3)

Dividing the IceCube bound on neutrino fluence (1) by
the �t ' 600 s long period of most intense � emission we
obtain an average neutrino flux �⌫ = �int

⌫ /�t and conse-
quently a flux ratio of r⌫� . 3⇥10�2. For shorter periods
of time much larger flux ratios are possible. Notice that
the total number of events is given by the integral over
time and, therefore, does not depend on the value of �t.
Since GRB neutrinos are predominantly produced in

pion and muon decays [33] the flux of heavy neutrinos
for mN . 1MeV can be parameterized as

rN⌫ ⌘
�N

�⌫
=

P
`=e,µ |UN`|

2�⌫`P
`=e,µ �⌫`

. (4)

If N would exclusively mix with ⌫µ and the total high-
est energy neutrino flux is dominated by ⌫µ, then rN⌫ =
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• The IceCube collaboration has also performed dedicated searches for co-relating 
some of the GRB events with diffuse extra-galactic neutrino background of very high 
energy neutrinos 

• The non-observation of such events set an upper limit on muon neutrino flux. 

• The ratio of unattenuated Gamma rays to neutrinos is 

• The unattenuated Gamma ray flux at high energy  

• The average neutrino flux                        gives  
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We consider a mechanism which allows to decrease attenuation of high energy gamma ray flux from
gamma ray burst GRB 221009A. The mechanism is based on the existence of a heavy mN ⇠ 0.1MeV
mostly sterile neutrino N which mixes with active neutrinos. N ’s are produced in GRB in ⇡ and
K decays via mixing with ⌫µ. They undergo the radiative decay N ! ⌫� on the way to the Earth.
The usual exponential attenuation of gamma rays is lifted to an attenuation inverse in the optical
depth. Various restrictions on this scenario are discussed. We find that the high energy � events at
18TeV and potentially 251TeV can be explained if (i) the GRB active neutrino fluence is close to
the observed limit, (ii) the branching ratio of N ! ⌫� is at least of the order 10%.

Introduction.— Recently GRB 221009A set a new
record for the brightest gamma ray burst ever detected.
The initial detection was by BAT, XRT, UVOT on Swift,
as well as GBM and LAT on Fermi satellite, see [1].
The redshift was determined by X-shooter of VLT (GCN
32648) as well as GTC (GCN 32686) to be z = 0.1505
corresponding to a distance of d ⇡ 645Mpc. LHAASO’s
WCDA as well as KM2A instrument detected O(5000)
photons with E� & 500GeV from GRB 221009A within
2000 s after the initial outburst (GCN 32677). The pho-
ton energies reconstructed by LHAASO extend up to
18TeV (the relative error of energy determination at
18TeV is roughly 40% [2]), and even an observation of
a single candidate � ray with an energy of 251TeV has
been reported by Carpet-2 at Baksan Neutrino Observa-
tory [3].

These observations are puzzling because the flux of
such high energy � rays should be severely attenuated in
the intergalactic medium by electron pair production on
background photons [4–6]. Standard propagation mod-
els [7–13] typically give optical depths of ⌧ ⇠ 5(15) for
photons of E� ⇠ 10(18)TeV, see [14] and references
therein. This attenuation could be overcome in beyond
the Standard Model scenarios with axion-photon mix-
ing [14–20] (see [21] for a review) or violation of Lorentz
invariance [14, 22, 23] (see [24] for a review). GRB
221009A observations have also triggered further inves-
tigations of GRBs as source of UHECR [25–27], Earth
ionospheric distortions [28], and the intergalactic mag-
netic field [29].

Here, we will consider an entirely di↵erent explanation
of the observed excess of high energy � rays based on the
existence of a heavy (O(0.1)MeV mass scale) mostly ster-
ile neutrino N which mixes with active neutrinos. Heavy
neutrinos are produced in GRB via mixing and then un-
dergo the radiative decay N ! ⌫� on the way to Earth.
This produces additional high energy flux of � rays that
would experience less attenuation.
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Fluxes of ⌫ and N .— GRBs are powerful sources of
high energy neutrinos [30]. However, the predicted neu-
trino fluxes �⌫ are highly uncertain, see e.g. [31, 32]
and [33] for a review, with a conservative uncertainty
estimate of larger than two orders of magnitude. The
time integrated fluxes (fluences) could reach E2

⌫�
int
⌫ '

O(10�5) TeVcm�2 at energies of O(TeV) and the gen-
eral expectation is that E2

⌫�
int
⌫ is rising for energies up

to O(103) TeV.
An upper bound on the neutrino fluence of GRB

221009A has been set from the non-observation of track-
like neutrino events in the energy range 0.8TeV÷ 1PeV
by IceCube and is given by (GCN 32665 and [34, 35])

E2
⌫ �

int
⌫ < 3.9⇥ 10�5 TeVcm�2 . (1)

Let us introduce the ratio of the neutrino flux �⌫ to
the unattenuated � flux �0

� ,

r⌫� ⌘
�⌫

�0
�

. (2)

The unattenuated � flux of GRB 221009A can be ob-
tained by extrapolating the flux measured by Fermi -
LAT (GCN 32658) in the energy range (0.1 ÷ 1)GeV to
higher (TeV scale) energies [14]:

�0
�(E�) =

2.1⇥ 10�6

cm2sTeV

✓
E�

TeV

◆�1.87±0.04

. (3)

Dividing the IceCube bound on neutrino fluence (1) by
the �t ' 600 s long period of most intense � emission we
obtain an average neutrino flux �⌫ = �int

⌫ /�t and conse-
quently a flux ratio of r⌫� . 3⇥10�2. For shorter periods
of time much larger flux ratios are possible. Notice that
the total number of events is given by the integral over
time and, therefore, does not depend on the value of �t.
Since GRB neutrinos are predominantly produced in

pion and muon decays [33] the flux of heavy neutrinos
for mN . 1MeV can be parameterized as

rN⌫ ⌘
�N

�⌫
=

P
`=e,µ |UN`|

2�⌫`P
`=e,µ �⌫`

. (4)

If N would exclusively mix with ⌫µ and the total high-
est energy neutrino flux is dominated by ⌫µ, then rN⌫ =
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GRB 221009A Gamma Rays from Radiative Decay of Heavy Neutrinos?
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We consider a mechanism which allows to decrease attenuation of high energy gamma ray flux from
gamma ray burst GRB 221009A. The mechanism is based on the existence of a heavy mN ⇠ 0.1MeV
mostly sterile neutrino N which mixes with active neutrinos. N ’s are produced in GRB in ⇡ and
K decays via mixing with ⌫µ. They undergo the radiative decay N ! ⌫� on the way to the Earth.
The usual exponential attenuation of gamma rays is lifted to an attenuation inverse in the optical
depth. Various restrictions on this scenario are discussed. We find that the high energy � events at
18TeV and potentially 251TeV can be explained if (i) the GRB active neutrino fluence is close to
the observed limit, (ii) the branching ratio of N ! ⌫� is at least of the order 10%.

Introduction.— Recently GRB 221009A set a new
record for the brightest gamma ray burst ever detected.
The initial detection was by BAT, XRT, UVOT on Swift,
as well as GBM and LAT on Fermi satellite, see [1].
The redshift was determined by X-shooter of VLT (GCN
32648) as well as GTC (GCN 32686) to be z = 0.1505
corresponding to a distance of d ⇡ 645Mpc. LHAASO’s
WCDA as well as KM2A instrument detected O(5000)
photons with E� & 500GeV from GRB 221009A within
2000 s after the initial outburst (GCN 32677). The pho-
ton energies reconstructed by LHAASO extend up to
18TeV (the relative error of energy determination at
18TeV is roughly 40% [2]), and even an observation of
a single candidate � ray with an energy of 251TeV has
been reported by Carpet-2 at Baksan Neutrino Observa-
tory [3].

These observations are puzzling because the flux of
such high energy � rays should be severely attenuated in
the intergalactic medium by electron pair production on
background photons [4–6]. Standard propagation mod-
els [7–13] typically give optical depths of ⌧ ⇠ 5(15) for
photons of E� ⇠ 10(18)TeV, see [14] and references
therein. This attenuation could be overcome in beyond
the Standard Model scenarios with axion-photon mix-
ing [14–20] (see [21] for a review) or violation of Lorentz
invariance [14, 22, 23] (see [24] for a review). GRB
221009A observations have also triggered further inves-
tigations of GRBs as source of UHECR [25–27], Earth
ionospheric distortions [28], and the intergalactic mag-
netic field [29].

Here, we will consider an entirely di↵erent explanation
of the observed excess of high energy � rays based on the
existence of a heavy (O(0.1)MeV mass scale) mostly ster-
ile neutrino N which mixes with active neutrinos. Heavy
neutrinos are produced in GRB via mixing and then un-
dergo the radiative decay N ! ⌫� on the way to Earth.
This produces additional high energy flux of � rays that
would experience less attenuation.
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Fluxes of ⌫ and N .— GRBs are powerful sources of
high energy neutrinos [30]. However, the predicted neu-
trino fluxes �⌫ are highly uncertain, see e.g. [31, 32]
and [33] for a review, with a conservative uncertainty
estimate of larger than two orders of magnitude. The
time integrated fluxes (fluences) could reach E2

⌫�
int
⌫ '

O(10�5) TeVcm�2 at energies of O(TeV) and the gen-
eral expectation is that E2

⌫�
int
⌫ is rising for energies up

to O(103) TeV.
An upper bound on the neutrino fluence of GRB

221009A has been set from the non-observation of track-
like neutrino events in the energy range 0.8TeV÷ 1PeV
by IceCube and is given by (GCN 32665 and [34, 35])

E2
⌫ �

int
⌫ < 3.9⇥ 10�5 TeVcm�2 . (1)

Let us introduce the ratio of the neutrino flux �⌫ to
the unattenuated � flux �0

� ,

r⌫� ⌘
�⌫

�0
�

. (2)

The unattenuated � flux of GRB 221009A can be ob-
tained by extrapolating the flux measured by Fermi -
LAT (GCN 32658) in the energy range (0.1 ÷ 1)GeV to
higher (TeV scale) energies [14]:

�0
�(E�) =

2.1⇥ 10�6

cm2s TeV

✓
E�

TeV

◆�1.87±0.04

. (3)

Dividing the IceCube bound on neutrino fluence (1) by
the �t ' 600 s long period of most intense � emission we
obtain an average neutrino flux �⌫ = �int

⌫ /�t and conse-
quently a flux ratio of r⌫� . 3⇥10�2. For shorter periods
of time much larger flux ratios are possible. Notice that
the total number of events is given by the integral over
time and, therefore, does not depend on the value of �t.
Since GRB neutrinos are predominantly produced in

pion and muon decays [33] the flux of heavy neutrinos
for mN . 1MeV can be parameterized as

rN⌫ ⌘
�N

�⌫
=

P
`=e,µ |UN`|

2�⌫`P
`=e,µ �⌫`

. (4)

If N would exclusively mix with ⌫µ and the total high-
est energy neutrino flux is dominated by ⌫µ, then rN⌫ =
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Alexei Y. Smirnov∗ and Andreas Trautner†

Max-Planck-Institut für Kernphysik, Saupfercheckweg 1, 69117 Heidelberg, Germany

We consider a mechanism which allows to decrease attenuation of high energy gamma ray flux from
gamma ray burst GRB 221009A. The mechanism is based on the existence of a heavy mN ⇠ 0.1MeV
mostly sterile neutrino N which mixes with active neutrinos. N ’s are produced in GRB in ⇡ and
K decays via mixing with ⌫µ. They undergo the radiative decay N ! ⌫� on the way to the Earth.
The usual exponential attenuation of gamma rays is lifted to an attenuation inverse in the optical
depth. Various restrictions on this scenario are discussed. We find that the high energy � events at
18TeV and potentially 251TeV can be explained if (i) the GRB active neutrino fluence is close to
the observed limit, (ii) the branching ratio of N ! ⌫� is at least of the order 10%.

Introduction.— Recently GRB 221009A set a new
record for the brightest gamma ray burst ever detected.
The initial detection was by BAT, XRT, UVOT on Swift,
as well as GBM and LAT on Fermi satellite, see [1].
The redshift was determined by X-shooter of VLT (GCN
32648) as well as GTC (GCN 32686) to be z = 0.1505
corresponding to a distance of d ⇡ 645Mpc. LHAASO’s
WCDA as well as KM2A instrument detected O(5000)
photons with E� & 500GeV from GRB 221009A within
2000 s after the initial outburst (GCN 32677). The pho-
ton energies reconstructed by LHAASO extend up to
18TeV (the relative error of energy determination at
18TeV is roughly 40% [2]), and even an observation of
a single candidate � ray with an energy of 251TeV has
been reported by Carpet-2 at Baksan Neutrino Observa-
tory [3].

These observations are puzzling because the flux of
such high energy � rays should be severely attenuated in
the intergalactic medium by electron pair production on
background photons [4–6]. Standard propagation mod-
els [7–13] typically give optical depths of ⌧ ⇠ 5(15) for
photons of E� ⇠ 10(18)TeV, see [14] and references
therein. This attenuation could be overcome in beyond
the Standard Model scenarios with axion-photon mix-
ing [14–20] (see [21] for a review) or violation of Lorentz
invariance [14, 22, 23] (see [24] for a review). GRB
221009A observations have also triggered further inves-
tigations of GRBs as source of UHECR [25–27], Earth
ionospheric distortions [28], and the intergalactic mag-
netic field [29].

Here, we will consider an entirely di↵erent explanation
of the observed excess of high energy � rays based on the
existence of a heavy (O(0.1)MeV mass scale) mostly ster-
ile neutrino N which mixes with active neutrinos. Heavy
neutrinos are produced in GRB via mixing and then un-
dergo the radiative decay N ! ⌫� on the way to Earth.
This produces additional high energy flux of � rays that
would experience less attenuation.
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Fluxes of ⌫ and N .— GRBs are powerful sources of
high energy neutrinos [30]. However, the predicted neu-
trino fluxes �⌫ are highly uncertain, see e.g. [31, 32]
and [33] for a review, with a conservative uncertainty
estimate of larger than two orders of magnitude. The
time integrated fluxes (fluences) could reach E2

⌫�
int
⌫ '

O(10�5) TeVcm�2 at energies of O(TeV) and the gen-
eral expectation is that E2

⌫�
int
⌫ is rising for energies up

to O(103) TeV.
An upper bound on the neutrino fluence of GRB

221009A has been set from the non-observation of track-
like neutrino events in the energy range 0.8TeV÷ 1PeV
by IceCube and is given by (GCN 32665 and [34, 35])

E2
⌫ �

int
⌫ < 3.9⇥ 10�5 TeVcm�2 . (1)

Let us introduce the ratio of the neutrino flux �⌫ to
the unattenuated � flux �0

� ,

r⌫� ⌘
�⌫

�0
�

. (2)

The unattenuated � flux of GRB 221009A can be ob-
tained by extrapolating the flux measured by Fermi -
LAT (GCN 32658) in the energy range (0.1 ÷ 1)GeV to
higher (TeV scale) energies [14]:

�0
�(E�) =

2.1⇥ 10�6

cm2sTeV

✓
E�

TeV

◆�1.87±0.04

. (3)

Dividing the IceCube bound on neutrino fluence (1) by
the �t ' 600 s long period of most intense � emission we
obtain an average neutrino flux �⌫ = �int

⌫ /�t and conse-
quently a flux ratio of r⌫� . 3⇥10�2. For shorter periods
of time much larger flux ratios are possible. Notice that
the total number of events is given by the integral over
time and, therefore, does not depend on the value of �t.
Since GRB neutrinos are predominantly produced in

pion and muon decays [33] the flux of heavy neutrinos
for mN . 1MeV can be parameterized as

rN⌫ ⌘
�N

�⌫
=

P
`=e,µ |UN`|

2�⌫`P
`=e,µ �⌫`

. (4)

If N would exclusively mix with ⌫µ and the total high-
est energy neutrino flux is dominated by ⌫µ, then rN⌫ =
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• Heavy neutrinos (N) are produced in GRB through mixing from the neutrinos 
emitted from the decay of Kaon/muons produced during GRB. 

• The radiative process let the neutrino decay into Gamma rays. 

• The flux of heavy neutrinos 

• For decay rate  

• The average neutrino flux:  

Gamma Rays from Sterile Neutrino Decay

GRB 221009A Gamma Rays from Radiative Decay of Heavy Neutrinos?

Alexei Y. Smirnov∗ and Andreas Trautner†

Max-Planck-Institut für Kernphysik, Saupfercheckweg 1, 69117 Heidelberg, Germany

We consider a mechanism which allows to decrease attenuation of high energy gamma ray flux from
gamma ray burst GRB 221009A. The mechanism is based on the existence of a heavy mN ⇠ 0.1MeV
mostly sterile neutrino N which mixes with active neutrinos. N ’s are produced in GRB in ⇡ and
K decays via mixing with ⌫µ. They undergo the radiative decay N ! ⌫� on the way to the Earth.
The usual exponential attenuation of gamma rays is lifted to an attenuation inverse in the optical
depth. Various restrictions on this scenario are discussed. We find that the high energy � events at
18TeV and potentially 251TeV can be explained if (i) the GRB active neutrino fluence is close to
the observed limit, (ii) the branching ratio of N ! ⌫� is at least of the order 10%.

Introduction.— Recently GRB 221009A set a new
record for the brightest gamma ray burst ever detected.
The initial detection was by BAT, XRT, UVOT on Swift,
as well as GBM and LAT on Fermi satellite, see [1].
The redshift was determined by X-shooter of VLT (GCN
32648) as well as GTC (GCN 32686) to be z = 0.1505
corresponding to a distance of d ⇡ 645Mpc. LHAASO’s
WCDA as well as KM2A instrument detected O(5000)
photons with E� & 500GeV from GRB 221009A within
2000 s after the initial outburst (GCN 32677). The pho-
ton energies reconstructed by LHAASO extend up to
18TeV (the relative error of energy determination at
18TeV is roughly 40% [2]), and even an observation of
a single candidate � ray with an energy of 251TeV has
been reported by Carpet-2 at Baksan Neutrino Observa-
tory [3].

These observations are puzzling because the flux of
such high energy � rays should be severely attenuated in
the intergalactic medium by electron pair production on
background photons [4–6]. Standard propagation mod-
els [7–13] typically give optical depths of ⌧ ⇠ 5(15) for
photons of E� ⇠ 10(18)TeV, see [14] and references
therein. This attenuation could be overcome in beyond
the Standard Model scenarios with axion-photon mix-
ing [14–20] (see [21] for a review) or violation of Lorentz
invariance [14, 22, 23] (see [24] for a review). GRB
221009A observations have also triggered further inves-
tigations of GRBs as source of UHECR [25–27], Earth
ionospheric distortions [28], and the intergalactic mag-
netic field [29].

Here, we will consider an entirely di↵erent explanation
of the observed excess of high energy � rays based on the
existence of a heavy (O(0.1)MeV mass scale) mostly ster-
ile neutrino N which mixes with active neutrinos. Heavy
neutrinos are produced in GRB via mixing and then un-
dergo the radiative decay N ! ⌫� on the way to Earth.
This produces additional high energy flux of � rays that
would experience less attenuation.
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Fluxes of ⌫ and N .— GRBs are powerful sources of
high energy neutrinos [30]. However, the predicted neu-
trino fluxes �⌫ are highly uncertain, see e.g. [31, 32]
and [33] for a review, with a conservative uncertainty
estimate of larger than two orders of magnitude. The
time integrated fluxes (fluences) could reach E2

⌫�
int
⌫ '

O(10�5) TeVcm�2 at energies of O(TeV) and the gen-
eral expectation is that E2

⌫�
int
⌫ is rising for energies up

to O(103) TeV.
An upper bound on the neutrino fluence of GRB

221009A has been set from the non-observation of track-
like neutrino events in the energy range 0.8TeV÷ 1PeV
by IceCube and is given by (GCN 32665 and [34, 35])

E2
⌫ �

int
⌫ < 3.9⇥ 10�5 TeVcm�2 . (1)

Let us introduce the ratio of the neutrino flux �⌫ to
the unattenuated � flux �0

� ,

r⌫� ⌘
�⌫

�0
�

. (2)

The unattenuated � flux of GRB 221009A can be ob-
tained by extrapolating the flux measured by Fermi -
LAT (GCN 32658) in the energy range (0.1 ÷ 1)GeV to
higher (TeV scale) energies [14]:

�0
�(E�) =

2.1⇥ 10�6

cm2s TeV

✓
E�

TeV

◆�1.87±0.04

. (3)

Dividing the IceCube bound on neutrino fluence (1) by
the �t ' 600 s long period of most intense � emission we
obtain an average neutrino flux �⌫ = �int

⌫ /�t and conse-
quently a flux ratio of r⌫� . 3⇥10�2. For shorter periods
of time much larger flux ratios are possible. Notice that
the total number of events is given by the integral over
time and, therefore, does not depend on the value of �t.
Since GRB neutrinos are predominantly produced in

pion and muon decays [33] the flux of heavy neutrinos
for mN . 1MeV can be parameterized as

rN⌫ ⌘
�N

�⌫
=

P
`=e,µ |UN`|

2�⌫`P
`=e,µ �⌫`

. (4)

If N would exclusively mix with ⌫µ and the total high-
est energy neutrino flux is dominated by ⌫µ, then rN⌫ =
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ΓN , the decay length will be given by  

2

|UNµ|
2 is simply given by the corresponding mixing ma-

trix element. We adopt this case as a benchmark.
The angular dispersion of �’s produced in N decay is

⇥ ' mN/EN ⇠ 10�8 with energy EN . If the GRB jet
opening angle is bigger than ⇥, then there is no addi-
tional suppression of the � flux from N at the Earth.

Propagation scenario.— Let us compute the � flux at
Earth originating from N decays. In terms of the total
decay rate �N the decay length is given by

�N =
EN

�N mN
. (5)

The probability that an individual N decays in the dis-
tance interval [x, x+dx] and the produced photon reaches
the Earth equals

B� e
�x/�N

dx

�N
e�(d�x)/�� , (6)

where B� is the branching ratio of radiative decay, and
the last factor describes the survival probability of � in
terms of its absorption length ⌧ ⌘ d/�� . Multiplying the
expression in eq. (6) by the N flux �N and integrating
over x, we find the N -induced � flux

�(N)
� = �NB�

1

�N/�� � 1

h
e�d/�N � e�d/��

i
. (7)

Normalizing (7) to �0
� , the direct unattenuated � flux,

we find

�(N)
�

�0
�

= B�
�N

�0
�

1

⌧�N/d� 1

h
e�d/�N � e�⌧

i
. (8)

Varying d/�N we find that the maximal flux is obtained
for d/�N ⇡ 1. Using this and the flux ratios rN⌫ and r⌫�
defined earlier, as well as expanding in ⌧ � 1 as expected
for high energy � rays we obtain

�(N)
�

�0
�

⇡ B� rN⌫ r⌫�
0.37

⌧
. (9)

Recall that the � flux produced directly in GRB is atten-
uated as

�d
�

�0
�

= e�d/�� = e�⌧ . (10)

Eq. (9) and (10) clearly show how the usual damping
of the high energy � ray flux, exponential in ⌧ , can be
overcome by the presence of decaying heavy neutrinos.

Let us underline that there is strong energy dependence
in all of these expressions: �N and �N depend on EN ,
while �� (or equivalently ⌧) strongly depends on E� . The
explicit EN dependence of the attenuation factor can be
displayed writing �N/d = EN/Ed

N with Ed
N ⌘ �NmNd

being the energy at which �N = d. Then eq. (8), neglect-
ing the last term in brackets, reduces to

�(N)
�

�0
�

= B�
�N

�0
�

e�Ed
N/EN

⌧EN/Ed
N � 1

. (11)

FIG. 1: The � fluxes from GRB 221009A at the Earth as
functions of E� . Solid black: � flux induced by N ! ⌫� decay
for di↵erent values of prefactors in eq. (8) and (9) under the
assumption that �N = d at EN = 40TeV. Gray: direct � flux
with uncertainties as obtained with ⌧(E�) from [10]. Dashed
gray: unattenuated � flux. Shown in dash-dotted is also the
upper bound on the neutrino flux obtained from the IceCube

bound on the neutrino fluence divided by �t = 600 s. The
dashed black line shows the approximation of eq. (9) for the
case B�rN⌫r⌫� = 10�7.

In Fig. 1 we show the secondary � flux fromN decay for
GRB 221009A. We use the approximation E� ⇡ 0.5EN ,
the maximal ⌫ flux allowed by IceCube, and the full en-
ergy dependence of ⌧(E�) as extracted from [10] as well
as the assumption that �N = d at EN = 40TeV.

Model independent constraints.— The radiative decay
of heavy neutrinos produces � rays with energy E� . EN .
The existence of non-zero mass of N leads to dispersion
of the � signal in time. Requiring that �’s of highest
energies 18TeV arrive at the detector within �t  2000 s
the heavy neutrino mass is bounded by

mN . 4.5MeV

✓
�t

2000 s

◆ 1
2
✓

EN

18TeV

◆
. (12)

Note that the detected � rays originating from the low-
est energy heavy neutrinos set the most stringent bound
here. If �’s with an energy as low as 0.5TeV could be
identified to originate from N decay this would tighten
the bound to mN . 0.25MeV but such an identification
is unlikely given the large background from conventional
�’s in this region. Conversely, if a very high energy � is
identified with a long time delay event this would hint at
a higher mN . The bound can also be a↵ected by finite
interval of pion production and dependence of energy of
accelerated protons, and therefore pions, on time. De-
tailed information on arrival time of �’s of di↵erent en-
ergies will allow to refine the bound.

Requiring �N ⇠ d such that a substantial number
of decays happen before the heavy neutrinos reach the

2

|UNµ|
2 is simply given by the corresponding mixing ma-

trix element. We adopt this case as a benchmark.
The angular dispersion of �’s produced in N decay is

⇥ ' mN/EN ⇠ 10�8 with energy EN . If the GRB jet
opening angle is bigger than ⇥, then there is no addi-
tional suppression of the � flux from N at the Earth.

Propagation scenario.— Let us compute the � flux at
Earth originating from N decays. In terms of the total
decay rate �N the decay length is given by

�N =
EN

�N mN
. (5)

The probability that an individual N decays in the dis-
tance interval [x, x+dx] and the produced photon reaches
the Earth equals

B� e
�x/�N

dx

�N
e�(d�x)/�� , (6)

where B� is the branching ratio of radiative decay, and
the last factor describes the survival probability of � in
terms of its absorption length ⌧ ⌘ d/�� . Multiplying the
expression in eq. (6) by the N flux �N and integrating
over x, we find the N -induced � flux

�(N)
� = �NB�

1

�N/�� � 1

h
e�d/�N � e�d/��

i
. (7)

Normalizing (7) to �0
� , the direct unattenuated � flux,

we find

�(N)
�

�0
�

= B�
�N

�0
�

1

⌧�N/d� 1

h
e�d/�N � e�⌧

i
. (8)

Varying d/�N we find that the maximal flux is obtained
for d/�N ⇡ 1. Using this and the flux ratios rN⌫ and r⌫�
defined earlier, as well as expanding in ⌧ � 1 as expected
for high energy � rays we obtain

�(N)
�

�0
�

⇡ B� rN⌫ r⌫�
0.37

⌧
. (9)

Recall that the � flux produced directly in GRB is atten-
uated as

�d
�

�0
�

= e�d/�� = e�⌧ . (10)

Eq. (9) and (10) clearly show how the usual damping
of the high energy � ray flux, exponential in ⌧ , can be
overcome by the presence of decaying heavy neutrinos.

Let us underline that there is strong energy dependence
in all of these expressions: �N and �N depend on EN ,
while �� (or equivalently ⌧) strongly depends on E� . The
explicit EN dependence of the attenuation factor can be
displayed writing �N/d = EN/Ed

N with Ed
N ⌘ �NmNd

being the energy at which �N = d. Then eq. (8), neglect-
ing the last term in brackets, reduces to

�(N)
�

�0
�

= B�
�N

�0
�

e�Ed
N/EN

⌧EN/Ed
N � 1

. (11)

FIG. 1: The � fluxes from GRB 221009A at the Earth as
functions of E� . Solid black: � flux induced by N ! ⌫� decay
for di↵erent values of prefactors in eq. (8) and (9) under the
assumption that �N = d at EN = 40TeV. Gray: direct � flux
with uncertainties as obtained with ⌧(E�) from [10]. Dashed
gray: unattenuated � flux. Shown in dash-dotted is also the
upper bound on the neutrino flux obtained from the IceCube

bound on the neutrino fluence divided by �t = 600 s. The
dashed black line shows the approximation of eq. (9) for the
case B�rN⌫r⌫� = 10�7.

In Fig. 1 we show the secondary � flux fromN decay for
GRB 221009A. We use the approximation E� ⇡ 0.5EN ,
the maximal ⌫ flux allowed by IceCube, and the full en-
ergy dependence of ⌧(E�) as extracted from [10] as well
as the assumption that �N = d at EN = 40TeV.

Model independent constraints.— The radiative decay
of heavy neutrinos produces � rays with energy E� . EN .
The existence of non-zero mass of N leads to dispersion
of the � signal in time. Requiring that �’s of highest
energies 18TeV arrive at the detector within �t  2000 s
the heavy neutrino mass is bounded by

mN . 4.5MeV

✓
�t

2000 s

◆ 1
2
✓

EN

18TeV

◆
. (12)

Note that the detected � rays originating from the low-
est energy heavy neutrinos set the most stringent bound
here. If �’s with an energy as low as 0.5TeV could be
identified to originate from N decay this would tighten
the bound to mN . 0.25MeV but such an identification
is unlikely given the large background from conventional
�’s in this region. Conversely, if a very high energy � is
identified with a long time delay event this would hint at
a higher mN . The bound can also be a↵ected by finite
interval of pion production and dependence of energy of
accelerated protons, and therefore pions, on time. De-
tailed information on arrival time of �’s of di↵erent en-
ergies will allow to refine the bound.

Requiring �N ⇠ d such that a substantial number
of decays happen before the heavy neutrinos reach the

Suppressed by mixing angle 
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We consider a mechanism which allows to decrease attenuation of high energy gamma ray flux from
gamma ray burst GRB 221009A. The mechanism is based on the existence of a heavy mN ⇠ 0.1MeV
mostly sterile neutrino N which mixes with active neutrinos. N ’s are produced in GRB in ⇡ and
K decays via mixing with ⌫µ. They undergo the radiative decay N ! ⌫� on the way to the Earth.
The usual exponential attenuation of gamma rays is lifted to an attenuation inverse in the optical
depth. Various restrictions on this scenario are discussed. We find that the high energy � events at
18TeV and potentially 251TeV can be explained if (i) the GRB active neutrino fluence is close to
the observed limit, (ii) the branching ratio of N ! ⌫� is at least of the order 10%.

Introduction.— Recently GRB 221009A set a new
record for the brightest gamma ray burst ever detected.
The initial detection was by BAT, XRT, UVOT on Swift,
as well as GBM and LAT on Fermi satellite, see [1].
The redshift was determined by X-shooter of VLT (GCN
32648) as well as GTC (GCN 32686) to be z = 0.1505
corresponding to a distance of d ⇡ 645Mpc. LHAASO’s
WCDA as well as KM2A instrument detected O(5000)
photons with E� & 500GeV from GRB 221009A within
2000 s after the initial outburst (GCN 32677). The pho-
ton energies reconstructed by LHAASO extend up to
18TeV (the relative error of energy determination at
18TeV is roughly 40% [2]), and even an observation of
a single candidate � ray with an energy of 251TeV has
been reported by Carpet-2 at Baksan Neutrino Observa-
tory [3].

These observations are puzzling because the flux of
such high energy � rays should be severely attenuated in
the intergalactic medium by electron pair production on
background photons [4–6]. Standard propagation mod-
els [7–13] typically give optical depths of ⌧ ⇠ 5(15) for
photons of E� ⇠ 10(18)TeV, see [14] and references
therein. This attenuation could be overcome in beyond
the Standard Model scenarios with axion-photon mix-
ing [14–20] (see [21] for a review) or violation of Lorentz
invariance [14, 22, 23] (see [24] for a review). GRB
221009A observations have also triggered further inves-
tigations of GRBs as source of UHECR [25–27], Earth
ionospheric distortions [28], and the intergalactic mag-
netic field [29].

Here, we will consider an entirely di↵erent explanation
of the observed excess of high energy � rays based on the
existence of a heavy (O(0.1)MeV mass scale) mostly ster-
ile neutrino N which mixes with active neutrinos. Heavy
neutrinos are produced in GRB via mixing and then un-
dergo the radiative decay N ! ⌫� on the way to Earth.
This produces additional high energy flux of � rays that
would experience less attenuation.
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Fluxes of ⌫ and N .— GRBs are powerful sources of
high energy neutrinos [30]. However, the predicted neu-
trino fluxes �⌫ are highly uncertain, see e.g. [31, 32]
and [33] for a review, with a conservative uncertainty
estimate of larger than two orders of magnitude. The
time integrated fluxes (fluences) could reach E2

⌫�
int
⌫ '

O(10�5) TeVcm�2 at energies of O(TeV) and the gen-
eral expectation is that E2

⌫�
int
⌫ is rising for energies up

to O(103) TeV.
An upper bound on the neutrino fluence of GRB

221009A has been set from the non-observation of track-
like neutrino events in the energy range 0.8TeV÷ 1PeV
by IceCube and is given by (GCN 32665 and [34, 35])

E2
⌫ �

int
⌫ < 3.9⇥ 10�5 TeVcm�2 . (1)

Let us introduce the ratio of the neutrino flux �⌫ to
the unattenuated � flux �0

� ,

r⌫� ⌘
�⌫

�0
�

. (2)

The unattenuated � flux of GRB 221009A can be ob-
tained by extrapolating the flux measured by Fermi -
LAT (GCN 32658) in the energy range (0.1 ÷ 1)GeV to
higher (TeV scale) energies [14]:

�0
�(E�) =

2.1⇥ 10�6

cm2sTeV

✓
E�

TeV

◆�1.87±0.04

. (3)

Dividing the IceCube bound on neutrino fluence (1) by
the �t ' 600 s long period of most intense � emission we
obtain an average neutrino flux �⌫ = �int

⌫ /�t and conse-
quently a flux ratio of r⌫� . 3⇥10�2. For shorter periods
of time much larger flux ratios are possible. Notice that
the total number of events is given by the integral over
time and, therefore, does not depend on the value of �t.
Since GRB neutrinos are predominantly produced in

pion and muon decays [33] the flux of heavy neutrinos
for mN . 1MeV can be parameterized as

rN⌫ ⌘
�N

�⌫
=

P
`=e,µ |UN`|

2�⌫`P
`=e,µ �⌫`

. (4)

If N would exclusively mix with ⌫µ and the total high-
est energy neutrino flux is dominated by ⌫µ, then rN⌫ =
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We consider a mechanism which allows to decrease attenuation of high energy gamma ray flux from
gamma ray burst GRB 221009A. The mechanism is based on the existence of a heavy mN ⇠ 0.1MeV
mostly sterile neutrino N which mixes with active neutrinos. N ’s are produced in GRB in ⇡ and
K decays via mixing with ⌫µ. They undergo the radiative decay N ! ⌫� on the way to the Earth.
The usual exponential attenuation of gamma rays is lifted to an attenuation inverse in the optical
depth. Various restrictions on this scenario are discussed. We find that the high energy � events at
18TeV and potentially 251TeV can be explained if (i) the GRB active neutrino fluence is close to
the observed limit, (ii) the branching ratio of N ! ⌫� is at least of the order 10%.

Introduction.— Recently GRB 221009A set a new
record for the brightest gamma ray burst ever detected.
The initial detection was by BAT, XRT, UVOT on Swift,
as well as GBM and LAT on Fermi satellite, see [1].
The redshift was determined by X-shooter of VLT (GCN
32648) as well as GTC (GCN 32686) to be z = 0.1505
corresponding to a distance of d ⇡ 645Mpc. LHAASO’s
WCDA as well as KM2A instrument detected O(5000)
photons with E� & 500GeV from GRB 221009A within
2000 s after the initial outburst (GCN 32677). The pho-
ton energies reconstructed by LHAASO extend up to
18TeV (the relative error of energy determination at
18TeV is roughly 40% [2]), and even an observation of
a single candidate � ray with an energy of 251TeV has
been reported by Carpet-2 at Baksan Neutrino Observa-
tory [3].

These observations are puzzling because the flux of
such high energy � rays should be severely attenuated in
the intergalactic medium by electron pair production on
background photons [4–6]. Standard propagation mod-
els [7–13] typically give optical depths of ⌧ ⇠ 5(15) for
photons of E� ⇠ 10(18)TeV, see [14] and references
therein. This attenuation could be overcome in beyond
the Standard Model scenarios with axion-photon mix-
ing [14–20] (see [21] for a review) or violation of Lorentz
invariance [14, 22, 23] (see [24] for a review). GRB
221009A observations have also triggered further inves-
tigations of GRBs as source of UHECR [25–27], Earth
ionospheric distortions [28], and the intergalactic mag-
netic field [29].

Here, we will consider an entirely di↵erent explanation
of the observed excess of high energy � rays based on the
existence of a heavy (O(0.1)MeV mass scale) mostly ster-
ile neutrino N which mixes with active neutrinos. Heavy
neutrinos are produced in GRB via mixing and then un-
dergo the radiative decay N ! ⌫� on the way to Earth.
This produces additional high energy flux of � rays that
would experience less attenuation.
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Fluxes of ⌫ and N .— GRBs are powerful sources of
high energy neutrinos [30]. However, the predicted neu-
trino fluxes �⌫ are highly uncertain, see e.g. [31, 32]
and [33] for a review, with a conservative uncertainty
estimate of larger than two orders of magnitude. The
time integrated fluxes (fluences) could reach E2

⌫�
int
⌫ '

O(10�5) TeVcm�2 at energies of O(TeV) and the gen-
eral expectation is that E2

⌫�
int
⌫ is rising for energies up

to O(103) TeV.
An upper bound on the neutrino fluence of GRB

221009A has been set from the non-observation of track-
like neutrino events in the energy range 0.8TeV÷ 1PeV
by IceCube and is given by (GCN 32665 and [34, 35])

E2
⌫ �

int
⌫ < 3.9⇥ 10�5 TeVcm�2 . (1)

Let us introduce the ratio of the neutrino flux �⌫ to
the unattenuated � flux �0

� ,

r⌫� ⌘
�⌫

�0
�

. (2)

The unattenuated � flux of GRB 221009A can be ob-
tained by extrapolating the flux measured by Fermi -
LAT (GCN 32658) in the energy range (0.1 ÷ 1)GeV to
higher (TeV scale) energies [14]:

�0
�(E�) =

2.1⇥ 10�6

cm2s TeV

✓
E�

TeV

◆�1.87±0.04

. (3)

Dividing the IceCube bound on neutrino fluence (1) by
the �t ' 600 s long period of most intense � emission we
obtain an average neutrino flux �⌫ = �int

⌫ /�t and conse-
quently a flux ratio of r⌫� . 3⇥10�2. For shorter periods
of time much larger flux ratios are possible. Notice that
the total number of events is given by the integral over
time and, therefore, does not depend on the value of �t.
Since GRB neutrinos are predominantly produced in

pion and muon decays [33] the flux of heavy neutrinos
for mN . 1MeV can be parameterized as

rN⌫ ⌘
�N

�⌫
=

P
`=e,µ |UN`|

2�⌫`P
`=e,µ �⌫`

. (4)

If N would exclusively mix with ⌫µ and the total high-
est energy neutrino flux is dominated by ⌫µ, then rN⌫ =
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Thus, for an effective area of 100 Km2 and observation time of 2000 sec, the expected number 
of events turns out to be very less of the order 10-3, which is quite small.

2

|UNµ|
2 is simply given by the corresponding mixing ma-

trix element. We adopt this case as a benchmark.
The angular dispersion of �’s produced in N decay is

⇥ ' mN/EN ⇠ 10�8 with energy EN . If the GRB jet
opening angle is bigger than ⇥, then there is no addi-
tional suppression of the � flux from N at the Earth.

Propagation scenario.— Let us compute the � flux at
Earth originating from N decays. In terms of the total
decay rate �N the decay length is given by

�N =
EN

�N mN
. (5)

The probability that an individual N decays in the dis-
tance interval [x, x+dx] and the produced photon reaches
the Earth equals

B� e
�x/�N

dx

�N
e�(d�x)/�� , (6)

where B� is the branching ratio of radiative decay, and
the last factor describes the survival probability of � in
terms of its absorption length ⌧ ⌘ d/�� . Multiplying the
expression in eq. (6) by the N flux �N and integrating
over x, we find the N -induced � flux

�(N)
� = �NB�

1

�N/�� � 1

h
e�d/�N � e�d/��

i
. (7)

Normalizing (7) to �0
� , the direct unattenuated � flux,

we find

�(N)
�

�0
�

= B�
�N

�0
�

1

⌧�N/d� 1

h
e�d/�N � e�⌧

i
. (8)

Varying d/�N we find that the maximal flux is obtained
for d/�N ⇡ 1. Using this and the flux ratios rN⌫ and r⌫�
defined earlier, as well as expanding in ⌧ � 1 as expected
for high energy � rays we obtain

�(N)
�

�0
�

⇡ B� rN⌫ r⌫�
0.37

⌧
. (9)

Recall that the � flux produced directly in GRB is atten-
uated as

�d
�

�0
�

= e�d/�� = e�⌧ . (10)

Eq. (9) and (10) clearly show how the usual damping
of the high energy � ray flux, exponential in ⌧ , can be
overcome by the presence of decaying heavy neutrinos.

Let us underline that there is strong energy dependence
in all of these expressions: �N and �N depend on EN ,
while �� (or equivalently ⌧) strongly depends on E� . The
explicit EN dependence of the attenuation factor can be
displayed writing �N/d = EN/Ed

N with Ed
N ⌘ �NmNd

being the energy at which �N = d. Then eq. (8), neglect-
ing the last term in brackets, reduces to

�(N)
�

�0
�

= B�
�N

�0
�

e�Ed
N/EN

⌧EN/Ed
N � 1

. (11)

FIG. 1: The � fluxes from GRB 221009A at the Earth as
functions of E� . Solid black: � flux induced by N ! ⌫� decay
for di↵erent values of prefactors in eq. (8) and (9) under the
assumption that �N = d at EN = 40TeV. Gray: direct � flux
with uncertainties as obtained with ⌧(E�) from [10]. Dashed
gray: unattenuated � flux. Shown in dash-dotted is also the
upper bound on the neutrino flux obtained from the IceCube

bound on the neutrino fluence divided by �t = 600 s. The
dashed black line shows the approximation of eq. (9) for the
case B�rN⌫r⌫� = 10�7.

In Fig. 1 we show the secondary � flux fromN decay for
GRB 221009A. We use the approximation E� ⇡ 0.5EN ,
the maximal ⌫ flux allowed by IceCube, and the full en-
ergy dependence of ⌧(E�) as extracted from [10] as well
as the assumption that �N = d at EN = 40TeV.

Model independent constraints.— The radiative decay
of heavy neutrinos produces � rays with energy E� . EN .
The existence of non-zero mass of N leads to dispersion
of the � signal in time. Requiring that �’s of highest
energies 18TeV arrive at the detector within �t  2000 s
the heavy neutrino mass is bounded by

mN . 4.5MeV

✓
�t

2000 s

◆ 1
2
✓

EN

18TeV

◆
. (12)

Note that the detected � rays originating from the low-
est energy heavy neutrinos set the most stringent bound
here. If �’s with an energy as low as 0.5TeV could be
identified to originate from N decay this would tighten
the bound to mN . 0.25MeV but such an identification
is unlikely given the large background from conventional
�’s in this region. Conversely, if a very high energy � is
identified with a long time delay event this would hint at
a higher mN . The bound can also be a↵ected by finite
interval of pion production and dependence of energy of
accelerated protons, and therefore pions, on time. De-
tailed information on arrival time of �’s of di↵erent en-
ergies will allow to refine the bound.

Requiring �N ⇠ d such that a substantial number
of decays happen before the heavy neutrinos reach the

For τ > > 1,
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• We consider the production of photons due to direct scattering of astrophysical 
neutrinos (emitted from GRB) with CMB neutrinos.  

ℒ ⊃ gμϕμ̄μ + gνμ
ϕν̄ν

Phenomenological model

Two cases: 

(i) gμ = gνμ
, (ii) gμ ≠ gνμ

k

Z
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6A:X j, h?`22 bBKTH2 ;`�T?b•  The constraints on the muon neutrino flux from GRB221009A will be useful. 

Self-interactions of neutrinos: GRB221009A
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The probability of neutrino scattering with CMB neutrinos and producing gamma rays 
would be given by 

The mean free path can be calculated from  

with 

The optical depth of neutrinos will be 

τN =
λN

d
, with d = 645 Mpc, λN − Mean free path of neutrinos

τγ =
λγ

d
, λγ − Mean free path of Gamma − rays

with 

Gamma Rays from Neutrinos: GRB221009A

5

A. Mean free path of neutrinos

The mean free path of neutrinos emitted from astro-
physical sources can be calculated from the interaction
rate of incident neutrinos with the background CMB neu-
trinos. The value of �⌫µ!� will be given by [55]

�⌫µ!� =
1

�(⌫µa⌫µb ! �a�b)
, (9)

where �(⌫µa⌫µb ! �a�b) is the interaction rate of the in-
cident neutrino with CMB neutrinos. The cross-section
for the production of gamma rays from the scattering of
astrophysical neutrinos with CMB neutrinos (shown in
Feynman diagram given in fig. 2) is given by [57, 58]

�(⌫µa⌫µb ! �a�b) =
81↵2s

4⇡3

(gµg⌫µ)
2

(s�m2
�
)2 +m2

�
�2
�

⇥

������
1 +

X

f

Q2
µ
m2

µ
C�

0

������

2

, (10)

where scalar Passarino–Veltman function C�

0 is given by,

C�

0 (s,mµ) =
1

2s
ln2

0

@

q
1� 4m2

µ
/s� 1

q
1� 4m2

µ
/s+ 1

1

A . (11)

By using the expression of cross-section given in eq. (10),
the thermal interaction rate is given by [55]

�(⌫µa⌫µb ! �a�b) =

Z
d3p

(2⇡)3
fi(~pi)vMol�(s(E⌫ , ~p)). (12)

Today, the CMB neutrino background has a thermal dis-
tribution with total number density ntot ⇡ 340 cm�3

and temperature T⌫ = 1.9 K. Given this, the background
CMB neutrino can be considered as non-relativistic with
m⌫µ > T⌫ . In this case, the center-of-mass energy

p
s

becomes independent of the momentum and we can get
p
s =

p
2m⌫µE⌫µa and vMol = 1. Using this, the integral

can be easily solved in a lab-frame and the interaction
rate for scattering with non-relativistic background neu-
trinos reduces to

�(⌫µa⌫µb ! �a�b) = �(2E⌫µam⌫µ)n⌫µb , (13)

Using this, the mean free path (MFP) for secondary
gamma rays can be calculated from

�⌫µ!� =
1

�(2E⌫µam⌫µ)n⌫µb

, (14)

For the scattering process involving ⌫µa⌫µb ! �a�b, the
energy of gamma rays can be approximately equal to the
energy of emitted astrophysical neutrinos. Thus, we can
keep E⌫µa ⇡ E�a . Using this, we have calculated the
mean free path of neutrino elastic scattering as well as
neutrinos annihilating into gamma rays. The results are

FIG. 3: The red solid line corresponds to the mean free path
of neutrino for the elastic scattering of an incident astrophys-
ical neutrino with CMB neutrinos for interaction coupling
g⌫µ = 0.01. The black dashed line shows the mean free path
of neutrino for g⌫µ = gµ = 0.01 when the interaction of an
incident astrophysical neutrino with CMB neutrinos produces
gamma rays. The dip in the curve shows the resonance en-
hancement of the cross-section at s ⇡ m2

�.

shown in fig. 3. The red solid line gives mean free path
for neutrino for elastic scattering of incident astrophys-
ical neutrino with CMB neutrinos for g⌫µ = 0.01 while
the black dashed line gives mean free path of neutrino for
g⌫µ = gµ = 0.01 when the interaction of incident astro-
physical neutrino with CMB neutrinos produces gamma
rays. The dip in the curve shows the resonance enhance-
ment of the cross-section at s ⇡ m2

�
.

We can also see that the mean free path for inelastic
scattering is less than the elastic scattering by a factor
of around 10�3. However, as the cross-section hits the
resonance at specific energies, the mean free path for both
processes can lie in the range d & 645 Mpc = 2 ⇥ 1027

cm for appropriate choices of g⌫µ , gµ, and m�. Thus, the
optical depth for neutrinos traveling to earth given by
⌧ = e�d/�µ!� can be around O(1) for a narrow energy
range above TeV. Therefore, it is possible that some of
the high-energy gamma rays could have been originated
from neutrino scattering.

B. Astrophysical gamma-ray flux

Now we calculate the secondary flux of astrophysical
photons emitted from scattering of incident astrophysi-
cal neutrinos with CMB neutrinos by using eq. (8)-(14)
for di↵erent values of couplings (g⌫µ , gµ) and fixing the
mass of mediator around m� ⇠ MeV. We assume that
the background CMB photons will not acquire much en-
ergy, therefore we can keep E�a ⇡ E⌫a. Further, we have
compared our results with the unattenuated and attenu-
ated gamma-ray flux directly coming from GRB events.
As discussed above, the final expression for calculating
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FIG. 2: Feynman diagram for scattering of high energy astro-
physical neutrinos (⌫µa) with CMB neutrinos (⌫µb) into high
energy astrophysical photons (�a) and CMB background pho-
tons (�b).
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III. IMPACT ON ASTROPHYSICAL
GAMMA-RAY FLUX FROM GRB221009A

As discussed earlier, the LHAASO collaboration has
recently reported an extremely bright and long-duration
Gamma Ray Burst, named GRB221009A [14]. They have
detected O(5000) events of photons with energies rang-
ing from 0.5 TeV to 18 TeV within a time window of
2000 at red-shift z = 0.15. The violent reactions around
GRB normally produce a large number of pions or kaons
which can further decay into photons and neutrinos. As
the photon will interact with background photons to an-
nihilate into electron-positron pairs, the flux of astro-
physical neutrinos will be significantly attenuated. Thus,
the detection can not be explained due to extra-galactic
background light coming from GRB events. Interest-
ingly, the observed flux of high and very-high-energy pho-
tons can be obtained from neutrinos emitted during GRB
events through the interaction of emitted high-energy as-
trophysical neutrinos with CMB neutrinos. Thus, GRB
events would provide a unique opportunity to probe the
non-standard interaction of neutrinos.

In this section, we calculate the probability of produc-
ing high-energy gamma rays from the scattering of high-
energy astrophysical neutrinos with CMB neutrinos. The
unattenuated � flux of GRB 221009A obtained by extrap-
olating the flux measured by FermiLAT in the energy
range (0.1 - 1) GeV to higher energies (around TeV) is
given by [24]
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The emission of neutrinos from GRB221009A has been
analyzed by complementary experiments such as Ice-
Cube. The non-observation of track-like neutrino events
in the energy range 0.8 TeV - 1 PeV has set constraints on

neutrino fluence E2
⌫
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 3.9⇥10�5 TeV cm�2 [47, 48].
As neutrinos would mainly be emitted from muon and
kaon decay, they would mostly consist of astrophysical
muon neutrinos (⌫µa). Therefore, the ratio of the flux of
neutrinos to the flux of unattenuated gamma rays will be
given by

r⌫� =
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By dividing the neutrino fluence with a long period
(�⌧ ⇠ 600 sec) of intense gamma-ray emission, one gets
the ratio of the fluxes r⌫� . 3⇥ 10�2 [24].
As shown in fig. 1, the high energy neutrinos emitted

from muon/kaon decay produced during GRB at red-
shift z=0.15 can scatter with CMB neutrinos. The opti-
cal depth of neutrino would be given by:

⌧⌫µ =
�⌫µ
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, (5)

where �⌫µ corresponds to total mean free path of
neutrinos. The mean free path of neutrinos annihi-
lating into gamma rays will be given by �⌫µ!� =
BR(⌫µa⌫µb ! �a�b)�⌫µ .
Thus, the probability of receiving gamma rays on earth

from the scattering of astrophysical neutrinos with CMB
neutrinos in the distance interval [x, x+dx] will be given
by:
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where �⌫µ!� is the mean free path for the scattering
of neutrinos into gamma rays and �� corresponds to
the mean free path of gamma rays. Multiplying eq. (6)
by neutrino flux and integrating over x, the secondary
gamma-ray flux from the neutrino scattering will be given
by:
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In the above expression, the second exponential factor
corresponds to the gamma-ray flux produced directly in
GRB and can be ignored, when �µ!� ⇠ d ⇡ 1027 cm.
Hence, there is a possibility that the gamma-ray flux pro-
duced from the scattering of neutrinos will not be ex-
ponentially attenuated as compared to the gamma-ray
flux produced directly from GRB. In forthcoming sub-
sections, we numerically estimate the mean free path for
astrophysical neutrinos and present results related to the
flux of astrophysical gamma rays produced from the scat-
tering of high-energy muon neutrinos.
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A. Mean free path of neutrinos

The mean free path of neutrinos emitted from astro-
physical sources can be calculated from the interaction
rate of incident neutrinos with the background CMB neu-
trinos. The value of �⌫µ!� will be given by [55]
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By using the expression of cross-section given in eq. (10),
the thermal interaction rate is given by [55]
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Today, the CMB neutrino background has a thermal dis-
tribution with total number density ntot ⇡ 340 cm�3

and temperature T⌫ = 1.9 K. Given this, the background
CMB neutrino can be considered as non-relativistic with
m⌫µ > T⌫ . In this case, the center-of-mass energy

p
s

becomes independent of the momentum and we can get
p
s =

p
2m⌫µE⌫µa and vMol = 1. Using this, the integral

can be easily solved in a lab-frame and the interaction
rate for scattering with non-relativistic background neu-
trinos reduces to

�(⌫µa⌫µb ! �a�b) = �(2E⌫µam⌫µ)n⌫µb , (13)

Using this, the mean free path (MFP) for secondary
gamma rays can be calculated from

�⌫µ!� =
1

�(2E⌫µam⌫µ)n⌫µb

, (14)

For the scattering process involving ⌫µa⌫µb ! �a�b, the
energy of gamma rays can be approximately equal to the
energy of emitted astrophysical neutrinos. Thus, we can
keep E⌫µa ⇡ E�a . Using this, we have calculated the
mean free path of neutrino elastic scattering as well as
neutrinos annihilating into gamma rays. The results are

FIG. 3: The red solid line corresponds to the mean free path
of neutrino for the elastic scattering of an incident astrophys-
ical neutrino with CMB neutrinos for interaction coupling
g⌫µ = 0.01. The black dashed line shows the mean free path
of neutrino for g⌫µ = gµ = 0.01 when the interaction of an
incident astrophysical neutrino with CMB neutrinos produces
gamma rays. The dip in the curve shows the resonance en-
hancement of the cross-section at s ⇡ m2
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shown in fig. 3. The red solid line gives mean free path
for neutrino for elastic scattering of incident astrophys-
ical neutrino with CMB neutrinos for g⌫µ = 0.01 while
the black dashed line gives mean free path of neutrino for
g⌫µ = gµ = 0.01 when the interaction of incident astro-
physical neutrino with CMB neutrinos produces gamma
rays. The dip in the curve shows the resonance enhance-
ment of the cross-section at s ⇡ m2
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We can also see that the mean free path for inelastic
scattering is less than the elastic scattering by a factor
of around 10�3. However, as the cross-section hits the
resonance at specific energies, the mean free path for both
processes can lie in the range d & 645 Mpc = 2 ⇥ 1027

cm for appropriate choices of g⌫µ , gµ, and m�. Thus, the
optical depth for neutrinos traveling to earth given by
⌧ = e�d/�µ!� can be around O(1) for a narrow energy
range above TeV. Therefore, it is possible that some of
the high-energy gamma rays could have been originated
from neutrino scattering.

B. Astrophysical gamma-ray flux

Now we calculate the secondary flux of astrophysical
photons emitted from scattering of incident astrophysi-
cal neutrinos with CMB neutrinos by using eq. (8)-(14)
for di↵erent values of couplings (g⌫µ , gµ) and fixing the
mass of mediator around m� ⇠ MeV. We assume that
the background CMB photons will not acquire much en-
ergy, therefore we can keep E�a ⇡ E⌫a. Further, we have
compared our results with the unattenuated and attenu-
ated gamma-ray flux directly coming from GRB events.
As discussed above, the final expression for calculating
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FIG. 2: Feynman diagram for scattering of high energy astro-
physical neutrinos (⌫µa) with CMB neutrinos (⌫µb) into high
energy astrophysical photons (�a) and CMB background pho-
tons (�b).
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III. IMPACT ON ASTROPHYSICAL
GAMMA-RAY FLUX FROM GRB221009A

As discussed earlier, the LHAASO collaboration has
recently reported an extremely bright and long-duration
Gamma Ray Burst, named GRB221009A [14]. They have
detected O(5000) events of photons with energies rang-
ing from 0.5 TeV to 18 TeV within a time window of
2000 at red-shift z = 0.15. The violent reactions around
GRB normally produce a large number of pions or kaons
which can further decay into photons and neutrinos. As
the photon will interact with background photons to an-
nihilate into electron-positron pairs, the flux of astro-
physical neutrinos will be significantly attenuated. Thus,
the detection can not be explained due to extra-galactic
background light coming from GRB events. Interest-
ingly, the observed flux of high and very-high-energy pho-
tons can be obtained from neutrinos emitted during GRB
events through the interaction of emitted high-energy as-
trophysical neutrinos with CMB neutrinos. Thus, GRB
events would provide a unique opportunity to probe the
non-standard interaction of neutrinos.

In this section, we calculate the probability of produc-
ing high-energy gamma rays from the scattering of high-
energy astrophysical neutrinos with CMB neutrinos. The
unattenuated � flux of GRB 221009A obtained by extrap-
olating the flux measured by FermiLAT in the energy
range (0.1 - 1) GeV to higher energies (around TeV) is
given by [24]
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The emission of neutrinos from GRB221009A has been
analyzed by complementary experiments such as Ice-
Cube. The non-observation of track-like neutrino events
in the energy range 0.8 TeV - 1 PeV has set constraints on

neutrino fluence E2
⌫
�int
⌫

 3.9⇥10�5 TeV cm�2 [47, 48].
As neutrinos would mainly be emitted from muon and
kaon decay, they would mostly consist of astrophysical
muon neutrinos (⌫µa). Therefore, the ratio of the flux of
neutrinos to the flux of unattenuated gamma rays will be
given by

r⌫� =
�⌫µa
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By dividing the neutrino fluence with a long period
(�⌧ ⇠ 600 sec) of intense gamma-ray emission, one gets
the ratio of the fluxes r⌫� . 3⇥ 10�2 [24].
As shown in fig. 1, the high energy neutrinos emitted

from muon/kaon decay produced during GRB at red-
shift z=0.15 can scatter with CMB neutrinos. The opti-
cal depth of neutrino would be given by:

⌧⌫µ =
�⌫µ

d
, (5)

where �⌫µ corresponds to total mean free path of
neutrinos. The mean free path of neutrinos annihi-
lating into gamma rays will be given by �⌫µ!� =
BR(⌫µa⌫µb ! �a�b)�⌫µ .
Thus, the probability of receiving gamma rays on earth

from the scattering of astrophysical neutrinos with CMB
neutrinos in the distance interval [x, x+dx] will be given
by:

e�x/�⌫µ!�
dx

�⌫µ!�

e�(d�x)/�� , (6)

where �⌫µ!� is the mean free path for the scattering
of neutrinos into gamma rays and �� corresponds to
the mean free path of gamma rays. Multiplying eq. (6)
by neutrino flux and integrating over x, the secondary
gamma-ray flux from the neutrino scattering will be given
by:
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In the above expression, the second exponential factor
corresponds to the gamma-ray flux produced directly in
GRB and can be ignored, when �µ!� ⇠ d ⇡ 1027 cm.
Hence, there is a possibility that the gamma-ray flux pro-
duced from the scattering of neutrinos will not be ex-
ponentially attenuated as compared to the gamma-ray
flux produced directly from GRB. In forthcoming sub-
sections, we numerically estimate the mean free path for
astrophysical neutrinos and present results related to the
flux of astrophysical gamma rays produced from the scat-
tering of high-energy muon neutrinos.
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FIG. 2: Feynman diagram for scattering of high energy astro-
physical neutrinos (⌫µa) with CMB neutrinos (⌫µb) into high
energy astrophysical photons (�a) and CMB background pho-
tons (�b).
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As discussed earlier, the LHAASO collaboration has
recently reported an extremely bright and long-duration
Gamma Ray Burst, named GRB221009A [14]. They have
detected O(5000) events of photons with energies rang-
ing from 0.5 TeV to 18 TeV within a time window of
2000 at red-shift z = 0.15. The violent reactions around
GRB normally produce a large number of pions or kaons
which can further decay into photons and neutrinos. As
the photon will interact with background photons to an-
nihilate into electron-positron pairs, the flux of astro-
physical neutrinos will be significantly attenuated. Thus,
the detection can not be explained due to extra-galactic
background light coming from GRB events. Interest-
ingly, the observed flux of high and very-high-energy pho-
tons can be obtained from neutrinos emitted during GRB
events through the interaction of emitted high-energy as-
trophysical neutrinos with CMB neutrinos. Thus, GRB
events would provide a unique opportunity to probe the
non-standard interaction of neutrinos.

In this section, we calculate the probability of produc-
ing high-energy gamma rays from the scattering of high-
energy astrophysical neutrinos with CMB neutrinos. The
unattenuated � flux of GRB 221009A obtained by extrap-
olating the flux measured by FermiLAT in the energy
range (0.1 - 1) GeV to higher energies (around TeV) is
given by [24]
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in the energy range 0.8 TeV - 1 PeV has set constraints on
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As neutrinos would mainly be emitted from muon and
kaon decay, they would mostly consist of astrophysical
muon neutrinos (⌫µa). Therefore, the ratio of the flux of
neutrinos to the flux of unattenuated gamma rays will be
given by
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By dividing the neutrino fluence with a long period
(�⌧ ⇠ 600 sec) of intense gamma-ray emission, one gets
the ratio of the fluxes r⌫� . 3⇥ 10�2 [24].
As shown in fig. 1, the high energy neutrinos emitted

from muon/kaon decay produced during GRB at red-
shift z=0.15 can scatter with CMB neutrinos. The opti-
cal depth of neutrino would be given by:
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where �⌫µ corresponds to total mean free path of
neutrinos. The mean free path of neutrinos annihi-
lating into gamma rays will be given by �⌫µ!� =
BR(⌫µa⌫µb ! �a�b)�⌫µ .
Thus, the probability of receiving gamma rays on earth

from the scattering of astrophysical neutrinos with CMB
neutrinos in the distance interval [x, x+dx] will be given
by:
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where �⌫µ!� is the mean free path for the scattering
of neutrinos into gamma rays and �� corresponds to
the mean free path of gamma rays. Multiplying eq. (6)
by neutrino flux and integrating over x, the secondary
gamma-ray flux from the neutrino scattering will be given
by:
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In the above expression, the second exponential factor
corresponds to the gamma-ray flux produced directly in
GRB and can be ignored, when �µ!� ⇠ d ⇡ 1027 cm.
Hence, there is a possibility that the gamma-ray flux pro-
duced from the scattering of neutrinos will not be ex-
ponentially attenuated as compared to the gamma-ray
flux produced directly from GRB. In forthcoming sub-
sections, we numerically estimate the mean free path for
astrophysical neutrinos and present results related to the
flux of astrophysical gamma rays produced from the scat-
tering of high-energy muon neutrinos.
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energy astrophysical photons (�a) and CMB background pho-
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ing from 0.5 TeV to 18 TeV within a time window of
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tons can be obtained from neutrinos emitted during GRB
events through the interaction of emitted high-energy as-
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events would provide a unique opportunity to probe the
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In the above expression, the second exponential factor
corresponds to the gamma-ray flux produced directly in
GRB and can be ignored, when �µ!� ⇠ d ⇡ 1027 cm.
Hence, there is a possibility that the gamma-ray flux pro-
duced from the scattering of neutrinos will not be ex-
ponentially attenuated as compared to the gamma-ray
flux produced directly from GRB. In forthcoming sub-
sections, we numerically estimate the mean free path for
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where �(⌫µa⌫µb ! �a�b) is the interaction rate of the in-
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By using the expression of cross-section given in eq. (10),
the thermal interaction rate is given by [55]

�(⌫µa⌫µb ! �a�b) =

Z
d3p

(2⇡)3
fi(~pi)vMol�(s(E⌫ , ~p)). (12)

Today, the CMB neutrino background has a thermal dis-
tribution with total number density ntot ⇡ 340 cm�3

and temperature T⌫ = 1.9 K. Given this, the background
CMB neutrino can be considered as non-relativistic with
m⌫µ > T⌫ . In this case, the center-of-mass energy

p
s

becomes independent of the momentum and we can get
p
s =

p
2m⌫µE⌫µa and vMol = 1. Using this, the integral

can be easily solved in a lab-frame and the interaction
rate for scattering with non-relativistic background neu-
trinos reduces to

�(⌫µa⌫µb ! �a�b) = �(2E⌫µam⌫µ)n⌫µb , (13)

Using this, the mean free path (MFP) for secondary
gamma rays can be calculated from

�⌫µ!� =
1

�(2E⌫µam⌫µ)n⌫µb

, (14)

For the scattering process involving ⌫µa⌫µb ! �a�b, the
energy of gamma rays can be approximately equal to the
energy of emitted astrophysical neutrinos. Thus, we can
keep E⌫µa ⇡ E�a . Using this, we have calculated the
mean free path of neutrino elastic scattering as well as
neutrinos annihilating into gamma rays. The results are

FIG. 3: The red solid line corresponds to the mean free path
of neutrino for the elastic scattering of an incident astrophys-
ical neutrino with CMB neutrinos for interaction coupling
g⌫µ = 0.01. The black dashed line shows the mean free path
of neutrino for g⌫µ = gµ = 0.01 when the interaction of an
incident astrophysical neutrino with CMB neutrinos produces
gamma rays. The dip in the curve shows the resonance en-
hancement of the cross-section at s ⇡ m2
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shown in fig. 3. The red solid line gives mean free path
for neutrino for elastic scattering of incident astrophys-
ical neutrino with CMB neutrinos for g⌫µ = 0.01 while
the black dashed line gives mean free path of neutrino for
g⌫µ = gµ = 0.01 when the interaction of incident astro-
physical neutrino with CMB neutrinos produces gamma
rays. The dip in the curve shows the resonance enhance-
ment of the cross-section at s ⇡ m2
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We can also see that the mean free path for inelastic
scattering is less than the elastic scattering by a factor
of around 10�3. However, as the cross-section hits the
resonance at specific energies, the mean free path for both
processes can lie in the range d & 645 Mpc = 2 ⇥ 1027

cm for appropriate choices of g⌫µ , gµ, and m�. Thus, the
optical depth for neutrinos traveling to earth given by
⌧ = e�d/�µ!� can be around O(1) for a narrow energy
range above TeV. Therefore, it is possible that some of
the high-energy gamma rays could have been originated
from neutrino scattering.

B. Astrophysical gamma-ray flux

Now we calculate the secondary flux of astrophysical
photons emitted from scattering of incident astrophysi-
cal neutrinos with CMB neutrinos by using eq. (8)-(14)
for di↵erent values of couplings (g⌫µ , gµ) and fixing the
mass of mediator around m� ⇠ MeV. We assume that
the background CMB photons will not acquire much en-
ergy, therefore we can keep E�a ⇡ E⌫a. Further, we have
compared our results with the unattenuated and attenu-
ated gamma-ray flux directly coming from GRB events.
As discussed above, the final expression for calculating
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We can also see that the mean free path for inelastic
scattering is less than the elastic scattering by a factor
of around 10�3. However, as the cross-section hits the
resonance at specific energies, the mean free path for both
processes can lie in the range d & 645 Mpc = 2 ⇥ 1027

cm for appropriate choices of g⌫µ , gµ, and m�. Thus, the
optical depth for neutrinos traveling to earth given by
⌧ = e�d/�µ!� can be around O(1) for a narrow energy
range above TeV. Therefore, it is possible that some of
the high-energy gamma rays could have been originated
from neutrino scattering.
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mass of mediator around m� ⇠ MeV. We assume that
the background CMB photons will not acquire much en-
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energy of emitted astrophysical neutrinos. Thus, we can
keep E⌫µa ⇡ E�a . Using this, we have calculated the
mean free path of neutrino elastic scattering as well as
neutrinos annihilating into gamma rays. The results are
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g⌫µ = gµ = 0.01 when the interaction of incident astro-
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We can also see that the mean free path for inelastic
scattering is less than the elastic scattering by a factor
of around 10�3. However, as the cross-section hits the
resonance at specific energies, the mean free path for both
processes can lie in the range d & 645 Mpc = 2 ⇥ 1027

cm for appropriate choices of g⌫µ , gµ, and m�. Thus, the
optical depth for neutrinos traveling to earth given by
⌧ = e�d/�µ!� can be around O(1) for a narrow energy
range above TeV. Therefore, it is possible that some of
the high-energy gamma rays could have been originated
from neutrino scattering.

B. Astrophysical gamma-ray flux

Now we calculate the secondary flux of astrophysical
photons emitted from scattering of incident astrophysi-
cal neutrinos with CMB neutrinos by using eq. (8)-(14)
for di↵erent values of couplings (g⌫µ , gµ) and fixing the
mass of mediator around m� ⇠ MeV. We assume that
the background CMB photons will not acquire much en-
ergy, therefore we can keep E�a ⇡ E⌫a. Further, we have
compared our results with the unattenuated and attenu-
ated gamma-ray flux directly coming from GRB events.
As discussed above, the final expression for calculating
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the secondary gamma-ray flux is given by:
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(E�) =

0.03�0
�
(E�)

(�µ!�/��)� 1

h
e�d/�µ!� � e�d/��

i
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For calculating the flux, we need to determine both �µ!�

and �� . The value of �µ!� has been already calculated
using eq. (14). We have obtained the value of �� at
di↵erent energies by using publicly available data for the
optical depth of photons (calculated at red-shift z =0.15)
given in [59] for energy up to 30 TeV. The behavior of
secondary flux as a function of energy is shown in fig. 4.
We can see from the figure that the flux of astrophysical
gamma rays produced from neutrino sources does not at-
tenuate at high energies even though the magnitude of
flux is lower than the direct gamma-ray flux at lower ener-
gies. Additionally, the flux gets much higher at a specific
energy because the cross-section around resonance turns
out to be such that the mean free path becomes exactly
equal to d.

The results are shown for three di↵erent benchmark
values of the coupling of g⌫µ and gµ respectively. The
choice of benchmark couplings has been motivated by
Hubble tension requirement as well as the the allowed
region of gµ from experimental results of (g�2)µ etc. We
will discuss the specific choice of coupling parameters in
the next subsection.

FIG. 4: The gray dashed line shows the unattenuated gamma-
ray flux directly coming from GRB. The black dashed line
shows the attenuated gamma-ray flux directly coming from
GRB. The red, green, and blue solid lines show the secondary
flux of astrophysical high energy gamma rays obtained from
the scattering of astrophysical neutrinos with CMB neutrinos
for di↵erent couplings of g⌫µ and gµ respectively. The mass
of the mediator has been fixed to be m� ⇡ 1 MeV. We can
notice that at a specific energy, the flux gets much higher as
the cross-section turns out to be such that the mean free path
becomes exactly equal to d.

C. Parameter Space of neutrino self-interaction
coupling vs mass of the mediator

In this subsection, we estimate the total number of
secondary gamma-ray events observed from the scatter-
ing of astrophysical neutrinos with CMB neutrinos. The
number of events can be computed by multiplying the
flux with an e↵ective cross-section area and observation
time. Using an e↵ective area of 1 km2 and observation
time window of 2000 sec [24], the number of events in the
energy range E� ⇠ (1� 30) TeV can be calculated from

N� =

Z 30TeV

1TeV
��

⌫µ
(E�) dE� dA dt, (16)

where ��

⌫µ
(E�) corresponds to flux given in eq. (15).

As N� depends on the self-interaction neutrino coupling
(g⌫µ) and mass of the mediator (m�), we can use eq. (16)
in order to constrain the parameter space of g⌫µ as a func-
tion of m�. Thus, we have obtained g⌫µ �m� parameter
space by considering bounds on the number of observed
events. In particular, we consider three cases for the ob-
served number of events: (i) N� = 100 (ii) N� = 1000
(iii) N� = 5000. The values of g⌫µ and gµ depend on the
underlying model of BSM physics. As we do not consider
any UV complete model of BSM physics, we are assuming
that the values of both couplings can either be di↵erent
or the same. Therefore, while obtaining the parameter
space, we have considered two possibilities: (a) g⌫µ = gµ,
(b) g⌫µ 6= gµ. For the second case, we have fixed the value
of gµ allowed by constraints from the recently measured
value of (g�2)µ [49]. The results are shown in figs. 5 and
6 for both cases along with parameter space allowed by
Hubble tension requirement and ruled out by other cos-
mological/ laboratory constraints. The dashed, dotted,
and solid black curves in both figures show the param-
eter space required to observe N� = 100, N� = 1000,
N� = 5000 events respectively.

In both the figures, we can see that only for a small
range of m�, the required number of events can be ob-
tained for a relatively small value of g⌫µ . This is due to
the occurrence of high photon flux near the resonance
in the cross-section at s ⇡ m2

�
. Thus, the maximum

number of events appears only at specific energies as the
photon flux becomes much higher only at energies ex-
tremely close to the resonance. E.g. for g⌫µ = 0.01
and gµ = 0.0005 in figs. 5 and 6, most of the photons
produced from the scattering of neutrinos will have an
energy of around 5 TeV (depending on the mass of me-
diator). Now we discuss all other constraints shown in
figs. 5 and 6.

a. Constraints from Hubble Tension: As discussed
in [2], the strength of self-interacting neutrino required
to get the right value of Hubble constant can be catego-
rized in two regimes, dubbed as strong-interacting neu-
trino (SI⌫) and moderately interacting neutrino (MI⌫).
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By using the expression of cross-section given in eq. (10),
the thermal interaction rate is given by [55]
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Z
d3p

(2⇡)3
fi(~pi)vMol�(s(E⌫ , ~p)). (12)

Today, the CMB neutrino background has a thermal dis-
tribution with total number density ntot ⇡ 340 cm�3

and temperature T⌫ = 1.9 K. Given this, the background
CMB neutrino can be considered as non-relativistic with
m⌫µ > T⌫ . In this case, the center-of-mass energy

p
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becomes independent of the momentum and we can get
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rate for scattering with non-relativistic background neu-
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For the scattering process involving ⌫µa⌫µb ! �a�b, the
energy of gamma rays can be approximately equal to the
energy of emitted astrophysical neutrinos. Thus, we can
keep E⌫µa ⇡ E�a . Using this, we have calculated the
mean free path of neutrino elastic scattering as well as
neutrinos annihilating into gamma rays. The results are
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We can also see that the mean free path for inelastic
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processes can lie in the range d & 645 Mpc = 2 ⇥ 1027

cm for appropriate choices of g⌫µ , gµ, and m�. Thus, the
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g⌫µ = 0.01. The black dashed line shows the mean free path
of neutrino for g⌫µ = gµ = 0.01 when the interaction of an
incident astrophysical neutrino with CMB neutrinos produces
gamma rays. The dip in the curve shows the resonance en-
hancement of the cross-section at s ⇡ m2
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shown in fig. 3. The red solid line gives mean free path
for neutrino for elastic scattering of incident astrophys-
ical neutrino with CMB neutrinos for g⌫µ = 0.01 while
the black dashed line gives mean free path of neutrino for
g⌫µ = gµ = 0.01 when the interaction of incident astro-
physical neutrino with CMB neutrinos produces gamma
rays. The dip in the curve shows the resonance enhance-
ment of the cross-section at s ⇡ m2
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.

We can also see that the mean free path for inelastic
scattering is less than the elastic scattering by a factor
of around 10�3. However, as the cross-section hits the
resonance at specific energies, the mean free path for both
processes can lie in the range d & 645 Mpc = 2 ⇥ 1027

cm for appropriate choices of g⌫µ , gµ, and m�. Thus, the
optical depth for neutrinos traveling to earth given by
⌧ = e�d/�µ!� can be around O(1) for a narrow energy
range above TeV. Therefore, it is possible that some of
the high-energy gamma rays could have been originated
from neutrino scattering.

B. Astrophysical gamma-ray flux

Now we calculate the secondary flux of astrophysical
photons emitted from scattering of incident astrophysi-
cal neutrinos with CMB neutrinos by using eq. (8)-(14)
for di↵erent values of couplings (g⌫µ , gµ) and fixing the
mass of mediator around m� ⇠ MeV. We assume that
the background CMB photons will not acquire much en-
ergy, therefore we can keep E�a ⇡ E⌫a. Further, we have
compared our results with the unattenuated and attenu-
ated gamma-ray flux directly coming from GRB events.
As discussed above, the final expression for calculating
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By using the expression of cross-section given in eq. (10),
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energy of gamma rays can be approximately equal to the
energy of emitted astrophysical neutrinos. Thus, we can
keep E⌫µa ⇡ E�a . Using this, we have calculated the
mean free path of neutrino elastic scattering as well as
neutrinos annihilating into gamma rays. The results are
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of neutrino for the elastic scattering of an incident astrophys-
ical neutrino with CMB neutrinos for interaction coupling
g⌫µ = 0.01. The black dashed line shows the mean free path
of neutrino for g⌫µ = gµ = 0.01 when the interaction of an
incident astrophysical neutrino with CMB neutrinos produces
gamma rays. The dip in the curve shows the resonance en-
hancement of the cross-section at s ⇡ m2

�.

shown in fig. 3. The red solid line gives mean free path
for neutrino for elastic scattering of incident astrophys-
ical neutrino with CMB neutrinos for g⌫µ = 0.01 while
the black dashed line gives mean free path of neutrino for
g⌫µ = gµ = 0.01 when the interaction of incident astro-
physical neutrino with CMB neutrinos produces gamma
rays. The dip in the curve shows the resonance enhance-
ment of the cross-section at s ⇡ m2
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We can also see that the mean free path for inelastic
scattering is less than the elastic scattering by a factor
of around 10�3. However, as the cross-section hits the
resonance at specific energies, the mean free path for both
processes can lie in the range d & 645 Mpc = 2 ⇥ 1027

cm for appropriate choices of g⌫µ , gµ, and m�. Thus, the
optical depth for neutrinos traveling to earth given by
⌧ = e�d/�µ!� can be around O(1) for a narrow energy
range above TeV. Therefore, it is possible that some of
the high-energy gamma rays could have been originated
from neutrino scattering.

B. Astrophysical gamma-ray flux

Now we calculate the secondary flux of astrophysical
photons emitted from scattering of incident astrophysi-
cal neutrinos with CMB neutrinos by using eq. (8)-(14)
for di↵erent values of couplings (g⌫µ , gµ) and fixing the
mass of mediator around m� ⇠ MeV. We assume that
the background CMB photons will not acquire much en-
ergy, therefore we can keep E�a ⇡ E⌫a. Further, we have
compared our results with the unattenuated and attenu-
ated gamma-ray flux directly coming from GRB events.
As discussed above, the final expression for calculating
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(a) g⌫µ = gµ (b) g⌫⌫ = gµ (including Hubble tension constraints)

FIG. 5: The dashed, dotted, and solid black curves correspond to parameter space required to observe N� = 100, N� = 1000,
and N� = 5000 events respectively. The light-red shaded region represents the parameter space ruled out by constraints from
BBN [60]. The light-blue shaded region shows the excluded parameter space from the constraint on the branching ratio of
kaon decay: K ! µ⌫µ� [61]. The gray shaded region excludes the parameter space from beam-dump experiments [62]. In
the right-hand side figure, the blue and green shaded bands correspond to MI⌫ and SI⌫ region allowed by Hubble tension
constraints [2]. In the left-hand figure, we can see that the small amount of parameter space available for N� = 100 events is
also consistent with the allowed region from (g � 2)µ [49].

The values of Ge↵ in both regimes are given as :

Ge↵ =

(
(4.7+0.4

�0.6 MeV)�2, SI⌫

(89+171
�61 MeV)�2, MI⌫.

(17)

The resulting parameter space along with Hubble ten-
sion constraints is shown separately in figs. 5(b) and 6(b)
for both cases by superimposing allowed range of Ge↵ as
blue-shaded and green-shaded band respectively.

b. Various other Cosmological and laboratory con-

straints: The new interaction between neutrinos and
scalar mediator allows the light scalar mediator to be in
thermal equilibrium before the onset of neutrino decou-
pling and a↵ect the total number of relativistic degree of
freedom (�Ne↵) present in the universe. Therefore, the
requirement�Ne↵ . 0.5 puts a bound on the mass of real
scalar mediator to be m� & 0.16 MeV [60]. The ruled-
out region is shown as a light-red shaded band in both
figs. 5 and 6. The constraints from the laboratory origi-
nate from the possible decay channel of kaon to the light
scalar given by K ! µ⌫µ�. The experimental bounds on
the kaon decay rate put a bound on the coupling g⌫µ for
m�  mµ [61], as shown in figs. 5 and 6. The ruled-out
parameter space from this bound is shown as a light-
blue shaded region in both figures. In the presence of

a new scalar mediator coupled to the muon, the experi-
mentally allowed value of �aµ = (g�2)µ/2 puts a bound
on the coupling parameter gµ. Therefore, for the case of
g⌫µ = gµ as shown in figs. 5(a) and 5(b), we have consid-
ered constraints from the updated value of (g � 2)µ [49].
The allowed region is shown as purple-shaded band in
figs. 5(a) and 5(b). Similarly, the interaction coupling gµ
also gets constrained from beam dump experiments [62].
The gray shaded region in figs. 5(a) and 5(b) excludes the
parameter space from beam-dump experiments [62]. For
g⌫µ 6= gµ, we have already fixed the value of gµ = 5⇥10�4

which is consistent with the allowed experimental value
of �aµ. Thus, the bound from (g� 2)µ does not exist on
g⌫µ in figs. 6(a) and 6(b). The bound from beam dump
experiment will also not apply in the second case shown
in figs 6(a) and 6(b).
Finally, we realize that a tiny amount of parameter

space remains available for N� = 100 events for the case
of g⌫µ = gµ, which is also consistent with the allowed
region of (g � 2)µ. In this case, the region favored by
Hubble tension constraints is ruled out by all other con-
straints. For g⌫µ 6= gµ, the parameter space remains
available for N� ⇠ (100 � 5000) events. Interestingly,
some of the parameter space for N� = 5000 events is also
consistent with the MI⌫ range allowed by Hubble tension
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the secondary gamma-ray flux is given by:

��

⌫µ
(E�) =

0.03�0
�
(E�)

(�µ!�/��)� 1

h
e�d/�µ!� � e�d/��

i
. (15)

For calculating the flux, we need to determine both �µ!�

and �� . The value of �µ!� has been already calculated
using eq. (14). We have obtained the value of �� at
di↵erent energies by using publicly available data for the
optical depth of photons (calculated at red-shift z =0.15)
given in [59] for energy up to 30 TeV. The behavior of
secondary flux as a function of energy is shown in fig. 4.
We can see from the figure that the flux of astrophysical
gamma rays produced from neutrino sources does not at-
tenuate at high energies even though the magnitude of
flux is lower than the direct gamma-ray flux at lower ener-
gies. Additionally, the flux gets much higher at a specific
energy because the cross-section around resonance turns
out to be such that the mean free path becomes exactly
equal to d.

The results are shown for three di↵erent benchmark
values of the coupling of g⌫µ and gµ respectively. The
choice of benchmark couplings has been motivated by
Hubble tension requirement as well as the the allowed
region of gµ from experimental results of (g�2)µ etc. We
will discuss the specific choice of coupling parameters in
the next subsection.

FIG. 4: The gray dashed line shows the unattenuated gamma-
ray flux directly coming from GRB. The black dashed line
shows the attenuated gamma-ray flux directly coming from
GRB. The red, green, and blue solid lines show the secondary
flux of astrophysical high energy gamma rays obtained from
the scattering of astrophysical neutrinos with CMB neutrinos
for di↵erent couplings of g⌫µ and gµ respectively. The mass
of the mediator has been fixed to be m� ⇡ 1 MeV. We can
notice that at a specific energy, the flux gets much higher as
the cross-section turns out to be such that the mean free path
becomes exactly equal to d.

C. Parameter Space of neutrino self-interaction
coupling vs mass of the mediator

In this subsection, we estimate the total number of
secondary gamma-ray events observed from the scatter-
ing of astrophysical neutrinos with CMB neutrinos. The
number of events can be computed by multiplying the
flux with an e↵ective cross-section area and observation
time. Using an e↵ective area of 1 km2 and observation
time window of 2000 sec [24], the number of events in the
energy range E� ⇠ (1� 30) TeV can be calculated from

N� =

Z 30TeV

1TeV
��

⌫µ
(E�) dE� dA dt, (16)

where ��

⌫µ
(E�) corresponds to flux given in eq. (15).

As N� depends on the self-interaction neutrino coupling
(g⌫µ) and mass of the mediator (m�), we can use eq. (16)
in order to constrain the parameter space of g⌫µ as a func-
tion of m�. Thus, we have obtained g⌫µ �m� parameter
space by considering bounds on the number of observed
events. In particular, we consider three cases for the ob-
served number of events: (i) N� = 100 (ii) N� = 1000
(iii) N� = 5000. The values of g⌫µ and gµ depend on the
underlying model of BSM physics. As we do not consider
any UV complete model of BSM physics, we are assuming
that the values of both couplings can either be di↵erent
or the same. Therefore, while obtaining the parameter
space, we have considered two possibilities: (a) g⌫µ = gµ,
(b) g⌫µ 6= gµ. For the second case, we have fixed the value
of gµ allowed by constraints from the recently measured
value of (g�2)µ [49]. The results are shown in figs. 5 and
6 for both cases along with parameter space allowed by
Hubble tension requirement and ruled out by other cos-
mological/ laboratory constraints. The dashed, dotted,
and solid black curves in both figures show the param-
eter space required to observe N� = 100, N� = 1000,
N� = 5000 events respectively.

In both the figures, we can see that only for a small
range of m�, the required number of events can be ob-
tained for a relatively small value of g⌫µ . This is due to
the occurrence of high photon flux near the resonance
in the cross-section at s ⇡ m2

�
. Thus, the maximum

number of events appears only at specific energies as the
photon flux becomes much higher only at energies ex-
tremely close to the resonance. E.g. for g⌫µ = 0.01
and gµ = 0.0005 in figs. 5 and 6, most of the photons
produced from the scattering of neutrinos will have an
energy of around 5 TeV (depending on the mass of me-
diator). Now we discuss all other constraints shown in
figs. 5 and 6.

a. Constraints from Hubble Tension: As discussed
in [2], the strength of self-interacting neutrino required
to get the right value of Hubble constant can be catego-
rized in two regimes, dubbed as strong-interacting neu-
trino (SI⌫) and moderately interacting neutrino (MI⌫).

Number of Events:
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(a) g⌫⌫ 6= gµ, gµ = 5⇥ 10
�4

(b) g⌫⌫ 6= gµ, gµ = 5⇥ 10
�4

(including Hubble tension constraints)

FIG. 6: The dashed, dotted, and solid black curves correspond to parameter space required to observe N� = 100, N� = 1000,
and N� = 5000 events respectively. The light-red shaded region represents the parameter space ruled out by constraints from
BBN [60]. The light-blue shaded region shows the excluded parameter space from the constraint on the branching ratio of
kaon decay: K ! µ⌫µ� [61]. In the right-hand side figure, the blue and green shaded bands correspond to MI⌫ and SI⌫ region
allowed by Hubble tension constraints [2].

constraints and free from other laboratory and cosmology
constraints.

Thus, we conclude that the scattering of an astrophysi-
cal neutrino with CMB neutrinos can be one of the origins
of high-energy astrophysical events observed from GRB,
and some of the allowed region of g⌫µ is also consistent
with allowed values from Hubble tension constraints and
(g � 2)µ discrepancy.

IV. CONCLUDING REMARKS

In the last few years, neutrino astronomy has turned
out to be extremely useful in providing a more com-
prehensive understanding of the universe. In this work,
we have emphasized the role of neutrinos in explaining
high-energy gamma-ray events observed in GRB221009A
through non-standard self-interaction of neutrinos. The
model of self-interacting neutrinos is primarily motivated
in cosmology for resolving the discrepancy between the
value of the Hubble constant measured by CMB obser-
vations and low red-shift experiments. The inclusion of
the same can delay the epoch of neutrino decoupling and
also modify the CMB power spectrum obtained in the
⇤CDM model. As a result of this, the comparison of the
modified CMB power spectrum with the measured CMB

power spectrum allows a high value of Hubble constant
in the ⇤CDM model, thus reducing the Hubble tension.
The detailed CMB analysis of the same allows a very
specific range of self-interaction coupling vs. mass of the
mediator. In this work, we assume that the same interac-
tion of the scalar boson with neutrinos can also produce
secondary gamma rays from the scattering of astrophysi-
cal neutrinos with CMB neutrinos if the new scalar medi-
ator interacts both with muon neutrinos and its leptonic
partner. The interaction of scalar with muons is already
motivated by the discrepancy between the theoretical and
experimental values of (g�2)µ. Basically, the interaction
of an astrophysical neutrino with CMB produces a scalar
boson, which can further decay into a high-energy astro-
physical photon and a CMB photon at a one-loop level
through the interaction of scalar mediator with muons.

By considering a toy model of a light scalar interact-
ing with muon neutrinos and muons, we have calculated
the mean free path of high-energy astrophysical gamma
rays produced through such a process. As the scatter-
ing process involves new interactions governed by a new
scalar mediator, we have shown that it is possible to
obtain the mean free path �⌫a⌫b!�a�b = d(645 MPc)
for an appropriate choice of couplings (g⌫µ , gµ) and the
mass of mediator m�. Thus, some of the high-energy
gamma rays can be produced near the surface of the
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The self-interacting nature of neutrinos offers interesting 
cosmological and astrophysical implications. 

The 21-cm cosmology, on the other hand, poses clean signal 
to the possible indication of Physics beyond SM. 

The self-interactions of neutrinos could also impact high 
energy gamma rays and neutrinos emitted from galaxies and 
other astrophysical events. 

Thus, the new non-standard self-interactions could lead to 
new roadmaps and need to be studied throughly in 
theoretical frameworks of physics beyond SM. 

Summary  



Need promising theoretical model invoking self-interacting 
neutrino coupling. 

In the context of 21-cm radiation, the effect of the self-
interactions can be understood from the 21-cm power 
spectrum. 

Consistency of the coupling parameters obtained from 
various astrophysical observations (such as IceCube) with 
CMB observations. 

Possible implications by considering light mediator (of mass 
around eV). 

Open Directions
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X-Ray observations and the observation of 3.5 KeV X-
Ray line [28–37]. However, it has been discussed in [22–
24] that the DW mechanism can be modified by taking
into account the production of active neutrinos through
self-interaction. Interestingly, the modified version of the
same would allow the right value of relic abundance of
KeV-sterile neutrino for the range of active-sterile neu-
trino mixing angle yet unconstrained by X-Ray observa-
tions [22–24]. Another interesting approach to avoid X-
Ray bounds without considering neutrino non-standard
self-interactions is studied in [38].

The motivation to consider Cold Dark Matter (CDM)
as a viable DM candidate is being faded due to non-
observation of signatures of well-motivated CDM candi-
date, neutralino, at the Large Hardon Collider (LHC).
Additionally, though the existence of CDM is totally
compatible with the observations of large scale struc-
ture of the universe, it is inconsistent with the observed
structure at small scale structure of the universe [39].
On the other hand, WDM candidates have been able to
successfully address almost all the e↵ects found at small
scale structure of the universe. In view of this, there
is a growing interest in exploring the viability of pop-
ular WDM candidates such as sterile neutrino, axions
etc. [39, 40]. As the self-interacting neutrino solution
of Hubble tension indicates new physics beyond ⇤CDM
model, it would be worthwhile to explore if there is a
synergy between the self-interacting neutrino model re-
quired by Hubble tension and modified DW-based pro-
duction mechanism of KeV-neutrino DM. As the cosmo-
logical data is becoming more and more precise, the inti-
mate connection between the two issues shall open up
a new window to the observational signatures of DM
from recent cosmological data. Thus, in this work, we
have calculated the relic abundance of KeV-sterile neu-
trino by taking a specific range of the strength of self-
interactions required to solve Hubble tension. We have
also obtained the m⌫s � sin2 2✓ parameter space for the
preferred range of Ge↵ and analysed if it is still consistent
with constraints from X-Ray observations.

The plan of the rest of the paper is as follows: In $II,
we briefly review the physics of self-interacting neutrino
and its role in alleviating the Hubble tension. In $III.A
and $III.B, we review the calculation of relic abundance
of sterile neutrino produced through standard DW mech-
anism and the modified DW mechanism respectively. In
$IV, we scanned over the parameter space of neutrino
mass and mixing between sterile and SM neutrino suited
to obtain the right value of relic abundance of KeV-sterile
neutrino for the range of Ge↵ obtained from the consider-
ation of Hubble tension. In $V, we present a toy version
of the phenomenological model which would naturally ex-
plain the required mass of SM and sterile neutrino DM
while keeping suppressed value of active-sterile neutrino
mixing angle as required from the results obtained in
$IV. In subsection $V.a, we verify that the decay of mas-
sive scalar mediator � into sterile neutrinos would not
thermalize the right-handed neutrino before the epoch

of Big-Bang Nucleosynthesis (BBN). Hence, there would
not be any e↵ect in the observed relativistic degrees of
freedom �Ne↵ . Finally, in $VI, we discuss our results
with interesting conclusions and future directions.

II. SELF-INTERACTING NEUTRINO AND
THE HUBBLE TENSION

In this section, we briefly review the e↵ect of self-
interacting nature of neutrinos on the CMB power spec-
trum which leads to the change in the present day Hub-
ble constant. In the standard ⇤CDM model, the pertur-
bations of active neutrinos free-streaming through the
photon-baryon plasma generates the anisotropic stress
which further modifies the gravitational potential and
photon perturbations [41, 42]. Given that the neutrino
travels nearly at the speed of light while the photon-
baryon plasma moves roughly at the speed of sound, the
net e↵ect of modified perturbations of photons on the
CMB power spectrum will be imprinted as a change in
the phase shift as well as amplitude of Baryon Acoustic
Oscillations (BAO). The process can be understood as
follows:
In the ⇤CDM model, the phase shift and amplitude

of BAO in the CMB power spectrum can be expressed
as [41]:

�⌫ ⇡ 0.19⇡R⌫ , 1 +�⌫ ⇡ 1� 0.27R⌫ , (1)

where

R⌫ =
⇢⌫

⇢⌫ + ⇢�
(2)

is the ratio of free-streaming neutrino energy density to
the total radiation energy density. If we include the self-
interaction between neutrinos, it would allow them to
remain in thermal equilibrium with each other until rel-
atively late times. As a result of this, the value of free-
streaming neutrino fraction R⌫ will get decreased rela-
tive to its ⇤CDM value, depending on the total number
of neutrinos which are coupled at a particular time. This
would lead to a decrease in the phase shift and an in-
crease in the amplitude of baryon acoustic oscillations.
The CMBmultiple for a particular mode k is given by [41]

l ⇡
(m⇡ � �⌫)

✓⇤
, with ✓⇤ =

D⇤
A

r⇤
s

, (3)

where m⇡ denotes the position of peaks, �⌫ is the phase
shift, D⇤

A
is the distance to the surface of the last scatter-

ing from today, and r⇤
s
is the radius of the sound horizon

at the time of recombination. The D⇤
A

and r⇤
s
are ex-

pressed as a function of the Hubble parameter H(z) as
follows [41];
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=

Z
z
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0
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H(z)
dz, (4)
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=
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X-Ray observations and the observation of 3.5 KeV X-
Ray line [28–37]. However, it has been discussed in [22–
24] that the DW mechanism can be modified by taking
into account the production of active neutrinos through
self-interaction. Interestingly, the modified version of the
same would allow the right value of relic abundance of
KeV-sterile neutrino for the range of active-sterile neu-
trino mixing angle yet unconstrained by X-Ray observa-
tions [22–24]. Another interesting approach to avoid X-
Ray bounds without considering neutrino non-standard
self-interactions is studied in [38].

The motivation to consider Cold Dark Matter (CDM)
as a viable DM candidate is being faded due to non-
observation of signatures of well-motivated CDM candi-
date, neutralino, at the Large Hardon Collider (LHC).
Additionally, though the existence of CDM is totally
compatible with the observations of large scale struc-
ture of the universe, it is inconsistent with the observed
structure at small scale structure of the universe [39].
On the other hand, WDM candidates have been able to
successfully address almost all the e↵ects found at small
scale structure of the universe. In view of this, there
is a growing interest in exploring the viability of pop-
ular WDM candidates such as sterile neutrino, axions
etc. [39, 40]. As the self-interacting neutrino solution
of Hubble tension indicates new physics beyond ⇤CDM
model, it would be worthwhile to explore if there is a
synergy between the self-interacting neutrino model re-
quired by Hubble tension and modified DW-based pro-
duction mechanism of KeV-neutrino DM. As the cosmo-
logical data is becoming more and more precise, the inti-
mate connection between the two issues shall open up
a new window to the observational signatures of DM
from recent cosmological data. Thus, in this work, we
have calculated the relic abundance of KeV-sterile neu-
trino by taking a specific range of the strength of self-
interactions required to solve Hubble tension. We have
also obtained the m⌫s � sin2 2✓ parameter space for the
preferred range of Ge↵ and analysed if it is still consistent
with constraints from X-Ray observations.

The plan of the rest of the paper is as follows: In $II,
we briefly review the physics of self-interacting neutrino
and its role in alleviating the Hubble tension. In $III.A
and $III.B, we review the calculation of relic abundance
of sterile neutrino produced through standard DW mech-
anism and the modified DW mechanism respectively. In
$IV, we scanned over the parameter space of neutrino
mass and mixing between sterile and SM neutrino suited
to obtain the right value of relic abundance of KeV-sterile
neutrino for the range of Ge↵ obtained from the consider-
ation of Hubble tension. In $V, we present a toy version
of the phenomenological model which would naturally ex-
plain the required mass of SM and sterile neutrino DM
while keeping suppressed value of active-sterile neutrino
mixing angle as required from the results obtained in
$IV. In subsection $V.a, we verify that the decay of mas-
sive scalar mediator � into sterile neutrinos would not
thermalize the right-handed neutrino before the epoch

of Big-Bang Nucleosynthesis (BBN). Hence, there would
not be any e↵ect in the observed relativistic degrees of
freedom �Ne↵ . Finally, in $VI, we discuss our results
with interesting conclusions and future directions.
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In this section, we briefly review the e↵ect of self-
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trum which leads to the change in the present day Hub-
ble constant. In the standard ⇤CDM model, the pertur-
bations of active neutrinos free-streaming through the
photon-baryon plasma generates the anisotropic stress
which further modifies the gravitational potential and
photon perturbations [41, 42]. Given that the neutrino
travels nearly at the speed of light while the photon-
baryon plasma moves roughly at the speed of sound, the
net e↵ect of modified perturbations of photons on the
CMB power spectrum will be imprinted as a change in
the phase shift as well as amplitude of Baryon Acoustic
Oscillations (BAO). The process can be understood as
follows:
In the ⇤CDM model, the phase shift and amplitude

of BAO in the CMB power spectrum can be expressed
as [41]:

�⌫ ⇡ 0.19⇡R⌫ , 1 +�⌫ ⇡ 1� 0.27R⌫ , (1)

where

R⌫ =
⇢⌫

⇢⌫ + ⇢�
(2)

is the ratio of free-streaming neutrino energy density to
the total radiation energy density. If we include the self-
interaction between neutrinos, it would allow them to
remain in thermal equilibrium with each other until rel-
atively late times. As a result of this, the value of free-
streaming neutrino fraction R⌫ will get decreased rela-
tive to its ⇤CDM value, depending on the total number
of neutrinos which are coupled at a particular time. This
would lead to a decrease in the phase shift and an in-
crease in the amplitude of baryon acoustic oscillations.
The CMBmultiple for a particular mode k is given by [41]
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where m⇡ denotes the position of peaks, �⌫ is the phase
shift, D⇤

A
is the distance to the surface of the last scatter-

ing from today, and r⇤
s
is the radius of the sound horizon

at the time of recombination. The D⇤
A

and r⇤
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are ex-

pressed as a function of the Hubble parameter H(z) as
follows [41];
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The CMB multiple for a particular mode: 
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- distance to the last scattering surface from today 
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The small phase shift can shift the position of peaks in the CMB spectrum

The amplitude of the oscillation is also changed by a factor of (1 +�⌫) where

�⌫ ' �0.27R⌫ . (2.10)

This results in a suppression of the CMB power spectrum in ⇤CDM due to free streaming
neutrinos for the modes that enter the horizon before matter-radiation equality. Therefore,
these changes in the photon acoustic oscillations a↵ect the CMB angular power spectra for
` & 200. E↵ectively, the phase shift moves the peaks in the TT and EE power spectra towards
smaller `, and suppresses the power spectra [73].

This story is changed in the presence of self-interacting neutrinos. The self-interaction
stops the neutrinos from free-streaming and delays the neutrino decoupling from the thermal
bath until a later time (zdec) depending on the strength of the interaction. As a result, the
free-streaming neutrino fraction R⌫ is decreased relative to its ⇤CDM value depending on the
number of neutrino species which are coupled at a certain time:

R⌫ = R
⇤CDM
⌫ ⇥
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>>>:

0, for 3c+ 0f

1/3, for 2c+ 1f

2/3, for 1c+ 2f

(2.11)

Decreasing R⌫ in Eq.(2.9) and (2.10) readily implies a phase shift of the CMB spectrum towards
larger `, and an enhancement of power relative to ⇤CDM. The resulting changes in the CMB TT
and EE spectra can be seen in figure 4. In the upper panels, we show D

XX

`
= `(`+1)CXX

`
/(2⇡)

where XX = TT and EE in three SINU scenarios and ⇤CDM. In the lower panels, we show the
fractional changes of the spectrum relative to ⇤CDM. We see that there is an enhancement in
the SINU spectra, and also a phase shift which shows up as wiggles in the fractional di↵erence
plot. In compliance with the explanation above, both of these e↵ects are maximal in 3c+ 0f

and gradually decreases as the number of self interacting states is decreased. Taking everything
into account, we can see that the overall changes in the spectrum are milder when less number
of neutrinos are interacting, which allow these changes to be compensated relatively easily by
changing other parameters.

A higher Hubble parameter can undo the change in the neutrino induced phase shift �⌫

in SINU. This can be understood in terms of the photon transfer function cos(kr⇤s + �⌫) which
sources the acoustic peaks in the CMB spectrum. The CMB multipole corresponding to a mode
k is given by,

` ⇡ kD
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(2.12)

where D⇤
A
is the angular diameter distance, and r

⇤
s is the sound horizon at recombination defined

as,
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H(z)
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where H(z) is the Hubble rate, and cs(z) ⇡ 1/
p
3 is the sound speed in the photon-baryon fluid.

Decrease in the phase shift �⌫ from its ⇤CDM value moves the spectrum towards a higher `
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where cs(z) ⇡ 1/
p
3 is the speed of sound in the baryon-

photon plasma. We can see from eq. 3 that the de-
crease in the phase shift �⌫ due to self-interactions of
neutrinos will shift the position of CMB multiple to-
wards high l values. In order to compensate for the
shift to match with the observed power spectrum, we
have to increase ✓⇤. This can be achieved by increasing
the value of D⇤

A
, while keeping r⇤

s
unchanged. In flat

⇤CDM model, the Hubble constant evolves with redshift
z as H(z) = H0

p
⌦r(1 + z)4 + ⌦m(1 + z)3 + ⌦⇤, where

⌦m, ⌦r and ⌦⇤ corresponds to the fraction of the en-
ergy density acquired by matter, radiation and vacuum
in the universe. If we slightly increase the value of H0

such that there is increase in the value H(z) at low red-
shift while there is negligible change for H(z) at high
redshifts, we will be able to enhance ✓⇤ such that the
observed CMB multipole l would remain unchanged. In
this way, the presence of self-interacting neutrinos neces-
sitates a higher value of H0, thus alleviating the Hubble
tension.

⌫i ⌫i

⌫i ⌫i

�

⌫i

⌫i

⌫i

⌫i

FIG. 1: Feynman diagrams representing the non-standard in-
teraction between neutrinos ⌫i for i = e, µ, ⌧ .

The self neutrino interactions are governed by the fol-
lowing non-renormalizable interaction term:

L � Gij

e↵(⌫̄i⌫i)(⌫̄i⌫i), (6)

where Ge↵ corresponds to e↵ective coupling and ⌫i =
⌫e, ⌫⌫ , ⌫⌧ . In the early universe, this interaction can be
mediated by heavy/light scalars as shown in Feynman
diagram given in fig. 1. It has been found in [12, 13]
that the strength of self-interacting neutrino required to
get the required value of Hubble constant can be cate-
gorized in two regimes, namely strongly-interacting neu-
trino (SI⌫) and moderately-interacting neutrino (MI⌫).
The values of Ge↵ in both regimes are given by :

Ge↵ =

(
(4.7+0.4

�0.6 MeV)�2, SI⌫

(89+171
�61 MeV)�2, MI⌫.

(7)

These values are subjected to severe constraints from dif-
ferent laboratory experiments as well as cosmological ob-
servations [19, 20]. However, we note that after taking
into account all the constraints, there is a small amount of
parameter space left for ⌧ -generation of neutrinos. Thus,
it is interesting to explore whether the viable regime of
Ge↵ is also consistent with the self-interaction strength
required to explain the right value of KeV-sterile neutrino
relic abundance via DW mechanism.

III. KEV-STERILE NEUTRINO DARK
MATTER

In this section, we review the role of self-interacting
neutrinos in generating the relic abundance of KeV-
sterile neutrino DM. The KeV-scale sterile neutrino has
been considered to be a popular warm DM candidate,
alleviating all issues related to small scale structure of
the universe. There exists numerous methods of pro-
ducing sterile neutrinos in the early universe such as
non-resonant Dodelson-Widrow mechanism [25], reso-
nant neutrino oscillations in the presence of lepton asym-
metry [43], inflaton decay [44], decay of heavier parti-
cles [45, 46] etc. Given that the standard DW mechanism
produces sterile neutrino DM without including a lot of
ingredients from the early universe and physics beyond
SM, it has been considered as one of the attractive mech-
anisms to generate the relic abundance of KeV-sterile
neutrino. In the following subsections, we briefly discuss
the calculation of relic abundance of sterile neutrino DM
obtained through standard DW mechanism and modified
DW mechanism in the presence of self-interacting neutri-
nos respectively.

A. Standard Dodelson-Widrow Mechanism

The standard Dodelson-Widrow (DW) mechanism
postulates the existence of an additional SM singlet neu-
trino as realistic WDM candidate [25]. In the flavor ba-
sis, it can be written as a linear combination of active
(SM) ⌫i and sterile neutrino ⌫4, with physical eigenstate
⌫s = ⌫i sin ✓ + ⌫4 cos ✓, with ⌫i = ⌫e, ⌫µ, ⌫⌧ . The angle ✓
measures the mixing between the SM and sterile neutri-
nos. For all practical purposes, we consider ✓ << 1.

In the early universe, the active neutrinos remain in
thermal equilibrium with all other particles while the
sterile neutrinos do not any have any interaction with
SM particles (except feeble interaction with active neu-
trinos). Therefore, it is assumed that the sterile neutrino
has negligible initial abundance. As sterile neutrinos gets
mixed with active neutrino at tree-level, the most e�-
cient production method of sterile neutrino remains due
to active to sterile (⌫i ! ⌫s) oscillations through a mech-
anism similar to the SM neutrino oscillations. Basically,
while neutrino eigenstates propagate freely in the plasma
for some time, they acquire a small component of sterile
neutrino eigenstate. Eventually, the quantum mechanical
“measurement” collapses the neutrino eigenstate into a
sterile state with a small probability. This process contin-
ues until the active neutrinos decouple from the thermal
plasma. After decoupling, the sterile neutrinos present
at that time “freezes in” and left with a non-negligible
relic abundance.

The production of KeV-sterile neutrino DM through
DW mechanism can be described with the help of the
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X-Ray observations and the observation of 3.5 KeV X-
Ray line [28–37]. However, it has been discussed in [22–
24] that the DW mechanism can be modified by taking
into account the production of active neutrinos through
self-interaction. Interestingly, the modified version of the
same would allow the right value of relic abundance of
KeV-sterile neutrino for the range of active-sterile neu-
trino mixing angle yet unconstrained by X-Ray observa-
tions [22–24]. Another interesting approach to avoid X-
Ray bounds without considering neutrino non-standard
self-interactions is studied in [38].

The motivation to consider Cold Dark Matter (CDM)
as a viable DM candidate is being faded due to non-
observation of signatures of well-motivated CDM candi-
date, neutralino, at the Large Hardon Collider (LHC).
Additionally, though the existence of CDM is totally
compatible with the observations of large scale struc-
ture of the universe, it is inconsistent with the observed
structure at small scale structure of the universe [39].
On the other hand, WDM candidates have been able to
successfully address almost all the e↵ects found at small
scale structure of the universe. In view of this, there
is a growing interest in exploring the viability of pop-
ular WDM candidates such as sterile neutrino, axions
etc. [39, 40]. As the self-interacting neutrino solution
of Hubble tension indicates new physics beyond ⇤CDM
model, it would be worthwhile to explore if there is a
synergy between the self-interacting neutrino model re-
quired by Hubble tension and modified DW-based pro-
duction mechanism of KeV-neutrino DM. As the cosmo-
logical data is becoming more and more precise, the inti-
mate connection between the two issues shall open up
a new window to the observational signatures of DM
from recent cosmological data. Thus, in this work, we
have calculated the relic abundance of KeV-sterile neu-
trino by taking a specific range of the strength of self-
interactions required to solve Hubble tension. We have
also obtained the m⌫s � sin2 2✓ parameter space for the
preferred range of Ge↵ and analysed if it is still consistent
with constraints from X-Ray observations.

The plan of the rest of the paper is as follows: In $II,
we briefly review the physics of self-interacting neutrino
and its role in alleviating the Hubble tension. In $III.A
and $III.B, we review the calculation of relic abundance
of sterile neutrino produced through standard DW mech-
anism and the modified DW mechanism respectively. In
$IV, we scanned over the parameter space of neutrino
mass and mixing between sterile and SM neutrino suited
to obtain the right value of relic abundance of KeV-sterile
neutrino for the range of Ge↵ obtained from the consider-
ation of Hubble tension. In $V, we present a toy version
of the phenomenological model which would naturally ex-
plain the required mass of SM and sterile neutrino DM
while keeping suppressed value of active-sterile neutrino
mixing angle as required from the results obtained in
$IV. In subsection $V.a, we verify that the decay of mas-
sive scalar mediator � into sterile neutrinos would not
thermalize the right-handed neutrino before the epoch

of Big-Bang Nucleosynthesis (BBN). Hence, there would
not be any e↵ect in the observed relativistic degrees of
freedom �Ne↵ . Finally, in $VI, we discuss our results
with interesting conclusions and future directions.

II. SELF-INTERACTING NEUTRINO AND
THE HUBBLE TENSION

In this section, we briefly review the e↵ect of self-
interacting nature of neutrinos on the CMB power spec-
trum which leads to the change in the present day Hub-
ble constant. In the standard ⇤CDM model, the pertur-
bations of active neutrinos free-streaming through the
photon-baryon plasma generates the anisotropic stress
which further modifies the gravitational potential and
photon perturbations [41, 42]. Given that the neutrino
travels nearly at the speed of light while the photon-
baryon plasma moves roughly at the speed of sound, the
net e↵ect of modified perturbations of photons on the
CMB power spectrum will be imprinted as a change in
the phase shift as well as amplitude of Baryon Acoustic
Oscillations (BAO). The process can be understood as
follows:
In the ⇤CDM model, the phase shift and amplitude

of BAO in the CMB power spectrum can be expressed
as [41]:

�⌫ ⇡ 0.19⇡R⌫ , 1 +�⌫ ⇡ 1� 0.27R⌫ , (1)

where

R⌫ =
⇢⌫

⇢⌫ + ⇢�
(2)

is the ratio of free-streaming neutrino energy density to
the total radiation energy density. If we include the self-
interaction between neutrinos, it would allow them to
remain in thermal equilibrium with each other until rel-
atively late times. As a result of this, the value of free-
streaming neutrino fraction R⌫ will get decreased rela-
tive to its ⇤CDM value, depending on the total number
of neutrinos which are coupled at a particular time. This
would lead to a decrease in the phase shift and an in-
crease in the amplitude of baryon acoustic oscillations.
The CMBmultiple for a particular mode k is given by [41]

l ⇡
(m⇡ � �⌫)

✓⇤
, with ✓⇤ =

D⇤
A

r⇤
s

, (3)

where m⇡ denotes the position of peaks, �⌫ is the phase
shift, D⇤

A
is the distance to the surface of the last scatter-

ing from today, and r⇤
s
is the radius of the sound horizon

at the time of recombination. The D⇤
A

and r⇤
s
are ex-

pressed as a function of the Hubble parameter H(z) as
follows [41];
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=
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,

- energy density of free streaming neutrinos 
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X-Ray observations and the observation of 3.5 KeV X-
Ray line [28–37]. However, it has been discussed in [22–
24] that the DW mechanism can be modified by taking
into account the production of active neutrinos through
self-interaction. Interestingly, the modified version of the
same would allow the right value of relic abundance of
KeV-sterile neutrino for the range of active-sterile neu-
trino mixing angle yet unconstrained by X-Ray observa-
tions [22–24]. Another interesting approach to avoid X-
Ray bounds without considering neutrino non-standard
self-interactions is studied in [38].

The motivation to consider Cold Dark Matter (CDM)
as a viable DM candidate is being faded due to non-
observation of signatures of well-motivated CDM candi-
date, neutralino, at the Large Hardon Collider (LHC).
Additionally, though the existence of CDM is totally
compatible with the observations of large scale struc-
ture of the universe, it is inconsistent with the observed
structure at small scale structure of the universe [39].
On the other hand, WDM candidates have been able to
successfully address almost all the e↵ects found at small
scale structure of the universe. In view of this, there
is a growing interest in exploring the viability of pop-
ular WDM candidates such as sterile neutrino, axions
etc. [39, 40]. As the self-interacting neutrino solution
of Hubble tension indicates new physics beyond ⇤CDM
model, it would be worthwhile to explore if there is a
synergy between the self-interacting neutrino model re-
quired by Hubble tension and modified DW-based pro-
duction mechanism of KeV-neutrino DM. As the cosmo-
logical data is becoming more and more precise, the inti-
mate connection between the two issues shall open up
a new window to the observational signatures of DM
from recent cosmological data. Thus, in this work, we
have calculated the relic abundance of KeV-sterile neu-
trino by taking a specific range of the strength of self-
interactions required to solve Hubble tension. We have
also obtained the m⌫s � sin2 2✓ parameter space for the
preferred range of Ge↵ and analysed if it is still consistent
with constraints from X-Ray observations.

The plan of the rest of the paper is as follows: In $II,
we briefly review the physics of self-interacting neutrino
and its role in alleviating the Hubble tension. In $III.A
and $III.B, we review the calculation of relic abundance
of sterile neutrino produced through standard DW mech-
anism and the modified DW mechanism respectively. In
$IV, we scanned over the parameter space of neutrino
mass and mixing between sterile and SM neutrino suited
to obtain the right value of relic abundance of KeV-sterile
neutrino for the range of Ge↵ obtained from the consider-
ation of Hubble tension. In $V, we present a toy version
of the phenomenological model which would naturally ex-
plain the required mass of SM and sterile neutrino DM
while keeping suppressed value of active-sterile neutrino
mixing angle as required from the results obtained in
$IV. In subsection $V.a, we verify that the decay of mas-
sive scalar mediator � into sterile neutrinos would not
thermalize the right-handed neutrino before the epoch

of Big-Bang Nucleosynthesis (BBN). Hence, there would
not be any e↵ect in the observed relativistic degrees of
freedom �Ne↵ . Finally, in $VI, we discuss our results
with interesting conclusions and future directions.

II. SELF-INTERACTING NEUTRINO AND
THE HUBBLE TENSION

In this section, we briefly review the e↵ect of self-
interacting nature of neutrinos on the CMB power spec-
trum which leads to the change in the present day Hub-
ble constant. In the standard ⇤CDM model, the pertur-
bations of active neutrinos free-streaming through the
photon-baryon plasma generates the anisotropic stress
which further modifies the gravitational potential and
photon perturbations [41, 42]. Given that the neutrino
travels nearly at the speed of light while the photon-
baryon plasma moves roughly at the speed of sound, the
net e↵ect of modified perturbations of photons on the
CMB power spectrum will be imprinted as a change in
the phase shift as well as amplitude of Baryon Acoustic
Oscillations (BAO). The process can be understood as
follows:
In the ⇤CDM model, the phase shift and amplitude

of BAO in the CMB power spectrum can be expressed
as [41]:

�⌫ ⇡ 0.19⇡R⌫ , 1 +�⌫ ⇡ 1� 0.27R⌫ , (1)

where

R⌫ =
⇢⌫

⇢⌫ + ⇢�
(2)

is the ratio of free-streaming neutrino energy density to
the total radiation energy density. If we include the self-
interaction between neutrinos, it would allow them to
remain in thermal equilibrium with each other until rel-
atively late times. As a result of this, the value of free-
streaming neutrino fraction R⌫ will get decreased rela-
tive to its ⇤CDM value, depending on the total number
of neutrinos which are coupled at a particular time. This
would lead to a decrease in the phase shift and an in-
crease in the amplitude of baryon acoustic oscillations.
The CMBmultiple for a particular mode k is given by [41]
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where m⇡ denotes the position of peaks, �⌫ is the phase
shift, D⇤
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ing from today, and r⇤
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is the radius of the sound horizon
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X-Ray observations and the observation of 3.5 KeV X-
Ray line [28–37]. However, it has been discussed in [22–
24] that the DW mechanism can be modified by taking
into account the production of active neutrinos through
self-interaction. Interestingly, the modified version of the
same would allow the right value of relic abundance of
KeV-sterile neutrino for the range of active-sterile neu-
trino mixing angle yet unconstrained by X-Ray observa-
tions [22–24]. Another interesting approach to avoid X-
Ray bounds without considering neutrino non-standard
self-interactions is studied in [38].

The motivation to consider Cold Dark Matter (CDM)
as a viable DM candidate is being faded due to non-
observation of signatures of well-motivated CDM candi-
date, neutralino, at the Large Hardon Collider (LHC).
Additionally, though the existence of CDM is totally
compatible with the observations of large scale struc-
ture of the universe, it is inconsistent with the observed
structure at small scale structure of the universe [39].
On the other hand, WDM candidates have been able to
successfully address almost all the e↵ects found at small
scale structure of the universe. In view of this, there
is a growing interest in exploring the viability of pop-
ular WDM candidates such as sterile neutrino, axions
etc. [39, 40]. As the self-interacting neutrino solution
of Hubble tension indicates new physics beyond ⇤CDM
model, it would be worthwhile to explore if there is a
synergy between the self-interacting neutrino model re-
quired by Hubble tension and modified DW-based pro-
duction mechanism of KeV-neutrino DM. As the cosmo-
logical data is becoming more and more precise, the inti-
mate connection between the two issues shall open up
a new window to the observational signatures of DM
from recent cosmological data. Thus, in this work, we
have calculated the relic abundance of KeV-sterile neu-
trino by taking a specific range of the strength of self-
interactions required to solve Hubble tension. We have
also obtained the m⌫s � sin2 2✓ parameter space for the
preferred range of Ge↵ and analysed if it is still consistent
with constraints from X-Ray observations.

The plan of the rest of the paper is as follows: In $II,
we briefly review the physics of self-interacting neutrino
and its role in alleviating the Hubble tension. In $III.A
and $III.B, we review the calculation of relic abundance
of sterile neutrino produced through standard DW mech-
anism and the modified DW mechanism respectively. In
$IV, we scanned over the parameter space of neutrino
mass and mixing between sterile and SM neutrino suited
to obtain the right value of relic abundance of KeV-sterile
neutrino for the range of Ge↵ obtained from the consider-
ation of Hubble tension. In $V, we present a toy version
of the phenomenological model which would naturally ex-
plain the required mass of SM and sterile neutrino DM
while keeping suppressed value of active-sterile neutrino
mixing angle as required from the results obtained in
$IV. In subsection $V.a, we verify that the decay of mas-
sive scalar mediator � into sterile neutrinos would not
thermalize the right-handed neutrino before the epoch

of Big-Bang Nucleosynthesis (BBN). Hence, there would
not be any e↵ect in the observed relativistic degrees of
freedom �Ne↵ . Finally, in $VI, we discuss our results
with interesting conclusions and future directions.

II. SELF-INTERACTING NEUTRINO AND
THE HUBBLE TENSION

In this section, we briefly review the e↵ect of self-
interacting nature of neutrinos on the CMB power spec-
trum which leads to the change in the present day Hub-
ble constant. In the standard ⇤CDM model, the pertur-
bations of active neutrinos free-streaming through the
photon-baryon plasma generates the anisotropic stress
which further modifies the gravitational potential and
photon perturbations [41, 42]. Given that the neutrino
travels nearly at the speed of light while the photon-
baryon plasma moves roughly at the speed of sound, the
net e↵ect of modified perturbations of photons on the
CMB power spectrum will be imprinted as a change in
the phase shift as well as amplitude of Baryon Acoustic
Oscillations (BAO). The process can be understood as
follows:
In the ⇤CDM model, the phase shift and amplitude

of BAO in the CMB power spectrum can be expressed
as [41]:

�⌫ ⇡ 0.19⇡R⌫ , 1 +�⌫ ⇡ 1� 0.27R⌫ , (1)

where

R⌫ =
⇢⌫

⇢⌫ + ⇢�
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is the ratio of free-streaming neutrino energy density to
the total radiation energy density. If we include the self-
interaction between neutrinos, it would allow them to
remain in thermal equilibrium with each other until rel-
atively late times. As a result of this, the value of free-
streaming neutrino fraction R⌫ will get decreased rela-
tive to its ⇤CDM value, depending on the total number
of neutrinos which are coupled at a particular time. This
would lead to a decrease in the phase shift and an in-
crease in the amplitude of baryon acoustic oscillations.
The CMBmultiple for a particular mode k is given by [41]
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where m⇡ denotes the position of peaks, �⌫ is the phase
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The small phase shift can shift the position of peaks in the CMB spectrum

This can be compensated by decreasing the value of angular distance DA

Possible by slightly increasing the value of H0  without effecting H(z) at high red shift

The amplitude of the oscillation is also changed by a factor of (1 +�⌫) where

�⌫ ' �0.27R⌫ . (2.10)

This results in a suppression of the CMB power spectrum in ⇤CDM due to free streaming
neutrinos for the modes that enter the horizon before matter-radiation equality. Therefore,
these changes in the photon acoustic oscillations a↵ect the CMB angular power spectra for
` & 200. E↵ectively, the phase shift moves the peaks in the TT and EE power spectra towards
smaller `, and suppresses the power spectra [73].

This story is changed in the presence of self-interacting neutrinos. The self-interaction
stops the neutrinos from free-streaming and delays the neutrino decoupling from the thermal
bath until a later time (zdec) depending on the strength of the interaction. As a result, the
free-streaming neutrino fraction R⌫ is decreased relative to its ⇤CDM value depending on the
number of neutrino species which are coupled at a certain time:

R⌫ = R
⇤CDM
⌫ ⇥

8
>>><

>>>:

0, for 3c+ 0f

1/3, for 2c+ 1f

2/3, for 1c+ 2f

(2.11)

Decreasing R⌫ in Eq.(2.9) and (2.10) readily implies a phase shift of the CMB spectrum towards
larger `, and an enhancement of power relative to ⇤CDM. The resulting changes in the CMB TT
and EE spectra can be seen in figure 4. In the upper panels, we show D

XX

`
= `(`+1)CXX

`
/(2⇡)

where XX = TT and EE in three SINU scenarios and ⇤CDM. In the lower panels, we show the
fractional changes of the spectrum relative to ⇤CDM. We see that there is an enhancement in
the SINU spectra, and also a phase shift which shows up as wiggles in the fractional di↵erence
plot. In compliance with the explanation above, both of these e↵ects are maximal in 3c+ 0f

and gradually decreases as the number of self interacting states is decreased. Taking everything
into account, we can see that the overall changes in the spectrum are milder when less number
of neutrinos are interacting, which allow these changes to be compensated relatively easily by
changing other parameters.

A higher Hubble parameter can undo the change in the neutrino induced phase shift �⌫

in SINU. This can be understood in terms of the photon transfer function cos(kr⇤s + �⌫) which
sources the acoustic peaks in the CMB spectrum. The CMB multipole corresponding to a mode
k is given by,

` ⇡ kD
⇤
A = (m⇡ � �⌫)

D
⇤
A

r⇤s
(2.12)

where D⇤
A
is the angular diameter distance, and r

⇤
s is the sound horizon at recombination defined

as,

D
⇤
A =

Z
z
⇤

0

1

H(z)
dz, r

⇤
s =

Z 1

z⇤

cs(z)

H(z)
dz (2.13)

where H(z) is the Hubble rate, and cs(z) ⇡ 1/
p
3 is the sound speed in the photon-baryon fluid.

Decrease in the phase shift �⌫ from its ⇤CDM value moves the spectrum towards a higher `

– 10 –

3

where cs(z) ⇡ 1/
p
3 is the speed of sound in the baryon-

photon plasma. We can see from eq. 3 that the de-
crease in the phase shift �⌫ due to self-interactions of
neutrinos will shift the position of CMB multiple to-
wards high l values. In order to compensate for the
shift to match with the observed power spectrum, we
have to increase ✓⇤. This can be achieved by increasing
the value of D⇤

A
, while keeping r⇤

s
unchanged. In flat

⇤CDM model, the Hubble constant evolves with redshift
z as H(z) = H0

p
⌦r(1 + z)4 + ⌦m(1 + z)3 + ⌦⇤, where

⌦m, ⌦r and ⌦⇤ corresponds to the fraction of the en-
ergy density acquired by matter, radiation and vacuum
in the universe. If we slightly increase the value of H0

such that there is increase in the value H(z) at low red-
shift while there is negligible change for H(z) at high
redshifts, we will be able to enhance ✓⇤ such that the
observed CMB multipole l would remain unchanged. In
this way, the presence of self-interacting neutrinos neces-
sitates a higher value of H0, thus alleviating the Hubble
tension.

⌫i ⌫i

⌫i ⌫i

�

⌫i

⌫i

⌫i

⌫i

FIG. 1: Feynman diagrams representing the non-standard in-
teraction between neutrinos ⌫i for i = e, µ, ⌧ .

The self neutrino interactions are governed by the fol-
lowing non-renormalizable interaction term:

L � Gij

e↵(⌫̄i⌫i)(⌫̄i⌫i), (6)

where Ge↵ corresponds to e↵ective coupling and ⌫i =
⌫e, ⌫⌫ , ⌫⌧ . In the early universe, this interaction can be
mediated by heavy/light scalars as shown in Feynman
diagram given in fig. 1. It has been found in [12, 13]
that the strength of self-interacting neutrino required to
get the required value of Hubble constant can be cate-
gorized in two regimes, namely strongly-interacting neu-
trino (SI⌫) and moderately-interacting neutrino (MI⌫).
The values of Ge↵ in both regimes are given by :

Ge↵ =

(
(4.7+0.4

�0.6 MeV)�2, SI⌫

(89+171
�61 MeV)�2, MI⌫.

(7)

These values are subjected to severe constraints from dif-
ferent laboratory experiments as well as cosmological ob-
servations [19, 20]. However, we note that after taking
into account all the constraints, there is a small amount of
parameter space left for ⌧ -generation of neutrinos. Thus,
it is interesting to explore whether the viable regime of
Ge↵ is also consistent with the self-interaction strength
required to explain the right value of KeV-sterile neutrino
relic abundance via DW mechanism.

III. KEV-STERILE NEUTRINO DARK
MATTER

In this section, we review the role of self-interacting
neutrinos in generating the relic abundance of KeV-
sterile neutrino DM. The KeV-scale sterile neutrino has
been considered to be a popular warm DM candidate,
alleviating all issues related to small scale structure of
the universe. There exists numerous methods of pro-
ducing sterile neutrinos in the early universe such as
non-resonant Dodelson-Widrow mechanism [25], reso-
nant neutrino oscillations in the presence of lepton asym-
metry [43], inflaton decay [44], decay of heavier parti-
cles [45, 46] etc. Given that the standard DW mechanism
produces sterile neutrino DM without including a lot of
ingredients from the early universe and physics beyond
SM, it has been considered as one of the attractive mech-
anisms to generate the relic abundance of KeV-sterile
neutrino. In the following subsections, we briefly discuss
the calculation of relic abundance of sterile neutrino DM
obtained through standard DW mechanism and modified
DW mechanism in the presence of self-interacting neutri-
nos respectively.

A. Standard Dodelson-Widrow Mechanism

The standard Dodelson-Widrow (DW) mechanism
postulates the existence of an additional SM singlet neu-
trino as realistic WDM candidate [25]. In the flavor ba-
sis, it can be written as a linear combination of active
(SM) ⌫i and sterile neutrino ⌫4, with physical eigenstate
⌫s = ⌫i sin ✓ + ⌫4 cos ✓, with ⌫i = ⌫e, ⌫µ, ⌫⌧ . The angle ✓
measures the mixing between the SM and sterile neutri-
nos. For all practical purposes, we consider ✓ << 1.

In the early universe, the active neutrinos remain in
thermal equilibrium with all other particles while the
sterile neutrinos do not any have any interaction with
SM particles (except feeble interaction with active neu-
trinos). Therefore, it is assumed that the sterile neutrino
has negligible initial abundance. As sterile neutrinos gets
mixed with active neutrino at tree-level, the most e�-
cient production method of sterile neutrino remains due
to active to sterile (⌫i ! ⌫s) oscillations through a mech-
anism similar to the SM neutrino oscillations. Basically,
while neutrino eigenstates propagate freely in the plasma
for some time, they acquire a small component of sterile
neutrino eigenstate. Eventually, the quantum mechanical
“measurement” collapses the neutrino eigenstate into a
sterile state with a small probability. This process contin-
ues until the active neutrinos decouple from the thermal
plasma. After decoupling, the sterile neutrinos present
at that time “freezes in” and left with a non-negligible
relic abundance.

The production of KeV-sterile neutrino DM through
DW mechanism can be described with the help of the
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X-Ray observations and the observation of 3.5 KeV X-
Ray line [28–37]. However, it has been discussed in [22–
24] that the DW mechanism can be modified by taking
into account the production of active neutrinos through
self-interaction. Interestingly, the modified version of the
same would allow the right value of relic abundance of
KeV-sterile neutrino for the range of active-sterile neu-
trino mixing angle yet unconstrained by X-Ray observa-
tions [22–24]. Another interesting approach to avoid X-
Ray bounds without considering neutrino non-standard
self-interactions is studied in [38].

The motivation to consider Cold Dark Matter (CDM)
as a viable DM candidate is being faded due to non-
observation of signatures of well-motivated CDM candi-
date, neutralino, at the Large Hardon Collider (LHC).
Additionally, though the existence of CDM is totally
compatible with the observations of large scale struc-
ture of the universe, it is inconsistent with the observed
structure at small scale structure of the universe [39].
On the other hand, WDM candidates have been able to
successfully address almost all the e↵ects found at small
scale structure of the universe. In view of this, there
is a growing interest in exploring the viability of pop-
ular WDM candidates such as sterile neutrino, axions
etc. [39, 40]. As the self-interacting neutrino solution
of Hubble tension indicates new physics beyond ⇤CDM
model, it would be worthwhile to explore if there is a
synergy between the self-interacting neutrino model re-
quired by Hubble tension and modified DW-based pro-
duction mechanism of KeV-neutrino DM. As the cosmo-
logical data is becoming more and more precise, the inti-
mate connection between the two issues shall open up
a new window to the observational signatures of DM
from recent cosmological data. Thus, in this work, we
have calculated the relic abundance of KeV-sterile neu-
trino by taking a specific range of the strength of self-
interactions required to solve Hubble tension. We have
also obtained the m⌫s � sin2 2✓ parameter space for the
preferred range of Ge↵ and analysed if it is still consistent
with constraints from X-Ray observations.

The plan of the rest of the paper is as follows: In $II,
we briefly review the physics of self-interacting neutrino
and its role in alleviating the Hubble tension. In $III.A
and $III.B, we review the calculation of relic abundance
of sterile neutrino produced through standard DW mech-
anism and the modified DW mechanism respectively. In
$IV, we scanned over the parameter space of neutrino
mass and mixing between sterile and SM neutrino suited
to obtain the right value of relic abundance of KeV-sterile
neutrino for the range of Ge↵ obtained from the consider-
ation of Hubble tension. In $V, we present a toy version
of the phenomenological model which would naturally ex-
plain the required mass of SM and sterile neutrino DM
while keeping suppressed value of active-sterile neutrino
mixing angle as required from the results obtained in
$IV. In subsection $V.a, we verify that the decay of mas-
sive scalar mediator � into sterile neutrinos would not
thermalize the right-handed neutrino before the epoch

of Big-Bang Nucleosynthesis (BBN). Hence, there would
not be any e↵ect in the observed relativistic degrees of
freedom �Ne↵ . Finally, in $VI, we discuss our results
with interesting conclusions and future directions.

II. SELF-INTERACTING NEUTRINO AND
THE HUBBLE TENSION

In this section, we briefly review the e↵ect of self-
interacting nature of neutrinos on the CMB power spec-
trum which leads to the change in the present day Hub-
ble constant. In the standard ⇤CDM model, the pertur-
bations of active neutrinos free-streaming through the
photon-baryon plasma generates the anisotropic stress
which further modifies the gravitational potential and
photon perturbations [41, 42]. Given that the neutrino
travels nearly at the speed of light while the photon-
baryon plasma moves roughly at the speed of sound, the
net e↵ect of modified perturbations of photons on the
CMB power spectrum will be imprinted as a change in
the phase shift as well as amplitude of Baryon Acoustic
Oscillations (BAO). The process can be understood as
follows:
In the ⇤CDM model, the phase shift and amplitude

of BAO in the CMB power spectrum can be expressed
as [41]:

�⌫ ⇡ 0.19⇡R⌫ , 1 +�⌫ ⇡ 1� 0.27R⌫ , (1)

where

R⌫ =
⇢⌫

⇢⌫ + ⇢�
(2)

is the ratio of free-streaming neutrino energy density to
the total radiation energy density. If we include the self-
interaction between neutrinos, it would allow them to
remain in thermal equilibrium with each other until rel-
atively late times. As a result of this, the value of free-
streaming neutrino fraction R⌫ will get decreased rela-
tive to its ⇤CDM value, depending on the total number
of neutrinos which are coupled at a particular time. This
would lead to a decrease in the phase shift and an in-
crease in the amplitude of baryon acoustic oscillations.
The CMBmultiple for a particular mode k is given by [41]

l ⇡
(m⇡ � �⌫)

✓⇤
, with ✓⇤ =

D⇤
A

r⇤
s

, (3)

where m⇡ denotes the position of peaks, �⌫ is the phase
shift, D⇤

A
is the distance to the surface of the last scatter-

ing from today, and r⇤
s
is the radius of the sound horizon

at the time of recombination. The D⇤
A

and r⇤
s
are ex-

pressed as a function of the Hubble parameter H(z) as
follows [41];

D⇤
A
=

Z
z
⇤

0

1

H(z)
dz, (4)

r⇤
s
=

Z 1

z⇤

cs(z)

H(z)
dz, (5)

,


